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GRB jets in multi-wavelength observations and numerical simulations


多波長観測と数値シミュレーションから迫る　　　
　　　　　　　　　　     GRBジェットの全体像

1

May. 24-27, 2022, ICRR high-energy astrophysics group workshop



Introduction

2



1.5
1

0.5E p
 (M

eV
)

100500
Time Since BATSE Trigger (s)

-2

-1

0

_

2.5
2

1.5

x1
02  

100500

4

2x1
02  

2
1.5

1x1
02  

1.5
1

0.5
0

x1
04  

3
2
1

x1
04  

3

2

1

x1
01  

R
at

e 
(c

ou
nt

s/
s)

8–13 keV
BATSE-SD0

24–120 keV
BATSE-LAD0

320–1090 keV
BATSE-LAD0

1–2 MeV
COMPTEL
Burst Mode

2–4 MeV
COMPTEL
Burst Mode

4–8 MeV
BATSE-SD4

• a burst of gamma-rays in the sky 
• duration > 2 sec → long-duration GRB  
• massive stars’ explosive death → relativistic jet 
• association with supernovae (SNe), in particular, 

SNe-Ic
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GRB gamma-ray light curve, Briggs+ (1999)



Typical GRB gamma-ray spectrum, Briggs+ (1999)
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• a burst of gamma-rays in the sky 
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and short GRB locations do not show any obvious anisotropy,
which is consistent with an isotropic distribution of GRB
arrival directions. The histograms of the logarithms of GBM-

triggered GRB durations (T50 and T90) are shown in Figure 4.
Using the conventional division between the short and long
GRB classes (T90�2 s andT90>2 s, respectively), we find

Figure 3. Sky distribution of GBM-triggered GRBs in celestial coordinates. Crosses indicate long GRBs (T90 > 2 s); asterisks indicate short GRBs.

Figure 4. T50 (left) and T90 (right) distributions. Lines show the best-fitting models.

Figure 5. Scatter plots of spectral hardness vs. duration are shown for the two duration measures T50 (left plot) and T90 (right plot). The estimated errors for both
quantities are not shown but can be quite large for the weak events. Nevertheless, the anti-correlation of spectral hardness with burst duration is evident.
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Progress in (long-)GRB studies 
• GRB 670702: first GRB detected by Vela satellite (but, classified at first)  

• GRB 970228: first optical afterglow detection and redshift determination 

• GRB 980425: first SN detection in the optical afterglow 

• GRB 171205A: optical spectroscopic observations within < 1 days.       

• GRB 171205A: radio polarization observed by ALMA?  

• GRB 181201A: reverse shock emission decomposed in radio afterglow? 

• GRB 190114C: first GRB in TeV energy band by MAGIC 

• iPTF11agg, AT 2020blt: optically detected afterglow-like transient with no GRB?
11

Izzo+ (2019) including K. Maeda & AS

Laskar+ (2019)

MAGIC collaboration (2019a,b)

Urata+ (2019), but see Laskar+(2020)

・ 
・ 
・

past

nowCenko+(2013), Ho+(2020)
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associated SN redshift

GRB 980425 SN 1998bw z=0.0085

GRB 030329 SN 2003dh z=0.1685

GRB 031203 SN 2003lw z=0.1055

GRB 060218 SN 2006aj z=0.0334

GRB 100316D SN 2010bh z=0.0591

GRB 120425A SN 2012bz z=0.283

GRB 130702A SN2013dx z=0.145

GRB 140606B iPTF4bfu z=0.384

GRB 161219B SN 2016jca z=0.1475

GRB 171205A SN 2017iuk z=0.037

selected GRB-SNe with spectroscopic confirmation

long-duration Gamma-ray bursts

GRB afterglow + SN light: Stanek+ (2005)

• GRB-SN association 
• energetic SNe-Ic with E~1052erg (i.e., hypernovae) 
• various chemical elements found in the SN spectra  
• important tracers of explosion mechanism and 

progenitor system 
• chemical enrichment
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Table 3: GRB-SN Master Table II: SN properties
(mag) (mag) (d) (erg s

�1
) (d) (mag) (10

51
erg) (M�) (M�) (km s

�1
)

GRB SN type z S? Grade M⇤
V �m15,V t⇤V,p Lp,Bol tp,rest �m15,Bol EK Mej MNi vph k̄ s̄ Filters

970228 GRB 0.695 C

980326 GRB D

980425 1998bw llGRB 0.00866 S A �19.29 ± 0.08 0.75 ± 0.02 16.09 ± 0.18 7.33 ⇥ 10
42

15.16 0.80 20 � 30 6 � 10 0.3 � 0.6 18000 1 1

990712 GRB 0.4331 C 26.1+24.6
�15.0

6.6+3.5
�2.9

0.14 ± 0.04 0.36 ± 0.05 1.10 ± 0.20 R

991208 GRB 0.7063 E 38.7+44.6
�26.0

9.7+6.8
�5.6

0.96 ± 0.48 2.11 ± 0.58 1.10 ± 0.20 R

000911 GRB 1.0585 E

011121 2001ke GRB 0.362 S B ⇠ 5.9 ⇥ 10
42 ⇠ 17 17.7+8.8

�6.4
4.4 ± 0.8 0.35 ± 0.01 1.13 ± 0.23 0.84 ± 0.17 BV ⇤

020305 E

020405 GRB 0.68986 C 8.9+5.4
�3.8

2.2+0.6
�0.5

0.23 ± 0.02 0.82 ± 0.14 0.62 ± 0.03 R

020410 D

020903 llGRB 0.2506 S B 28.9+32.2
�18.9

7.3+4.9
�4.0

0.25 ± 0.13 0.61 ± 0.19 0.98 ± 0.02 R

021211 2002lt GRB 1.004 S B 28.5+45.0
�13.0

7.2+7.4
�6.0

0.16 ± 0.14 0.40 ± 0.19 0.98 ± 0.26 R

030329 2003dh GRB 0.16867 S A �19.39 ± 0.14 0.90 ± 0.50 10.74 ± 2.57 1.01 ⇥ 10
43

12.75 0.70 20 � 50 5 � 10 0.4 � 0.6 20000 1.28 ± 0.28 0.87 ± 0.18 UBV ⇤

030723 D

030725 E

031203 2003lw llGRB 0.10536 S A �19.90 ± 0.16 0.64 ± 0.10 19.94 ± 1.48 1.26 ⇥ 10
43

17.33 0.62 60.0 ± 15 13.0 ± 4.0 0.55 ± 0.20 18000 1.65 ± 0.36 1.10 ± 0.24 V RI⇤

040924 GRB 0.858 C

041006 GRB 0.716 C 76.4+39.8
�28.7

19.2+3.9
�3.6

0.69 ± 0.07 1.16 ± 0.06 1.47 ± 0.04 R

050416A INT 0.6528 D

050525A 2005nc GRB 0.606 S B �18.59 ± 0.31 1.17 ± 0.88 11.08 ± 3.37 18.9+10.7
�7.5

4.8+1.1
�1.0

0.24 ± 0.02 0.69 ± 0.03 0.83 ± 0.03 R

050824 GRB 0.8281 E 5.7+9.3
�3.7

1.4+1.6
�0.6

0.26 ± 0.17 1.05 ± 0.42 0.52 ± 0.14 R

060218 2006aj llGRB 0.03342 S A �18.85 ± 0.08 1.08 ± 0.06 9.96 ± 0.18 6.47 ⇥ 10
42

10.42 0.83 1.0 ± 0.5 2.0 ± 0.5 0.20 ± 0.10 20000 0.58 ± 0.13 0.67 ± 0.14 UBV R⇤

060729 GRB 0.5428 D 24.4+14.3
�9.9

6.1+1.6
�1.4

0.36 ± 0.05 0.94 ± 0.10 0.92 ± 0.04 RI

060904B GRB 0.7029 C 9.9+5.1
�3.7

2.5 ± 0.5 0.12 ± 0.01 0.42 ± 0.02 0.65 ± 0.01 R

070419A GRB 0.9705 D

080319B GRB 0.9371 C 22.7+19.1
�11.9

5.7+2.6
�2.2

0.86 ± 0.45 2.30 ± 0.90 0.89 ± 0.10 I

081007 2008hw GRB 0.5295 S B ⇠ 1.4 ⇥ 10
43 ⇠ 12 19.0 ± 15.0 2.3 ± 1.0 0.39 ± 0.08 12600 0.71 ± 0.10 0.85 ± 0.11 riz

090618 GRB 0.54 C �19.34 ± 0.13 0.65 ± 0.17 17.54 ± 1.64 36.5+20.0
�14.2

9.2+2.1
�1.9

0.37 ± 0.03 1.11 ± 0.22 0.98 ± 0.20 B*

091127 2009nz GRB 0.49044 S B ⇠ 1.2 ⇥ 10
43 ⇠ 15 ⇠ 0.5 13.5 ± 0.4 4.7 ± 0.1 0.33 ± 0.01 17000 0.89 ± 0.01 0.88 ± 0.01 I

100316D 2010bh llGRB 0.0592 S A �18.89 ± 0.10 1.10 ± 0.05 8.76 ± 0.37 5.67 ⇥ 10
42

8.76 0.89 15.4 ± 1.4 2.5 ± 0.2 0.12 ± 0.02 35000 0.53 ± 0.15 0.53 ± 0.11 V RI⇤

100418A INT 0.6239 D/E

101219B 2010ma GRB 0.55185 S A/B 1.5 ⇥ 10
43

11.80 0.99 10.0 ± 6.0 1.3 ± 0.5 0.43 ± 0.03 1.16 ± 0.63 0.76 ± 0.10 griz

101225A ULGRB 0.847 D 32.0 ± 16.0 8.1 ± 1.5 0.41 ± 0.03 0.96 ± 0.05 1.02 ± 0.03 i

111209A 2011kl ULGRB 0.67702 A/B 2.91 ⇥ 10
43

14.80 0.78 20 � 90 3 � 5 21000 1.81 ± 0.19 1.08 ± 0.11 iz

111211A 0.478 S B/C

111228A 0.71627 E

120422A 2012bz llGRB 0.28253 S A �19.50 ± 0.03 0.73 ± 0.06 14.20 ± 0.34 1.48 ⇥ 10
43

14.45 0.62 25.5 ± 2.1 6.1 ± 0.5 0.57 ± 0.07 20500 1.13 ± 0.25 0.93 ± 0.19 BV ⇤

120714B 2012eb 0.3984 S B

120729A GRB 0.8 D/E 0.42 ± 0.11 1.02 ± 0.26 1
‡ ri

130215A 2013ez GRB 0.597 S B 0.25 � 0.30 6000 0.6 � 0.75 1
‡ ri

130427A 2013cq GRB 0.3399 S B 64.0 ± 7.0 6.3 ± 0.7 0.28 ± 0.02 35000 0.85 ± 0.03 0.77 ± 0.03 r

130702A 2013dx INT 0.145 S A �19.26 ± 0.24 1.05 ± 0.05 13.86 ± 0.70 1.08 ⇥ 10
43

12.94 0.85 8.2 ± 0.4 3.1 ± 0.1 0.37 ± 0.01 21300 0.98 ± 0.07 0.78 ± 0.05 griz

130831A 2013fu GRB 0.479 S A/B 18.7 ± 9.0 4.7 ± 0.8 0.30 ± 0.07 0.95 ± 0.19 0.82 ± 0.19 B⇤

140606B GRB 0.384 S A/B 19.0 ± 11.0 4.8 ± 1.9 0.42 ± 0.17 19800 1.04 ± 0.24 0.81 ± 0.13 V ⇤

150518A 0.256 C/D

150818A INT 0.282 S B

- 2009bb Rel IcBL 0.009987 S - �18.61 ± 0.28 1.13 ± 0.04 13.37 ± 0.32 18.0 ± 8.0 4.1 ± 1.9 0.19 ± 0.03 15000 0.60 ± 0.05 0.73 ± 0.07 BV RI⇤

- 2012ap Rel IcBL 0.012141 S �18.76 ± 0.33 0.92 ± 0.08 14.43 ± 0.19 9.0 ± 3.0 2.7 ± 0.5 0.12 ± 0.02 13000 1.10 ± 0.23 0.82 ± 0.09 BV RI⇤

S: Denotes one or more spectra of the SN were obtained.

Grades are from Hjorth & Bloom (2012): A: Strong spectroscopic evidence. B: A clear light curve bump as well as some spectroscopic evidence resembling a GRB-SN. C: A clear bump consistent with

other GRB-SNe at the spectroscopic redshift of the GRB. D: A bump, but the inferred SN properties are not fully consistent with other GRB-SNe or the bump was not well sampled or there is no

spectroscopic redshift of the GRB. E: A bump, either of low significance or inconsistent with other GRB-SNe.
⇤
Denotes exact, K-corrected rest-frame filter observable.

‡
Values fixed during fit.

k̄ and s̄ denote the filter-averaged luminosity (k) and stretch (s) factors relative to SN 1998bw.
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060904B GRB 0.7029 C 9.9+5.1
�3.7

2.5 ± 0.5 0.12 ± 0.01 0.42 ± 0.02 0.65 ± 0.01 R

070419A GRB 0.9705 D

080319B GRB 0.9371 C 22.7+19.1
�11.9

5.7+2.6
�2.2

0.86 ± 0.45 2.30 ± 0.90 0.89 ± 0.10 I

081007 2008hw GRB 0.5295 S B ⇠ 1.4 ⇥ 10
43 ⇠ 12 19.0 ± 15.0 2.3 ± 1.0 0.39 ± 0.08 12600 0.71 ± 0.10 0.85 ± 0.11 riz

090618 GRB 0.54 C �19.34 ± 0.13 0.65 ± 0.17 17.54 ± 1.64 36.5+20.0
�14.2

9.2+2.1
�1.9

0.37 ± 0.03 1.11 ± 0.22 0.98 ± 0.20 B*

091127 2009nz GRB 0.49044 S B ⇠ 1.2 ⇥ 10
43 ⇠ 15 ⇠ 0.5 13.5 ± 0.4 4.7 ± 0.1 0.33 ± 0.01 17000 0.89 ± 0.01 0.88 ± 0.01 I

100316D 2010bh llGRB 0.0592 S A �18.89 ± 0.10 1.10 ± 0.05 8.76 ± 0.37 5.67 ⇥ 10
42

8.76 0.89 15.4 ± 1.4 2.5 ± 0.2 0.12 ± 0.02 35000 0.53 ± 0.15 0.53 ± 0.11 V RI⇤

100418A INT 0.6239 D/E

101219B 2010ma GRB 0.55185 S A/B 1.5 ⇥ 10
43

11.80 0.99 10.0 ± 6.0 1.3 ± 0.5 0.43 ± 0.03 1.16 ± 0.63 0.76 ± 0.10 griz

101225A ULGRB 0.847 D 32.0 ± 16.0 8.1 ± 1.5 0.41 ± 0.03 0.96 ± 0.05 1.02 ± 0.03 i

111209A 2011kl ULGRB 0.67702 A/B 2.91 ⇥ 10
43

14.80 0.78 20 � 90 3 � 5 21000 1.81 ± 0.19 1.08 ± 0.11 iz

111211A 0.478 S B/C

111228A 0.71627 E

120422A 2012bz llGRB 0.28253 S A �19.50 ± 0.03 0.73 ± 0.06 14.20 ± 0.34 1.48 ⇥ 10
43

14.45 0.62 25.5 ± 2.1 6.1 ± 0.5 0.57 ± 0.07 20500 1.13 ± 0.25 0.93 ± 0.19 BV ⇤

120714B 2012eb 0.3984 S B

120729A GRB 0.8 D/E 0.42 ± 0.11 1.02 ± 0.26 1
‡ ri

130215A 2013ez GRB 0.597 S B 0.25 � 0.30 6000 0.6 � 0.75 1
‡ ri

130427A 2013cq GRB 0.3399 S B 64.0 ± 7.0 6.3 ± 0.7 0.28 ± 0.02 35000 0.85 ± 0.03 0.77 ± 0.03 r

130702A 2013dx INT 0.145 S A �19.26 ± 0.24 1.05 ± 0.05 13.86 ± 0.70 1.08 ⇥ 10
43

12.94 0.85 8.2 ± 0.4 3.1 ± 0.1 0.37 ± 0.01 21300 0.98 ± 0.07 0.78 ± 0.05 griz

130831A 2013fu GRB 0.479 S A/B 18.7 ± 9.0 4.7 ± 0.8 0.30 ± 0.07 0.95 ± 0.19 0.82 ± 0.19 B⇤

140606B GRB 0.384 S A/B 19.0 ± 11.0 4.8 ± 1.9 0.42 ± 0.17 19800 1.04 ± 0.24 0.81 ± 0.13 V ⇤

150518A 0.256 C/D

150818A INT 0.282 S B

- 2009bb Rel IcBL 0.009987 S - �18.61 ± 0.28 1.13 ± 0.04 13.37 ± 0.32 18.0 ± 8.0 4.1 ± 1.9 0.19 ± 0.03 15000 0.60 ± 0.05 0.73 ± 0.07 BV RI⇤

- 2012ap Rel IcBL 0.012141 S �18.76 ± 0.33 0.92 ± 0.08 14.43 ± 0.19 9.0 ± 3.0 2.7 ± 0.5 0.12 ± 0.02 13000 1.10 ± 0.23 0.82 ± 0.09 BV RI⇤

S: Denotes one or more spectra of the SN were obtained.

Grades are from Hjorth & Bloom (2012): A: Strong spectroscopic evidence. B: A clear light curve bump as well as some spectroscopic evidence resembling a GRB-SN. C: A clear bump consistent with

other GRB-SNe at the spectroscopic redshift of the GRB. D: A bump, but the inferred SN properties are not fully consistent with other GRB-SNe or the bump was not well sampled or there is no

spectroscopic redshift of the GRB. E: A bump, either of low significance or inconsistent with other GRB-SNe.
⇤
Denotes exact, K-corrected rest-frame filter observable.

‡
Values fixed during fit.

k̄ and s̄ denote the filter-averaged luminosity (k) and stretch (s) factors relative to SN 1998bw.

43

GRB-SNe properties 
                      Cano+(2017)

• GRB-SN association 
• energetic SNe-Ic with E~1052erg (i.e., hypernovae) 
• various chemical elements found in the SN spectra  
• important tracers of explosion mechanism and 

progenitor system 
• chemical enrichment 
• SN ejecta mass of 2 - 10 Msun 
• Ni mass (SN power source) of 0.1 - 1(?) Msun

long-duration Gamma-ray bursts
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Problems in Gamma-ray bursts
• multi-wavelength observations are essential 
• prompt γ-ray detection 
• afterglow from radio to TeV



• still mysterious 
• synchrotron? photospheric? 
• energy dissipation mechanism: magnetic? internal shock?
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• TeV gamma-ray emission has been detected for a few GRBs 
• likely Synchrotron Self-Compton 
• Can GRBs be UHECR acceleration site?
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• X-ray afterglow 
• addition energy injection from the compact object? 
• magnetar engine?

central engine
SN ejecta
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jet

a few 104km/s 
~ 0.03~0.06 c
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Plateau emission and its origin

GRB afterglows in X-rays, Racusin+(2009)
Optical afterglows, Kann+(2010)



• neutron star formation: fast-rotating highly magnetized NS ? (e.g., Usov 1992) 
• black hole formation: BH + accretion disk = collapsar ? (e.g., MacFadyen&Woosley 

1999)

GRB engine: NS or BH formation?

central engine
SN ejecta

photosphere

jet

Rotating Neutron Star© ESO 

BH accretion disk© NASA 18



• How GRB jet and SN coexist in a collapsing massive star? 
• 56Ni production site? 
• GRB jet itself is inefficient for 56Ni production ↔︎ 0.1-0.4Msun 56Ni in observations

GRB-SN connection and Ni problem

central engine
SN ejecta

photosphere

jet

Rotating Neutron Star© ESO 

BH accretion disk© NASA 19



• heavy element synthesis: a promising r-process site 
• how the synthesized elements are ejected and distributed in SN?

 Magneto-rotational CCSN: Mösta+ (2014)

Nishimura, Takiwaki, &Thielemann (2015)
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GRB-SNe as a r-process site?



• heavy element synthesis: a promising r-process site 
• how the synthesized elements are ejected and distributed in SN?

central engine
SN ejecta

photosphere

jet
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at late times (Fig. 3). Although such an excess may, in principle, be 
degenerate with other effects, the presence of r-process elements may 
be revealed in combination with NIR spectra and future observa-
tions of neutron-star mergers. Once the unique late NIR signatures of  
r-process elements are pinned down empirically by observations of 
future neutron-star mergers (‘pure’ r-process sources)—for example, 
by the James Webb Space Telescope—similar (but narrower, owing 
to the lower ejecta velocity) line features could be sought in late-time 
spectra of GRB supernovae. Indeed, the early-time ‘MHD supernova’ 
phase of the explosion24 is probably already ruled out as a heavy  
r-process site; unlike in the delayed disk wind scenario described here, 
high-opacity r-process material generated during the explosion phase 
would necessarily be mixed to high velocities with the 56Ni in a way 
that would be incompatible with present observations of GRB super-
novae (Fig. 3).

Collapsars as the dominant sources of the Galactic r-process help 
alleviate several of the observational challenges for neutron-star merger 
models. It remains a long-standing question whether the average delay 
required for binary neutron stars to coalesce after star formation is suf-
ficiently short to explain the high r-process abundances in metal-poor 
halo stars, that is, those polluted by just a few generations of stars. 
Though this tension may be relieved by more consistent Galactic chem-
ical evolution histories that account for cosmic structure growth25,26, 
or considering alternative formation channels at high redshift27, the 
issue remains unsettled. Collapsars, by contrast, occur primarily in 
low-metallicity environments28 and thus would be over-represented 
among the first generations of stars, providing a natural explanation 
for the observed carbon-enhanced metal-poor stars with high r-process 
enrichment29.

The most direct current evidence for a single r-process event comes 
from the ultra-faint dwarf galaxy Reticulum II, which was polluted 
early in its history by a rare, high-yield source14. Though a neutron- 
star merger indeed provides a high r-process yield, the supernova 
explosions giving birth to the two neutron stars would need to impart 
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Fig. 1 | Various stages of collapsar accretion and nucleosynthetic yields.  
a, Typical collapsar fallback accretion rate ( !Mfb, on a logarithmic scale) 
versus accreted mass, with arrows indicating the accretion stages ! ! !M M M, ,1 2 3 
simulated here (see Methods). Vertical dotted lines indicate initial black hole 
formation and the part of the accretion process powering the γ-ray burst. 
Horizontal bands indicate the different nucleosynthetic regimes of the disk 
outflows as identified from the simulations, and are labelled on the left.  
b, Simulation snapshots of the disk’s equatorial plane for the three  
different accretion stages, showing that above a critical threshold of 

˙ ≈ − −
"M M10 sign

3 1 mild electron degeneracy (η = µe/(kBT) ≈ 1; lower half 
of plots, colour scale on the right) is established, which drives the disk 
midplane neutron-rich (proton fraction .#Y 0 5e ; upper half of plots, colour 
scale on the right). c, Abundance distributions of nuclei synthesized in the 
disk outflows at the three different accretion stages (see key; dots represent 
the observed Solar System abundances). Above !Mign, a heavy r-process up to 
atomic mass numbers of around 195 is obtained ! !M M( , )1 2 , whereas below 
!Mign a rapid transition to outflows rich in 56Ni and 4He is observed !M( )3 .
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Fig. 2 | Nucleosynthesis yields at the simulated collapsar accretion 
stages. Mass fractions for first-peak (red; atomic mass number A ≈ 80), 
second-peak (blue; A ≈ 130) and third-peak (green; A ≈ 195) r-process 
nuclei synthesized in the disk outflows are shown, as well as 56Ni (cyan) 
and helium (4He; purple) mass fractions, for the three accretion regimes 
!M1, !M2 and !M3 (from left to right). A sharp transition from a heavy 

r-process regime to 56Ni-rich outflows around a characteristic ignition 
threshold ˙ ≈ − −

"M M10 sign
3 1, vertical dashed line, is apparent 

(see Methods). Uncertainties in the nucleosynthetic yields show the range 
of values obtained by using two different treatments of neutrino emission 
(see Methods). Uncertainties in the accretion rate are bracketed by the 
range of values attained during the simulation period used to monitor the 
accretion rate (see Methods; Extended Data Fig. 3).
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Collapsars as a major source of r-process elements
Daniel M. Siegel1,2,3,4*, Jennifer Barnes1,2 & Brian D. Metzger1,2

The production of elements by rapid neutron capture (r-process) 
in neutron-star mergers is expected theoretically and is supported 
by multimessenger observations1–3 of gravitational-wave event 
GW170817: this production route is in principle sufficient to 
account for most of the r-process elements in the Universe4. Analysis 
of the kilonova that accompanied GW170817 identified5,6 delayed 
outflows from a remnant accretion disk formed around the newly 
born black hole7–10 as the dominant source of heavy r-process 
material from that event9,11. Similar accretion disks are expected 
to form in collapsars (the supernova-triggering collapse of rapidly 
rotating massive stars), which have previously been speculated to 
produce r-process elements12,13. Recent observations of stars rich 
in such elements in the dwarf galaxy Reticulum II14, as well as the 
Galactic chemical enrichment of europium relative to iron over 
longer timescales15,16, are more consistent with rare supernovae 
acting at low stellar metallicities than with neutron-star mergers. 
Here we report simulations that show that collapsar accretion disks 
yield sufficient r-process elements to explain observed abundances 
in the Universe. Although these supernovae are rarer than neutron-
star mergers, the larger amount of material ejected per event 
compensates for the lower rate of occurrence. We calculate that 
collapsars may supply more than 80 per cent of the r-process content 
of the Universe.

We have performed a suite of three-dimensional, general-relativistic  
magnetohydrodynamic (MHD) simulations of neutrino-cooled accre-
tion disks with initial nuclear compositions characteristic of collap-
sars (Fig. 1) in order to quantify the nucleosynthesis products of the 
unbound outflows from the disk (see Methods). We consider three 
different disk masses, in order to explore the outflow properties across 
the range of accretion rates experienced at different epochs in the  
collapsar disk evolution. We post-process the thermodynamic trajecto-
ries of tracer particles tracking the unbound matter using an r-process 
reaction network to determine their detailed nucleosynthetic yields, 
accounting for the absorption of electron neutrinos and antineutri-
nos from the disk on the proton fraction of the winds. For black hole 
accretion rates in the range >0.003M! s−1 to 0.1M! s−1 (where M! is 
the solar mass), needed to explain the observed energetics and times-
cales of long γ-ray bursts (GRBs; commonly invoked as resulting from 
relativistic jets driven by collapsar accretion12), we find that the wind 
ejecta are neutron-rich and robustly synthesize both light and heavy 
r-process nuclei, extending up to the third abundance peak at atomic 
mass number A ≈ 195 (Figs. 1, 2; see Methods). Previous studies of 
collapsar accretion disks did not find the synthesis of such nuclei in disk 
outflows, either because simulations assumed equal number of protons 
and neutrons12 instead of self-consistently evolving the proton frac-
tion under charged-current weak interactions, or because parametrized 
models assumed the disk winds to be entirely neutrino-driven, in which 
case outflowing matter absorbed many electron neutrinos generated 
from the disk and experienced high rates of positron captures17,18 
(see Methods).

Although the infalling progenitor star is composed of approximately 
equal numbers of neutrons and protons, matter is driven once in  
the disk midplane to a neutron-rich state (proton fraction ."0 5) by 

electron capture reactions on protons. (The proton fraction is defined 
as the ratio in number densities of protons to all baryons—protons and 
neutrons—and, for historical reasons, is referred to as the electron frac-
tion, Ye.) For sufficiently high accretion rates (see Methods), neutrino 
cooling regulates the electron chemical potential µe in the midplane to 
a mildly degenerate state (η = µe/(kBT) ≈ 1, where kB is the Boltzmann 
constant and T is the temperature; Fig. 1); this electron degeneracy 
suppresses positron creation and thus reduces the opposing rate of 
positron captures on neutrons19. The large midplane neutron excess is 
preserved in the disk outflows, which expand to large radii sufficiently 
rapidly to avoid substantial neutron destruction by electron neutrinos. 
Neutrinos will have a much more pronounced effect during earlier 
phases following collapse, while the hot proto-neutron star is still pres-
ent before black hole formation20,21; however, only a small fraction of 
the total accreted mass, and thus of the wind ejecta, occurs during this 
phase.

Given their broadly similar physical conditions, it is reasonable 
to expect that the fraction of initially inflowing mass that becomes 
unbound from the inner region of collapsar disks is similar to that in 
neutron-star mergers. However, the total accreted mass in collapsars is 
typically about 30 times larger than in mergers, as expected on theoret-
ical grounds and supported empirically by the similarly larger observed 
jet energies of long GRBs compared to short GRBs22 (the isotropic 
γ-ray luminosities of the burst classes are comparable). The disk wind 
ejecta of approximately 0.03M!−0.06M! inferred from the GW170817 
kilonova then translates into an average collapsar r-process yield of up 
to about 1M! (see Methods). We reach a similar conclusion by com-
paring a toy model for the mass accreted at different rates during the 
collapsar evolution to the range of accretion rates our disk simulations 
show give rise to r-process ejecta (see Methods). The collapsar and 
neutron-star merger scenarios differ in that the collapsar disk outflows 
encounter ram pressure from infalling material of the stellar envelope; 
however, simple analytic arguments as well as previous simulations12 
show that under typical conditions these outflows are powerful enough 
to escape (see Methods). The larger outflow yield per collapsar is more 
than sufficient to make up for their lower cosmically averaged rate as 
compared to neutron-star mergers, thus implicating collapsars as the 
dominant site of the second- and third-peak r-process in our Galaxy 
and Solar System (see Methods).

Observational signatures of the r-process in collapsars should be 
present in their accompanying supernovae. The luminosities of GRB 
supernovae are powered by the large quantity (0.2M!−0.5M!) of radi-
oactive nickel (56Ni), synthesized mainly during the initial explosion 
itself. A moderate quantity of about 10−3M!−0.1M! of 56Ni can be 
generated from the collapsar disk winds at late times, but only once 
the accretion rate drops below the r-process threshold, <10−3M! s−1 
(see Methods). Near peak supernova light, the radioactive heating rate 
of 56Ni greatly exceeds that of r-process nuclei, making it possible to 
‘hide’ the latter in GRB supernova light curves and spectra, depending 
on how efficiently the r-process products are mixed outwards into the 
high-velocity layers of the explosion (Fig. 3; see Methods). The pres-
ence of high-opacity lanthanide elements23 deeper within the ejecta 
could nevertheless be visible as excess near-infrared (NIR) emission 

1Department of Physics, Columbia University, New York, NY, USA. 2Columbia Astrophysics Laboratory, Columbia University, New York, NY, USA. 3Perimeter Institute for Theoretical Physics, 
Waterloo, Ontario, Canada. 4University of Guelph, Guelph, Ontario, Canada. *e-mail: dsiegel@perimeterinstitute.ca
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GRB-SNe as a r-process site?



• highly rotating CO star in low-metallicity enviroment 
• mass-loss vs rotation → chemically homogeneous evolution? 
• stellar merger?

GRB progenitor and redshift evolution
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8Msun+9Msun stellar merger producing  
                       a rotating massive star 
                             Schneider+ (2019)



GRB jet unveiled by multi-wavelength 
observations
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Gamma-ray bursts
• multi-wavelength observations are essential 
• prompt γ-ray detection 
• afterglow from radio to TeV
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(sub)TeV-detected GRBs
• GRB 190114C, 189726C, 190829A, …… 
• likely Synchrotron Self-Compton 
• GRB 190829A as an off-axis event?

Multi-wavelength light curves of GRB 190114C, Magic collaboration+(2019)

23 of 48

Figure 6. Left: Multi-wavelength (Radio to TeV g-rays) lightcurve of GRB 190114C. The dashed verticle line indicates the
time when the highly variable prompt emission ended. Right: Broadband high-energy spectrum of GRB 190114C at different
time intervals along with the synchrotron + SSC model fits. The shaded contours shown in different colors indicate the 1s

uncertainties on the model fit to the data. MAGIC data points shown in yellow have been corrected for the EBL absorption
whereas the open white circles are the actual observations. The black dashed curve shows the SSC spectral component without
attenuation from internal gg and EBL absorption. Figures from [171].

sub-TeV to TeV energies by both H.E.S.S and MAGIC (see the reviews by Nava [18], Noda
and Parsons [19] for more details).

5.1. Key Results & Implications
In the following, we briefly discuss the most important implications for GRB physics

from the detection and theoretical modeling of ⇠TeV afterglow emission.

5.1.1. IC Emission is Needed to Explain the VHE g-Rays
As shown in the right panel of Fig. 6, the hardening of the MAGIC detected VHE spectrum

with respect to the LAT detected HE spectrum in GRB 190114C indicates the presence of an
additional spectral component. It simply cannot be explained with synchrotron emission from
the external forward shock alone. Several works that use analytical/semi-analytical [178–182]
and numerical models [183,184] have now been devoted to explaining the ⇠TeV emission as
SSC or a combination of EIC and SSC [185] (however see, e.g., [186] for an alternative model
based on photohadronic emission). Significant differences between the (semi-)analytical and
numerical models arise due to inclusion and more accurate handling of some of the non-linear
processes, such as pair cascades due to internal gg absorption and KN effects. In the end,
the obtained shock microphysical parameters indicate that these bursts are not very different
from the ones that are not detected with a VHE component, which may suggest that SSC
afterglow emission is rather common. In that case, it becomes important to take into account
the energy radiated in the SSC component to understand the global energetics of the bursts.
For example, the energy in the SSC component was ⇠ 40% of that radiated in the main
synchrotron afterglow component for GRB 190114C [172]. Similar inferences regarding the
total energy budget were also drawn before and around the first GeV detections from GRBs
by the Fermi-LAT. It was later shown that on average EGeV/EMeV . 0.1 and at best the two
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(sub)TeV-detected GRBs

Multi-wavelength light curves modeling of GRB 190829A, Sato+(2021)

VHE GRBs, Carosi+(2021, arXiv:2108.04309)

• GRB 190114C, 189726C, 190829A, …… 
• likely Synchrotron Self-Compton 
• GRB 190829A as an off-axis event?
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low-luminosity GRB as off-axis GRB?

high L

low L

D’Elia et al.: GRB 171205A: a low luminosity GRB 7

Fig. 7. Top panel: Swift/XRT (0.3–10 keV) unfolded spectrum
and best-fit model (blackbody component in green and power-
law in blue). Bottom panel: Residuals of the fit to the data.

Fig. 8. Contour plot showing intrinsic column density vs. tem-
perature for the combined WT and late time PC spectrum. Red,
green and blue curves enclose 1�, 2� and 3� confidence con-
tours, respectively.

Let us assume ↵ = �1.2, which is still consistent with the anal-
ysis of the prompt emission at 90% confidence level. Let us also
assume that this GRB is seen o↵-axis and that � decreases by a
factor of ⇠ 500 from when this event is observed on-axis. Thus,
the estimate of Ep would decrease by ⇠ 500, while the estimate
of Eiso would decrease by ⇠ 5001+1.2 = 8.7 ⇥ 105. The on-axis
values of these parameters would thus be Ep,onaxis ⇠ 6⇥ 104 keV
and Eiso,onaxis ⇠ 2⇥1056 erg. In principle, these estimates are now
within ⇠ 2.5� variation from the best fit of the Amati relation.
However, these values are also highly problematic because they
are large compared to those of known GRBs. A GRB with such
parameters would be truly exceptional and unlikely to be found
within the relatively small volume enclosed by the redshift of
GRB 171205A. A higher value of ↵ would only exacerbate the
problem, while lower values of � would not allow the parame-
ters of this GRB to be consistent with the Amati relation. Thus,
GRB171205A seems to be an event that cannot be explained as
a typical cosmological event seen o↵-axis; instead, its emission

Fig. 9. Epeak in rest-frame versus Eiso. The Swift/BAT GRB sam-
ple (dark blue and red) is adapted from Krimm et al. (2009). The
Konus-Wind GRB sample (light blue and red) is adapted from
Tsvetkova et al. (2017). The yellow stars show GRB 171205A
and several sources defined as low-luminosity GRBs in previous
studies (Campana et al. 2006; Ghisellini et al. 2006; Starling et
al. 2011; Stanway et al. 2015). The red lines are the best fit (solid
line) and the 2.5� variation (dashed line) reported in Krimm et
al. (2009).

mechanism appears to be di↵erent from those of farther away,
very energetic GRBs.

We conclude the section with a word of caution on the out-
liers of the Amati relation. The relation below 1050 erg is not
well studied yet, and in some cases the locations of the outliers
could be due to observational biases (Martone el al. 2017). In
addition, the upper boundary of the Amati relation, as distinct
from the lower one, is strongly a↵ected by instrumental selec-
tion e↵ects (Heussa↵ et al. (2013); Tsvetkova et al. (2017)) and
could not be unequivocally treated as an intrinsic GRB property.
Thus, the problem of the upper-side outliers in the Amati rela-
tion, especially at low Eiso, is rather complicated.

4.2. The UV-optical light curve

At early times, the UV-optical light curves (Fig. 6) are flat (↵1,U
= -0.11 ± 0.08), consistent with the plateau phase observed in
the X-rays, followed by a steeper decay phase (↵2,U = 1.79 ±
0.39). This behaviour has been previously observed for several
Swift GRBs (i.e., Oates et al. 2009; Melandri et al. 2014). At
late times (�t > 3 d) the signature of an emerging supernova
component is clearly visible in the UBV optical filters, and this
was also reported by independent spectroscopic observations (de
Ugarte Postigo et al. 2017a).

In Fig. 10 we fit the early u-band light curve (which is the
best sampled filter since the start of UVOT observations) with
a broken power-law in order to estimate the afterglow contri-
bution. The best fit is then rigidly shifted to the b and v-band
data. The agreement with the data is good and therefore we can
consider the UVOT afterglow to be achromatic. Then we com-
pare the observed u, b, and v light curves for SN 2017iuk with
the corresponding curves for SN 1998bw and SN 2006aj. The
best match of the SN bump is with the template light curves
of SN 2006aj, but lower in magnitude and with the peak time
shifted by ⇠2 d. A simple estimate of the peak time for the b

Eiso

(1+z)Epeak

• nearby GRBs (< a few 100Mpc) are low-luminosity 
GRB 

• smaller Lγ,iso and Eγ,iso by a few orders of magnitudes 
• outliers in Epeak-Eiso relation 
• what are they?

D’Ellia+(2018)
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• nearby GRBs (< a few 100Mpc) are low-luminosity 
GRB 

• smaller Lγ,iso and Eγ,iso by a few orders of magnitudes 
• outliers in Epeak-Eiso relation 
• what are they?

likely less collimated and are detectable in the nearby universe
only.

5. LL-GRBs AS A DISTINCT GRB POPULATION
FROM HL-GRBs

As discussed above, the high detection rate of the LL-GRBsmo-
tivates us to consider the LL-GRBs as a distinct GRB population
from the HL-GRBs. The conventional HL-GRBs generally have
a luminosity of L > 1049 erg s!1. We therefore take a prelimi-
nary criterion of L < 1049 erg s!1 to select our LL-GRB sample.
LL-GRBs are faint. They are only detectable in a small volume of
the local universe, and a large fraction of the population is below
the sensitivity threshold of the detector. The observable LL-GRBs
with Swift are rare events comparable to HL-GRBs. It is unlikely
that a large sample could be established with the current GRB
missions, so it is difficult to investigate !LL through fitting its
log N -log P distribution or through our 1D criteria (as is done
for the HL-population). We can only roughly constrain the !LL

and !LL
0 with a few detections and limits of LL-GRBs. GRBs

980425 and 060218 are two firm detections of LL-GRBs.5 There
are also two other marginal detections for the LL-GRBs, i.e.,
GRBs 031203 (z ¼ 0:105, L ¼ 3:5 ; 1048 erg s!1) and 020903
(z ¼ 0:25, Soderberg et al. 2002; L ¼ 8:3 ; 1048 erg s!1).

5.1. Luminosity Function and Local Rate

With the four detections and the other constraints from obser-
vations,we constrain the LF of these LL-GRBs. The luminosity of
these LL-GRBs ranges from5 ; 1046 erg s!1 to 8:3 ; 1049 erg s!1.
Assuming also a broken power law LF for the LL-population
(similar to eq. [4]), we take Lb around 10

47 erg s!1 and constrain
"1 and"2 by requiring that the 3# contour of the two-dimensional
distribution encloses these LL-GRBs. This places constraints on
both "1 and "2. In order to make the 3 # contour marginally
enclose the nearest burst, GRB 980425, but not overpredict the
detection probability at z < 0:01,"1 should be shallow. Similarly,
"2 is constrained by GRBs 031203 and 020903. Based on these
observational constraints, we search for "LL

1 and "LL
2 by taking

LLLb ¼ (1:0# 0:3) ; 1047 erg s!1. We find that "LL
1 ¼ 0# 0:5

and "LL
2 $ 3:0 4:0 can roughly reflect these constraints. We use

the same simulation method as that for HL-GRBs to derive the
distribution of !LL

0 . The parameters are taken as "LL
1 ¼ 0# 0:5,

"LL
2 ¼ 3:5# 0:5, and LLL

b
¼ (1:0# 0:3) ; 1047 erg s!1. The dis-

tribution of !LL
0 together with that of these parameters are also

shown in Figure 2.We obtain !LL
0 ¼ 325þ352

!177 at a 90% confidence
level. The two-dimensional distribution in the (log L; log z) plane
is shown in Figure 3. It is found that the LL-GRBs form a distinct
‘‘island’’ from the main ‘‘continental’’ population. The detection
rate of the LL-GRBs thus can be explained without overpredict-
ing the HL-GRBs. These results suggest that the current data are
consistent with the conjecture that LL-GRBs form a distinct pop-
ulation from HL-GRBs, with a low luminosity and a high local
rate. The constrained luminosity functions for both HL and LL
populations are displayed in Figure 5a.

5 Note that GRB 060218 shows significant hard-to-soft spectral evolution
(Campana et al. 2006; Ghisellini et al. 2006) and that the peak energy of its in-
tegrated spectrum matches the Amati relation (Amati et al. 2007). GRB 980425
significantly deviates from this relation. Ghisellini et al. (2006) argued that by con-
sidering the spectral evolution effect, GRB 980425 may be consistent with the
Amati relation.

Fig. 5.—(a) The combined LFs of both LL- and HL-GRBs, derived from a set of ordinary parameters (solid line) and from two sets of parameters that are roughly
regarded as the lower (dash-dotted line) and upper (dashed line) limits of the LFs. (b) The observedGRB event rates for both LL- andHL-GRBs as a function of ‘‘enclosing
redshift’’ zenc (i.e., the volume enclosed by this redshift) for the three parameter sets shown in panel (a). The same line styles for different models are adopted in both panels.

LOW-LUMINOSITY GAMMA-RAY BURSTS 1115

Fig. 3.—Jointed contours of the logarithmic GRB detection rate [log (dN /dt)] distribution in a two-dimensional (2D) [ log L, log (z)]-plane, as compared with
observational data ( panel a), assuming that the HL- and LL-GRBs are two distinct populations. The two firm LL-GRBs are denoted by stars, and the SwiftHL-GRBs are
denoted by filled circles. The cross-hatched region marks the limitation of the Swift/BAT detectability, where the threshold is derived by using the Swift/BATsensitivity
in the 50–150 keV band for a standard GRB with Ep ¼ 200 keV in the GRB local frame. The bold solid curve in panel (a) marks the 3 ! confidence level of the 2D
distributions for the HL- and LL-GRBs. The comparisons of the observed 1D distributions of log L and log zwith the model predictions are presented in panels (b) and
(c), respectively. The dashed curve in panel (a) and the dashed lines in panels (b) and (c) are, respectively, the 3 ! contour of the 2D distribution and the corresponding
1D distributions derived from a LF with "HL

1 ¼ 1:05, "HL
2 ¼ 3, and LHLb ¼ 6 ; 1052 erg s"1, which gives a 3 ! contour that can enclose all the HL-GRBs observed by

Swift and pre-Swift missions (see x 7 in the text). [See the electronic edition of the Journal for a color version of this figure.]

Fig. 4.—Same as Fig. 3, but for the case in which the HL- and LL-GRBs are assumed to belong to the same population. [See the electronic edition of the Journal for a
color version of this figure.]

Liang+(2007)

low-luminosity GRB as off-axis GRB?
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• nearby GRBs (< a few 100Mpc) are low-luminosity 
GRB 

• smaller Lγ,iso and Eγ,iso by a few orders of magnitudes 
• outliers in Epeak-Eiso relation 
• what are they?

Campana+(2006)

low-luminosity GRB as off-axis GRB?

ll GRBs

Levan+(2013)
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• nearby GRBs (< a few 100Mpc) are low-luminosity 
GRB 

• smaller Lγ,iso and Eγ,iso by a few orders of magnitudes 
• outliers in Epeak-Eiso relation 
• what are they?

Campana+(2006)

low-luminosity GRB as off-axis GRB?

r-band light curve of GRB 130427A/SN 2013cq, Xu+(2013)

The Astrophysical Journal, 776:98 (6pp), 2013 October 20 Xu et al.

Figure 2. Field of GRB 130427A/SN 2013cq taken at the NOT/ALFOSC at
00:18 UT on 2013 May 13, when it was close to the GTC spectrum time of
00:35 UT on 2013 May 14. North is up and east is to the left. The angular
resolution is 0.′′19 pixel−1 and it is clear that the GRB/SN lies in the northwest
part of its extended host galaxy.

i = 16.92 ± 0.01 mag, z = 16.86 ± 0.02 mag) and the
simultaneous X-ray spectrum by the X-ray Telescope (XRT)
on board the Swift mission.22 Using synchrotron models and
extinction laws from the Local Group (see Krühler et al.
2011 for details), we estimate the reddening of the host to
be E(B − V )host = 0.05 ± 0.02 mag for a Milky Way–type

22 http://www.swift.ac.uk/xrt_curves/554620

extinction law. Within the errors, this value is consistent with
the reddening derived assuming an SMC or LMC extinction law
because of the small amount of reddening and the wavelength
range probed by our observations.

2.2. Spectroscopy

Our first spectrum was obtained using NOT/ALFOSC. The
total exposure was 1800 s with a mean time of 0.44 days
post-burst. The spectrum covers the range 3200–9100 Å with
a resolving power of ∼700. We identify prominent absorption
lines of Mg ii 2796 & 2803, Mg i 2852, and Ca ii 3934 & 3968,
as well as weak emission lines of [O ii] 3727 and Hβ, all at a
common redshift of z = 0.34.

A second spectrum with intermediate resolution was ob-
tained shortly afterward using the Very Large Telescope (VLT)
equipped with the XSHOOTER spectrograph. The continuum
was well detected over the full range 3000–24800 Å. A num-
ber of absorption features are visible, including Fe ii 2344,
Mn ii 2577, Mg ii 2796 & 2803, Mg i 2852, Ti ii 3074, Ca ii 3934
& 3968, Na i 5890 & 5896, and emission lines such as
[O ii] 3727, Hβ, [O iii] 5007, and Hα, all at a common red-
shift of z = 0.3399 ± 0.0002. In the XSHOOTER spectrum,
Na i D 5890 & 5896 absorption was detected at the redshift
of the host. We measure equivalent widths of 0.18 ± 0.02 and
0.08 ± 0.03 Å for the Na i D1 and D2 components, respectively.
Using the relations in Poznanski et al. (2012), we obtain an es-
timate for E(B − V )host = 0.03 ± 0.01 mag, but remark that
there exists a substantial dispersion of E(B − V ) ∼ 0.15 mag
in this relation. Considering different calibrations/systematics
involved in the above E(B − V )host measurements, we adopt
E(B − V )host = 0.05 mag for the host extinction.

Given the relatively low redshift, we planned a third spec-
troscopic observation with the aim of detecting SN signatures.
Based on the light curve evolution, we obtained a spectrum of
the optical counterpart and host galaxy with the 10.4 m Gran
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Figure 3. SDSS r-band light curve of GRB 130427A/SN 2013cq in the observer frame. Filled squares denote host-subtracted magnitudes, while filled circles are
host- and afterglow- (AG) subtracted magnitudes. The shape and brightness of the latter are consistent with that of a core-collapse supernova. The red dashed line is
our AG model (see the text for the best-fitting parameters). The blue solid line plotted against the light curve of SN 2013cq is a model supernova. SN 2013cq peaks
earlier than SN 1998bw and is about 0.2 mag fainter in the rest-frame B band.
(A color version of this figure is available in the online journal.)
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Fig. 7. Top panel: Swift/XRT (0.3–10 keV) unfolded spectrum
and best-fit model (blackbody component in green and power-
law in blue). Bottom panel: Residuals of the fit to the data.

Fig. 8. Contour plot showing intrinsic column density vs. tem-
perature for the combined WT and late time PC spectrum. Red,
green and blue curves enclose 1�, 2� and 3� confidence con-
tours, respectively.

Let us assume ↵ = �1.2, which is still consistent with the anal-
ysis of the prompt emission at 90% confidence level. Let us also
assume that this GRB is seen o↵-axis and that � decreases by a
factor of ⇠ 500 from when this event is observed on-axis. Thus,
the estimate of Ep would decrease by ⇠ 500, while the estimate
of Eiso would decrease by ⇠ 5001+1.2 = 8.7 ⇥ 105. The on-axis
values of these parameters would thus be Ep,onaxis ⇠ 6⇥ 104 keV
and Eiso,onaxis ⇠ 2⇥1056 erg. In principle, these estimates are now
within ⇠ 2.5� variation from the best fit of the Amati relation.
However, these values are also highly problematic because they
are large compared to those of known GRBs. A GRB with such
parameters would be truly exceptional and unlikely to be found
within the relatively small volume enclosed by the redshift of
GRB 171205A. A higher value of ↵ would only exacerbate the
problem, while lower values of � would not allow the parame-
ters of this GRB to be consistent with the Amati relation. Thus,
GRB171205A seems to be an event that cannot be explained as
a typical cosmological event seen o↵-axis; instead, its emission

Fig. 9. Epeak in rest-frame versus Eiso. The Swift/BAT GRB sam-
ple (dark blue and red) is adapted from Krimm et al. (2009). The
Konus-Wind GRB sample (light blue and red) is adapted from
Tsvetkova et al. (2017). The yellow stars show GRB 171205A
and several sources defined as low-luminosity GRBs in previous
studies (Campana et al. 2006; Ghisellini et al. 2006; Starling et
al. 2011; Stanway et al. 2015). The red lines are the best fit (solid
line) and the 2.5� variation (dashed line) reported in Krimm et
al. (2009).

mechanism appears to be di↵erent from those of farther away,
very energetic GRBs.

We conclude the section with a word of caution on the out-
liers of the Amati relation. The relation below 1050 erg is not
well studied yet, and in some cases the locations of the outliers
could be due to observational biases (Martone el al. 2017). In
addition, the upper boundary of the Amati relation, as distinct
from the lower one, is strongly a↵ected by instrumental selec-
tion e↵ects (Heussa↵ et al. (2013); Tsvetkova et al. (2017)) and
could not be unequivocally treated as an intrinsic GRB property.
Thus, the problem of the upper-side outliers in the Amati rela-
tion, especially at low Eiso, is rather complicated.

4.2. The UV-optical light curve

At early times, the UV-optical light curves (Fig. 6) are flat (↵1,U
= -0.11 ± 0.08), consistent with the plateau phase observed in
the X-rays, followed by a steeper decay phase (↵2,U = 1.79 ±
0.39). This behaviour has been previously observed for several
Swift GRBs (i.e., Oates et al. 2009; Melandri et al. 2014). At
late times (�t > 3 d) the signature of an emerging supernova
component is clearly visible in the UBV optical filters, and this
was also reported by independent spectroscopic observations (de
Ugarte Postigo et al. 2017a).

In Fig. 10 we fit the early u-band light curve (which is the
best sampled filter since the start of UVOT observations) with
a broken power-law in order to estimate the afterglow contri-
bution. The best fit is then rigidly shifted to the b and v-band
data. The agreement with the data is good and therefore we can
consider the UVOT afterglow to be achromatic. Then we com-
pare the observed u, b, and v light curves for SN 2017iuk with
the corresponding curves for SN 1998bw and SN 2006aj. The
best match of the SN bump is with the template light curves
of SN 2006aj, but lower in magnitude and with the peak time
shifted by ⇠2 d. A simple estimate of the peak time for the b

Eiso

(1+z)Epeak

GRB 171205A: a GRB-SN in very early stage
• (low-luminosity) GRB 171205A/ SN 2017iuk at 

D=163Mpc 
• optical spectroscopy as early as 0.06 days after GRB 

trigger 
• Eiso~2.2x1049[erg], T90~190[s]
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• (low-luminosity) GRB 171205A/ SN 2017iuk at 
D=163Mpc 

• optical spectroscopy as early as 0.06 days after GRB 
trigger 

• Eiso~2.2x1049[erg], T90~190[s]
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• (low-luminosity) GRB 171205A/ SN 2017iuk at 
D=163Mpc 

• optical spectroscopy as early as 0.06 days after GRB 
trigger 

• Eiso~2.2x1049[erg], T90~190[s]

33

103             104.                105 
Time after GRB [s]

Time after GRB [d]

4000              6000.                 8000 
Wavelength [Å]

Frequency [Hz]

RBB

TBB

L

GRB 171205A: a GRB-SN in very early stage

Izzo+ (2019, Nature) including K. Maeda & AS



• (low-luminosity) GRB 171205A/ SN 2017iuk at 
D=163Mpc 

• optical spectroscopy as early as 0.06 days after GRB 
trigger 

• blue-shifted absorption features with v=105km/s~0.3c  
• Fe,Co,Ni well mixed into the fast component (X~0.01) 
• density profile ρ∝ v-6

Ca II 8498Å

Si II 6355Å

Chemical abundance distribution 
used for the spectral modeling 

with the TARDIS code

2                        5                10 
Velocity [104km/s]

0          4          8.          12          16 
Time after GRB [s]
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• normal SNe reveal their inner layers gradually 
• explosive nucleosynthesis products are found in late 

spectra. 
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• Maity&Chandra (2021) 
• uGMRT observation at 250-1450 MHz 
• ρcsm=Ar-2 with A = a few x 5x1011g/cm 
• Relatively fast radio LC at late epochs:  off-axis jet 

contribution?
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• discovery of sub-relativistic ejecta component in GRB-SN 
• efficient mixing of Fe-peak elements

central engine
SN ejecta

photosphere

jet

a few 104km/s 
~ 0.03~0.06 c
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central engine
SN ejecta

photosphere

jet

high-velocity ejecta component 
105km/s ~ 0.3c

Fe, Co, Ni

0.1c 0.33c0.033c=104km/s v=r/t

ρ

Fe, Co, Ni

v = r/t 
ρ = v-6 or r-6

E(>0.33c) = 1.2x1050erg 
M(>0.33c) = 1.1x10-3M◉

E(>0.033c) = 1.7x1052erg 
M(>0.033c) = 2.5M◉

SN

• discovery of sub-relativistic ejecta component in GRB-SN 
• efficient mixing of Fe-peak elements
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• another example: GRB 161219B/ SN 2016jca 
• D=700 [Mpc] 
• T90=6.9 [s] 
• Eiso ~ 1050 [erg], Epeak ~ 60 [keV] 
• low-luminosity GRB

39

GRB 161219B: a GRB-SN in very early stageA&A 605, A107 (2017)

Table 1. GRB 161219B/SN 2016jca: vital statistics.

GRB 161219B/SN 2016jca Ref.

RA(J2000) = 06h06m51.412s this work
Dec(J2000) = –26d47029.4900 this work
z = 0.1475 Tanvir et al. (2016)
dL
⇤ = 700 Mpc this work
µ⇤ = 39.22 mag this work
E(B � V)fore = 0.0281 ± 0.0002 mag Schlafly & Finkbeiner (2011)
E(B � V)host = 0.017 ± 0.012 mag this work
t90 = 6.9 s this work
E�,iso,rest = (8.50+8.46

�3.75) ⇥ 1049 erg this work
E�,p,rest = 62.9+47.0

�19.9 keV this work
L� = (1.41+1.41

�0.62) ⇥ 1049 erg s�1 this work
vph,peak = 29 700 ± 1500 km s�1 this work, based on Fe ii �5169
MNi = 0.22 ± 0.08 M� this work
Mej = 5.8 ± 0.3 M� this work
EK = (5.1 ± 0.8) ⇥ 1052 erg this work

Notes. ⇤ Calculated using H0 = 70 km s�1 Mpc�1, ⌦M = 0.3, ⌦⇤ = 0.7.

2.2. Spectroscopy

We obtained eight epochs of spectroscopy3 of GRB 161219B
and its accompanying SN 2016jca with the GTC-OSIRIS, us-
ing grisms R1000B and R1000R. We obtained an additional
spectrum of the AG-dominated OT with the X-Shooter (XS)
instrument (Vernet et al. 2011) mounted on Unit Telescope 2
(UT2, Kueyen) of the Very Large Telescope (VLT) at the Paranal
Observatory. We also present an optical spectrum obtained by
the Public ESO Spectroscopic Survey of Transient Objects
(PESSTO; Smartt et al. 2015) that used the EFOSC2 instrument
mounted on ESO’s 3.58 m New Technology Telescope (NTT),
obtained on 04 January, 2017 (Chen et al. 2017). The GTC and
NTT spectra were reduced using standard techniques with IRAF-
based scripts, while the XS spectra were reduced using IRAF
and IDL routines. Our spectroscopic observation log is found
in Table C.1, and the spectroscopic time-series is presented in
Fig. 6.

3. High-energy emission

3.1. Gamma-rays

GRB 161219B was observed in �-rays by Swift-BAT, Konus-
Wind and by the POLAR GRB polarimeter. We reduced the
Swift-BAT data using the standard pipeline batgrbproduct,
and then analysed the spectrum, integrated over the T90 = 6.9 s
duration, with XSPEC (Arnaud 1996). The best-fitting model to
the data is a single power-law (SPL) function with an exponential
cuto↵ at the observed energy E0 = 92.3+68.2

�29.0 keV, and a power-
law photon index of �� = �1.40+0.23

�0.24, which are in agreement
with similar analysis (Palmer et al. 2016). These values corre-
spond to an intrinsic peak energy of Ep,i = 62.9+47.0

�19.9 keV and
a total isotropic energy emitted in the range (1�10 000 keV) of
E�,iso = 8.50+8.46

�3.75 ⇥ 1049 erg.
These quantities indicate that GRB 161219B is an outlier in

the Ep,i �E�,iso plane (i.e. the Amati relation; Amati et al. 2002).

3 All spectra presented in this paper are publically available at http:
//grbspec.iaa.es/ (de Ugarte Postigo et al. 2014a).

Fig. 2. Position of the intermediate-luminosity GRB 161219B in the
Ep,i � Eiso (Amati) plane. Shown for comparison is the GRB sample
presented in Amati et al. (2002) and (Cano et al. 2015), as well as other
outliers of the Amati relation, including low-luminosity GRBs 980425,
031203 & 100316D, intermediate-luminosity GRB 150818A and high-
luminosity GRBs 120422A & 140606B.

In Fig. 2 we have plotted for comparison low-luminosity GRBs
(Cano et al. 2017; Martone et al. 2017), including GRB 980425
(Galama et al. 1998), GRB 031203 (Malesani et al. 2004) and
GRB 100316D (Starling et al. 2011); intermediate-luminosity
GRB 150818A (Palmer et al. 2015; Golenetskii et al. 2015),
and high-luminosity GRBs 120422A (Schulze et al. 2014) and
140606B (Cano et al. 2015). We also fit the Konus-Wind data
using an identical method, and again found that GRB 161219B
is an outlier in the Amati relation.

In terms of its �-ray luminosity, where L�,iso = E�,iso (1 +
z) t

�1
90 , we find L,� = (1.41+1.41

�0.62) ⇥ 1049 erg s�1, and
log10(L,�) = 49.15+0.30

�0.25. Using the definitions given in the
introduction, GRB 161219B is an intermediate-luminosity
GRB. Other examples of intermediate-luminosity GRBs in-
clude GRB 120714B (Cummings et al. 2012; Klose et al. 2012),
GRB 130702A (D’Elia et al. 2015; Toy et al. 2016), and
GRB 150818A (Palmer et al. 2015; Golenetskii et al. 2015;
de Ugarte Postigo et al. 2015).

3.2. X-rays

We fit the Swift-XRT X-ray LC (see Sect. 4) with a broken
power-law (BPL; Beuermann et al. 1999) to find the power-law
decay indices ↵1 and ↵2, and the time the LC transitions (tB) be-
tween them. Allowing all of the parameters to vary freely, our
best-fitting results are: ↵1 = 0.79 ± 0.02, ↵2 = 1.93 ± 0.28, and
tB = 38.0 ± 7.3 days (�2/d.o.f. = 389.2/348). Note that we ex-
cluded all data before t � t0 = 0.05 days due to the presence of
an early flare, which peaked at roughly 400 s after the first detec-
tion of the GRB. The data and best-fitting model are presented
in Fig. 3.

The rest-frame break-time measured here (33.1±6.4 days) is
at a much later time than that determined by Ashall et al. (2017),
who found a break-time of ⇡12 days (⇡13.8 days observer-
frame), fit over a shorter time interval (up to +30 days). We
note that if we force a break-time of tB = 14 days, we ob-
tain decay indices of ↵1 = 0.72 ± 0.01, ↵2 = 1.39 ± 0.05
(�2/d.o.f. = 394.6/349).
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• another example: GRB 161219B/ SN 2016jca 
• red spectra: absorption at λ<5000Å 
• efficient UV blocking by Ni and/or Co with v > 0.1c 
• flat or increasing Ni abundance with increasing velocity

5828 C. Ashall et al.

Figure 2. A temporal series of spectra of the transient. The time (in the rest frame) from explosion, t, is given for all spectra. The spectra are in the rest frame,
corrected for foreground Galactic extinction and host-galaxy subtracted. This first spectrum appears to have no contribution from the SN component.

using the Swift tools uvotevtlc and uvotsource, respectively.
They were converted to magnitudes using the UVOT photometric
zero points (Poole et al. 2008; Breeveld et al. 2011). The UVOT data,
dereddened using the same procedure followed for the optical data,
are shown in Fig. 4. The analysis pipeline used software HEADAS
6.19 and UVOT calibration 20150717. To improve the signal-to-
noise ratio, the count rates in each filter were binned using !t/t =
0.2; this effectively bins only the late-time exposures.

The settling image is generally excluded as it may be affected
by changes in the cathode voltage during the first few seconds. We
compared the magnitudes of several stars in the settling image with

later images and do not find a systematic difference; we therefore
include this exposure in our analysis.

2.4 Decomposition of the multiwavelength light curves and
spectra

In order to study the SN component of the GRB optical counterpart,
we must first subtract the contribution of the host galaxy and
afterglow from the light curves and spectra of SN 2016jca. The host
galaxy is clearly detected and resolved in both the VLT images and a
Hubble Space Telescope (HST) image taken with WFC3/UVIS and
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Figure 8. Spectral models produced with 56Ni abundances. The best-fitting blue model has a 56Ni abundance of ∼0.4 per cent, or a 56Ni mass fraction XNi of
0.004; note that this is the mass fraction relative to the total ejected mass. The red model has a 56Ni abundance which decreases as velocity decreases, and the
green model has the opposite trend.

Figure 9. The 56Ni abundance distribution as a function of velocity for the
three models presented in Fig. 8. The values of 56Ni which produce good fits
are highlighted in grey. The dashed vertical lines represent the photospheric
velocity from the nine spectral models. Note that this is the mass fraction
relative to the total ejected mass.

the explosion is more energetic. At the earliest epochs, the observed
photosphere would consist of more metal-rich material at the highest
velocities, and as the photosphere recedes the abundance of lighter
material on the side of the ejecta would increase; an example of this
can be seen in Fig. 10, and the metal abundance decreases. This

could be an indirect evidence that the SN is aspherical both in shape
and in elemental distribution.

4.2 Best models

Fig. 11 presents our optimized models; they were produced with the
input parameters given in Table 3. The earliest model at 3.7 d is very
blue, hot, and almost featureless. Absorption and reprocessing of
blue flux is caused by blends of metal lines including Ni II λλ3465,
3471, 3513, 3576, 4067, Co II λλ3388, 3415, 3446, as well as
Mg II λλ2795, 2802 resonance lines and Ca II λλ3934, 3969. The
model at this early epoch has weak Si II λλ6347, 6371 absorption at
5300 Å, and O I λλ7772, 7774, 7775 and Ca II λλ8498, 8542, 8662
absorption at ∼6500 Å. At this epoch the Sobelov optical depths of
the Ca II lines are a fifth of the corresponding O I lines.

Conversely, ∼2 d later at 5.5 d, the model spectrum contains
stronger features typically associated with broad-line SNe Ic. The
blue region is still depressed in flux owing to line blanketing caused
by blends of metal lines, and the absorption at 4200 Å is produced
by Fe IIλλ5018, 5169 with some contribution from Si II λ5056. The
Ca II near-infrared triplet absorption is stronger than in the previous
epoch, and it occurs redwards of the corresponding O I absorption.
This is unlike in SN 1998bw, where the Ca II absorption is at shorter
wavelengths and higher velocities than that of the O I lines. The
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GRB 161219B: a GRB-SN in very early stage



• SN 2016jca vs SN 1998bw 
• optical spectra at ~ 1 week 
• less UV suppression for SN 1998bw than 2016jca 
• variation in the mass-fraction of Fe-peak elements?

5828 C. Ashall et al.

Figure 2. A temporal series of spectra of the transient. The time (in the rest frame) from explosion, t, is given for all spectra. The spectra are in the rest frame,
corrected for foreground Galactic extinction and host-galaxy subtracted. This first spectrum appears to have no contribution from the SN component.

using the Swift tools uvotevtlc and uvotsource, respectively.
They were converted to magnitudes using the UVOT photometric
zero points (Poole et al. 2008; Breeveld et al. 2011). The UVOT data,
dereddened using the same procedure followed for the optical data,
are shown in Fig. 4. The analysis pipeline used software HEADAS
6.19 and UVOT calibration 20150717. To improve the signal-to-
noise ratio, the count rates in each filter were binned using !t/t =
0.2; this effectively bins only the late-time exposures.

The settling image is generally excluded as it may be affected
by changes in the cathode voltage during the first few seconds. We
compared the magnitudes of several stars in the settling image with

later images and do not find a systematic difference; we therefore
include this exposure in our analysis.

2.4 Decomposition of the multiwavelength light curves and
spectra

In order to study the SN component of the GRB optical counterpart,
we must first subtract the contribution of the host galaxy and
afterglow from the light curves and spectra of SN 2016jca. The host
galaxy is clearly detected and resolved in both the VLT images and a
Hubble Space Telescope (HST) image taken with WFC3/UVIS and
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5962 C. Ashall and P. A. Mazzali

Figure 6. Synthetic spectra produced with varying constant 56Ni abundances. The 56Ni abundances are ∼0.4 per cent (blue), ∼0.2 per cent (yellow), and
∼0.6 per cent (magenta). At 8.1 and 14.2 d, the spectra of SN 1998bw have been plotted (green dashed) normalized to the peak of the SN 2016jca spectra. A
colour version of this figure is available online.

The yellow model in which the 56Ni abundance increases as a
function of decreasing velocity produces poor fits at both early and
late times. At later times (22.12 d) there is too much absorption
at ∼4200 Å, caused by the decay of 56Ni, and at early times
(3.7, 5.5, and 8.1 d). This is as there is not enough blocking
by Ni II and Co II lines. The blue models have a constant 56Ni
abundance of 0.4 per cent and produce good fits at all epochs.
However, the magenta models which have a decreasing 56Ni
abundance as a function of decreasing velocity produce fits which
are better or as good as the blue models. Therefore, the range
of best-fitting lines between the magenta and blue models. This
range of 56Ni abundance is shown in Fig. 8 as the shaded
region.

The fact that we have a solution where the 56Ni abundance is
decreasing as velocity could imply that SN is aspherical both in
shape and in elemental distribution. This is as the 56Ni could have
been synthesized on the side of the jet. As time passes, the jet,
and heavily synthesized material surrounding it, would cover a
smaller overall fraction of the total material observed above the
photosphere, and more lighter material on the side of the ejecta
would be observed. Hence, the metal abundance would decrease at
the expense of lighter elements.

Izzo et al. (2019) have also claimed evidence for high-velocity
56Ni in a GRB-SN, they suggest that this could have been produced

by a jets and a cocoon breaking through a stellar surface. However,
spectral models of the radial dependence of 56Ni were first suggested
by the original preprint of Ashall et al. (2019). Both pieces of work
use radiation transport codes, however Izzo et al. (2019) use a code
based on the one from this work and did not perform an error
analysis. They claim that that SN 2017iuk requires a flat density
structure in the outer most layers. In this work and in Ashall et al.
(2018), it was found that there was no need to enhance the outer
density structure in the outer layers for SN 2016jca, and an increase
in abundance of Fe-group elements was sufficient. This was not
tested by Izzo et al. (2019), and it could in fact be an alternative
solution. In the case presented here, blobs of 56Ni could have been
dredged up from the centre of the explosion by the jet. However, the
need for high-velocity 56Ni may not be required in all SNe, as is seen
in Fig. 6, SN 1998bw has more flux in the blue than SN 2016jca.
This is likely to be caused by a lack of Fe-group elements at high
velocity in the ejecta of SN 1998bw, which could have been due to
the even being observed slightly off-axis, hence SN 1998bw had a
weak afterglow.

7 BO L O M E T R I C L I G H T C U RV E

To verify that the results we obtained are realistic we produce a
model bolometric light curve of SN 2016jca. The light-curve code
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• reverse shock contribution in radio afterglow? 
• radio interstellar scintillation (ISS) 
• upper limits on the size of the (radio) emitting region 
• deviation from the standard blast wave? 
• what about a structure jet?

42

Emitting region constraints by ISS for GRB 161219B 
Alexander+(2019)

effects of RISS have decreased compared to our earlier epochs.
We consider the implications of this in the next section.

4. ISS Constraints on Source Size and Outflow Geometry

The observed variability allows us to constrain the physical
size of the afterglow at multiple epochs, enabling a direct
comparison to the afterglow model presented in LAB18. DISS
can only produce observable flux variations if the source
angular size, θs, satisfies (Goodman 1997)

1R O N�
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This limit becomes increasingly restrictive at low frequencies,
so if we observe an abrupt cutoff in DISS then we can use it
measure the source size (or set an upper limit, if DISS instead
cuts off due to Δν declining below our frequency resolution;
Equation (3)). In epoch 2 we observe clear variability down to
≈8 GHz. We can therefore set a limit of θs1 μas at 1.5 days
for ��SM 203.5 , d scr=0.2 kpc. (Smaller values of SM and
larger dscr require a smaller θs for a given cutoff frequency;

��SM 33.5 and �d 3scr kpc give 1R 0.3s μas.)
From Equation (1), the maximum frequency at which we

observe DISS is νss. Combining this with Equation (6), we see
that DISS is quenched at all frequencies if the source is larger
than a critical angular size θs>θcrit (Goodman 1997):
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For the constraints given in Section 3.1, we find θcrit≈
0.9–4 μas. GRB afterglows expand with time, so we expect to
see DISS quench at all frequencies when the angular size of the
emitting region exceeds θcrit. This naturally explains the
transition from the large intra-epoch flux variations and sharp
spectral features seen in epochs 1 and 2 to the slower, gentler
variability seen subsequently, suggesting that DISS quenches at
tcrit≈4 days, and hence Rs≈0.9–4 μas at 4 days.

RISS provides no independent information on the source
size in the DISS regime, but after tcrit we can no longer treat the
afterglow as a point source and the modulation index decreases
in direct proportion to the source size, Rr �m sref

7 6 (Goodman
1997). In this regime, mref peaks at a frequency Op,ref given by
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In principle, we can use mref to measure the source size in all
epochs after 4 days, but in practice at late times GRB 161219B’s
afterglow is too faint and our cadence is too sparse to place useful
independent constraints. However, we can make use of
Equation (8) in epoch 4, where the only obvious evidence of
RISS is at low frequencies, suggesting Op,ref≈4–8 GHz. This
suggests that the afterglow size is θs≈3–50μas at 8.5 days.

The uncertainty on the first two size measurements is
determined by how well we can constrain SM and dscr, while
the third measurement additionally depends on Op,ref . We
assume that SM and dscr are constant in time and compute them
from our observables νss and tdiff using Equations (1) and (2).
The uncertainty on the first two size measurements is
dominated by our limited ability to constrain tdiff, although
the uncertainty in νss also contributes. The much larger
uncertainty on the final measurement at 8.5 days is due
primarily to the strong dependence of θs on Op,ref , which is only

constrained to a factor of ≈2 by our observations. In all epochs,
the largest allowed Rs corresponds to the largest allowed value
of SM, and thus ultimately to the smallest tdiff allowed by the
data. Therefore, the maximum Rs in each epoch is directly
determined by our observations and does not depend on any
assumptions made about Galactic structure (our assumed dscr
upper limit in Section 3.1 provides a lower limit on SM and
lower limits on Rs).
Figure 7 shows all three size measurements (shaded gray

regions) in comparison to the afterglow model presented in
LAB18 (black line) and to size estimates of other GRBs in the
literature (colored points). The black stars indicate the
maximum afterglow size allowed by our observations; our
early RISS observations at 5 GHz suggest that the true size is
closer to these values than to the lower end of each range
(Section 3.2). We obtain the earliest size measurements for any
GRB afterglow to date, as our broad frequency coverage allows
us to constrain the size even prior to the time at which DISS
quenches. The RISS estimate at 8.5 days is broadly consistent
with LAB18, but we find that, even for the largest angular
source size allowed by our observations, the size predicted by
our DISS observations is at least a factor of five times smaller
than that calculated by LAB18. This may be partially due to
limitations of the thin-screen approximation for the ISS
modeling or to uncertainties in the LAB18 afterglow modeling,
but these effects are unlikely to account for such a large
discrepancy. In particular, varying afterglow parameters within
the LAB18 1σ confidence ranges changes the estimated
afterglow size by only a few percent.

Figure 7. Constraints on GRB afterglow sizes from the literature (colored
points; Frail et al. 2000; Berger et al. 2003; Taylor et al. 2004, 2005; Pihlström
et al. 2007; Chandra et al. 2008) in comparison to those derived in this work
(gray rectangles). We note that Rs denotes the transverse size of the afterglow
image on the sky, not the radial distance from the point of explosion. Squares
indicate size measurements and upper limits from VLBI observations, while
stars are estimates from ISS. Our ISS results for GRB 161219B are shown
together with the predicted size evolution for the fireball model presented
in LAB18, which assumes that the afterglow image is a uniformly illuminated
disk (black line). Solid black stars indicate ISS size upper limits derived from
our direct observation that tdiff>70 min at 21 GHz, while the shaded gray
regions show the full range of sizes allowed for νss≈20–25 GHz,

�d 3scr kpc, and our constraints on Op,ref . Even if the scattering properties
are pushed to the limit of what is allowed by the data, the discrepancy between
the ISS and LAB18 size estimates at early times cannot be reconciled. This
may imply substructure in the outflow or a mildly off-axis viewing geometry.
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GRB 161219B: a GRB-SN in very early stage

dependent and may appear suppressed at low frequencies due
to frequency-averaging of the data. RISS produces smaller
modulations but is a broadband effect.

In the following discussion we ignore scattering within the
GRB host galaxy and in the intergalactic medium, as these are
expected to be negligible compared to scattering by the Milky

Figure 3. Same as Figure 2 for the epoch 2 radio data, showing rapid variability on timescales of tens of minutes 1.5 days after the burst. The largest variations are seen in the
K band, suggesting that the transition frequency between strong and weak scattering is νss≈22 GHz. The bottom panel shows that the coherence bandwidth of the variations
increases with frequency, as expected for diffractive ISS. Fluctuations are coherent across the full Ku sub-bands at 13–14 GHz and 15.5–16.5 GHz, but the coherence
bandwidth drops to ≈500 MHz by 8.5 GHz. The C band SED does not vary significantly over the duration of the observation, indicating that either diffractive ISS is
quenched at frequencies 8 GHz due to a finite source size or that the coherence bandwidth is below the spectral resolution of 128 MHz at these frequencies. The large
change in the spectral index at 4.5–5.5 GHz between 0.5 days and 1.5 days is suggestive of refractive ISS. The data used to create this figure are available.
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SN 2020bvc: an optically-selected off-axis GRB-SN?
• ZTF discovery 
• ATLAS non-detection 
• follow-up spectroscopic obs. 0.8 days 
• early spectrum dominated by blue 

continuum 
• late-time X-ray and radio detection: similar 

to SN 2017iuk.

Izzo+ (2020)

Ho+ (2020)



Ho+ (2020)

SN 2020bvc: an optically-selected off-axis GRB-SN?

+0.8 d

+4.6 d

+47.8 d

+11.7 d

+17.8 d

+27.5 d

• ZTF discovery 
• ATLAS non-detection 
• follow-up spectroscopic obs. 0.8 days 
• early spectrum dominated by blue 

continuum 
• late-time X-ray and radio detection: similar 

to SN 2017iuk.



• ZTF high-cadence survey 
• afterglow-like transients: rapid decay, non-

thermal SED 
• 9 objects with redshift measurements 
• 4 objects without GRB

r-band light curves of ZTF afterglows,  
Ho+ (2022)

Off-axis optical afterglow candidates

ZTF Afterglows 5

(Cenko et al. 2013), iPTF14yb (Cenko et al. 2015), and
ATLAS17aeu (Stalder et al. 2017; Bhalerao et al. 2017).
With ZTF, the number of optically discovered after-
glows has increased from three (of which two had red-
shift measurements) to 13 (of which nine have redshift
measurements). One event (AT2019pim; Perley et al.
in prep.) was identified in follow-up observations to a
gravitational-wave trigger (Kasliwal et al. 2020). Two
events (AT2020sev and AT2020yxz) were identified ex-
clusively by ZTFReST and published in Andreoni et al.
(2021). Table 1 includes events with either a likely de-
tected GRB counterpart, or confirmation of relativistic
ejecta from a redshift measurement or radio observa-
tions; it does not include some candidate extragalac-
tic fast transients such as ZTF19aanhtzz (AT2019aacu;
Andreoni et al. 2020). In our consideration of event
rates (§4) we use stricter selection criteria to ensure a
complete sample.
The afterglows in Table 1 constitute the shortest-lived

optical extragalactic transients that have been discov-
ered in optical survey data and followed up in real time.
To illustrate this, Figure 1 shows the duration above
half-maximum and the peak absolute magnitude for op-
tical transients, primarily with light curves observed by
ZTF (Fremling et al. 2020; Perley et al. 2020; Ho et al.
2021c). Most supernovae (SNe) evolve on timescales
from 10–100 d, powered by radioactive decay, with their
characteristic duration set by di↵usion through optically
thick ejecta (Villar et al. 2017a). By contrast, the after-
glow emission is governed by optically thin synchrotron
radiation. We caution that for the afterglows, estimates
of the duration and peak luminosity are imprecise be-
cause the ZTF cadence is much slower than the light-
curve timescale; the exception is AT2019pim due to
TESS observations of the light curve (Perley et al. in
prep; Fausnaugh et al. 2019). To estimate the duration,
we use best-fit power laws to the light curve (§3.2). The
luminosity estimates are described in §3.3.
In the remainder of this section we provide discovery

and follow-up details for events discovered by our search
procedure that have not yet been published. The X-ray,
optical, and radio observations are provided in Tables 5,
6, and 7 in the Appendix. When appropriate we esti-
mate the chance spatial and temporal coincidence of the
optical transient with a GRB, by calculating the number
of LGRBs we expect a given facility to detect in the lo-
calization region during the time interval of interest. For
Fermi -GBM, we use the fact that during the year 2020
GBM detected 260 bursts, for a rate of 0.7 d�1. For the
IPN, we use the fact that according to the IPN master

Figure 1. The duration and luminosity of optical tran-
sients. Measurements of superluminous supernovae (SLSNe),
Type Ia supernovae (SN Ia), and most core-collapse su-
pernovae (SNe) are from the ZTF Bright Transient Survey
(Fremling et al. 2020; Perley et al. 2020). Measurements of
short-duration core-collapse SNe and AT2018cow-like tran-
sients are from dedicated searches for fast-evolving transients
(Prentice et al. 2018; Perley et al. 2019b, 2021c; Ho et al.
2020c, 2021c; Yao et al. 2021e). For reference we also show
the timescale and luminosity of the optical emission from
GW170817/AT2017gfo (Coulter et al. 2017; Cowperthwaite
et al. 2017; Kasliwal et al. 2017; Drout et al. 2017; Villar et al.
2017b) and of iPTF14yb (the only optically discovered after-
glow prior to ZTF with a redshift measurement; Cenko et al.
2015). The afterglows discussed in this paper are the fastest
and most luminous optical transients discovered and followed
up in real time. Due to the cadence of ZTF, our measure-
ments typically represent upper limits on the duration and
lower limits on the peak luminosity. Measurements are in
rest-frame g-band when possible, with a crude k-correction
applied (Equation 1 for afterglows; see Ho et al. (2021c) for
other sources).

list4 during the year 2020 IPN detected 422 bursts, an
average of 1.5 d�1.

2.3.1. ZTF20abbiixp / AT2020kym / GRB200524A

ZTF20abbiixp was first detected by ZTF on 2020
May 24.29 (MJD 58993.29) in an r-band image at r =
17.35±0.04mag as part of the ZTF Uniform Depth Sur-
vey. The most recent non-detection was 0.84 d prior at
g > 20.51mag. The most recent r-band non-detection
was 1.01 d prior at r > 20.79mag, giving an r-band rise
rate of > 3.4mag d�1.
There were five detections the first night, all in r-band,

which showed significant fading of 0.35mag over 0.48 hr;

4 http://www.ssl.berkeley.edu/ipn3/masterli.txt



• optical synchrotron emitting region is not 
so extended (assuming on-axis level 
luminosity)? 

• not too many “dirty fireballs” 
• fb,γ < 6fb,opt with 95% confidence 
•

r-band light curves of ZTF afterglows,  
Ho+ (2022)

Off-axis optical afterglow candidates
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• optical synchrotron emitting region is not 
so extended (assuming on-axis level 
luminosity)? 

• not too many “dirty fireballs” 
• fb,γ < 6fb,opt with 95% confidence 
• optical afterglow luminosity function will 
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• statistical inference of a typical GRB jet 

structure (angular energy distribution)
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Model: Ek,iso=1052 erg, θobs=90° off axis radio afterglow 
  Bietenholz+ (2014)

Off-axis radio afterglow constraints
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Figure 5. The modelled light curves for various possible explosion energies and circumstellar densities, all for and angle to the line of sight θobs = π/2. The
curves are for the indicated values of Ek, iso, the isotropic explosion energy in erg and for a circumstellar density parameter A∗. For comparison, we again plot
the observed value for SN 2003gk and limits for the other SNe from our sample (see Fig. 4).

Figure 6. The modelled light curves for various possible efficiencies of magnetic field generation (εB) and particle acceleration (εe) at the shock front. All the
light curves are for a wind-stratified medium (k = 2), A∗ = 0.1, Ek,iso = 1052 erg and for θobs = π/2. The light curves are shown for the indicated values of
(εB and εe). For comparison, we again plot the observed value for SN 2003gk and limits for the other SNe from our sample (see Fig. 4).

latter two well within the typical range inferred from GRB after-
glow observations (10−4 ≤ εB ≤ 0.1 and 10−2 ≤ εB ≤ 0.1). This
variation also has a large effect on the peak luminosity.

The peak time of the modelled light curves depends on (Ek,iso/A∗)
and with larger values of this ratio producing later peaks. The light
curve with the canonical values of Ek,iso = 1053 erg and A∗ = 1
peaks at t = 109 d with 8.4 GHz spectral luminosity, L8.4 GHz =

1.1 × 1029 erg s−1 Hz−1, while the faintest of the light curves,
also with Ek,iso = 1053 erg s−1 Hz−1 but with A∗ = 0.01 peaks
at t = 1466 d and L8.4 GHz = 1.5 × 1024 erg s−1 Hz−1. The light
curve with Ek,iso = 1051 erg and A∗ = 1 peaks as early as 3 d with
L8.4 GHz = 8 × 1029 erg s−1 Hz−1. In addition, if either εB or εe

are below the nominal values of 0.1, a fainter light curve results,
and the delayed peak, which is characteristic of jets at large angles
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• follow-up radio observations of stripped-
envelop SNe (type Ib,Ic,Ic-BL) 

• upper limits at 10-1000 days  
• ruling out some off-axis jet models 
• on-going and future radio surveys will do 

better (e.g., Karl G. Jansky Very Large Array 
Sky Survey; VLASS)
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radio detections and upper limits for SNe Ic-BL in PTF sample 
  Corsi+ (2016)

Off-axis radio afterglow constraints



Off-axis radio afterglow constraints

VLASS result for radio transients, Sroh+(2021)

• follow-up radio observations of stripped-
envelop SNe (type Ib,Ic,Ic-BL) 
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• ruling out some off-axis jet models 
• on-going and future radio surveys will do 

better (e.g., Karl G. Jansky Very Large Array 
Sky Survey; VLASS)



GRB jet revealed by numerical simulations
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• jet injection by hand 
• multi-D hydro simulations since ~2000 
• successful jet acceleration to Γ>100 
• jet confinement in star 
• jet breakout from the stellar surface 
• cocoon formation

Zhang, Woosley, Heger (2004)

Phenomenological GRB jet simulation

Though considerable variation is expected, our calculations
(e.g., Fig. 5) suggest that XRFs are typically visible at angles
about 3 times greater than GRBs and hence to 10 times the solid
angle. However, their energy, a few percent of GRBs, implies
that a flux-limited sample could observe GRBs out to roughly
10 times farther, implying that XRFs would be about 1% as
frequent in the sample. The actual value is detector sensitive,
but may be larger.

One should also keep in mind the possibility that XRFs do not
accompany GRBs, in any direction, but are a result of baryon
loadingof thecentral jet.Three-dimensional instabilities (Fig.12)
may play an important role in this and are being explored.
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Fig. 12.—Precessing jets - angle sensitivity study. Slices of the precessing jet models defined in Table 6 and x 4.1 corresponding to the x ¼ 0 plane are shown just
after break out. The three jets had an inclination with respect to the radial of 3", 5", and 10", respectively, for models 3P3, 3P5, and 3P10 and the initial jet precessed
on a cone with this half-angle with a period of 2 s. For model 3P3, the jet still emerges relatively intact (though one would want to follow the evolution further before
concluding a GRB is still produced). The jets in models 3P5 and especially 3P10 dissipate their energy before escaping and are unlikely to give terminal Lorentz
factors as high as 200 (though they may still produce hard X-ray flashes).
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- jet power L ~ 1050-1051 [erg/s] 
- duration tjet ~ 10-100 [s] 
- initial Lorentz factor Γ ~ 10 
- initial specific energy e ~ 10 
- opening angle θjet=5°-10°  
- injection radius r=108-109 [cm]

typically, 



• Barnes et al. (2018): GRB jet simulation 
coupled with post-process nucleosynthesis, 
light curve and spectral calculations 

• exponentially decaying jet injection → 56Ni 
• Eeng=1.8x1052[erg], teng=1.1[s], MNi=0.24Msun

Barnes+ (2018)

Above, � ☉R R1.60 is the radius to which the stellar
atmosphere extends, and � :M M2.50 sets the mass of the
material outside the cavity. Including the mass of the central
remnant (_ :M1.4 ), our model suggests a stellar mass at
collapse of 1 :M4 .

The analytic progenitor model is shown in Figure 1. For
comparison, we also show the density profile, for r>rcav, of a
WR star evolved with MESA (Paxton et al. 2011) version 7185,
which we have scaled so that the mass exterior to rcav totals
2.5 :M , as in our model.

The model evolved with MESA had a zero-age main-
sequence mass of 40 :M and solar metallicity. It was evolved
through the post-main sequence until its surface temperature
dropped to 5000K, at which point a constant mass loss of

� �
:M10 yr3 1 was initiated. This mass loss, which siphons off

the stars hydrogen envelope and part of its helium envelope,
proceeded until the star reached a mass of 5 :M . The star
continued to evolve toward iron core collapse, developing a
significant oxygen core. For this model, the mass interior to rcav
was ∼1.4 :M . The density in the outer layers was scaled
slightly, as described above.

While actual WR stars will not follow these simple scaling
laws, the qualitative features of the density profile outside the
Fe core are unlikely to change dramatically with stellar mass,
and the core collapse, in our calculation, is imposed a priori,
rather than generated self-consistently, and so is insensitive to
assumptions about the core density structure. Our approach
therefore does not capture the physics of core collapse, or the
effect of the collapse on material at or near the boundary. A
resulting disadvantage is that we do not rigorously determine
the density in the innermost regions where most of the Ni56 is
synthesized. This introduces an additional uncertainty into our
estimate of Ni56 production, which is discussed further in
Section 4.

Table 1 presents the composition, as mass fractions, of the
progenitor star. Oxygen dominates, as might be expected for a
stripped-envelope carbon–oxygen star. The ejecta composition,
modulo Ni56 , is taken to be spatially uniform; in zones
containing 56Ni, the composition is scaled to accommodate the

Ni56 content, while preserving the relative mass fractions of all
nonradioactive species. Future work will use more realistic
compositions that better reflect compositional inhomogeneities
found in detailed studies of evolved stars and CCSN
progenitors (e.g., Arnett & Meakin 2011; Couch et al. 2015;
Chatzopoulos et al. 2016).
Jet Engine Model:The GRB engine model is defined by the

total energy injected, Eeng; the engine half-opening angle, θeng;
and the characteristic timescale of the engine, teng. While teng is
often assumed to be greater than or equal to the burst duration,
we find in Section 4 that a short engine can produce a GRB of
duration τGRB>teng. Rather than cutting the jet luminosity off
instantaneously, we allow it to decay exponentially over the
timescale teng,

� q �( ) [ ] ( )L t
E

t
t texp . 2eng

eng

eng
eng

The engine is symmetric about the equatorial plane, so Eeng is
the sum of the energy injected along the positive and negative
z-axis.
We focus on one engine model with Eeng=1.8×1052 erg,

θeng=11.5°, and teng=1.1 s. (Note that the engine duration
and opening angle are different from the GRB duration and the
opening angle of the GRB jet, as discussed below.) These
parameters were found to produce an SN and a GRB roughly
consistent with observations; future work will more fully
explore the dependence of the GRB and SN on the engine
parameters.

4. Gas Dynamics

The jet propagation and Ni56 production are illustrated in
Figure 2. The engine injects energy into the center of the star,
creating a hot, high-pressure region that tunnels along the
z-axis toward the surface of the progenitor, which is marked by
a dashed white line in the top two panels.
As the head of the jet burrows outward, the energy from the

engine is redistributed throughout the star. Recollimation
shocks confine the most relativistic material to a narrow region
around the z-axis (see panel 1), and shocks emanating from that
hot, high-pressure region push against the cold stellar material
off-axis, accelerating it to high, but nonrelativistic, velocities
(panel 2). We have plotted the local fluid velocity vectors as
white arrows in panel (2) to illustrate the effect of these shocks
on the flow. As the engine heats the stellar material to
temperatures exceeding 5×109K, Ni56 is synthesized. The
highest temperatures occur near the center of the star. The Ni56

forged at small radii is then entrained by the relativistic flow
propagating toward the pole and deposited in a narrow cone
about the z-axis.
The relatively short duration of the engine (1.1 s) allows our

model to produce a fairly high amount of Ni56 (0.24 :M ). The
energy scale of the engine is constrained by the observed
kinetic energies of SNe Ic-BL. A shorter engine injects this
energy in a concentrated burst and drives up temperatures deep
in the interior of the star before these inner layers can react to
the energy injection and expand to lower densities. In our
model, the densities in the zones that satisfy Tmax�5×109K
are high enough that a nonnegligible amount of Ni56 is
synthesized, though the exact amount will be sensitive to the
densities at very small radii and will depend on the progenitor
structure and the physics of the core collapse. Models with

Figure 1. Analytic density profile of the progenitor star after core collapse
(solid black curve). We assume the collapse of the core leaves behind a cavity
of radial extent rcav. The density in this region is set to a low, constant value.
For comparison, we also plot the scaled density profile, for r>rcav, of a
stripped-envelope star evolved with MESA (red curve). The analytic model
captures the major qualitative features of the MESA result.
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2.2 Simulations of jet-driven explosions

We use the COCONUT code, a Godunov-based Eulerian relativistic
hydrodynamic solver (Dimmelmeier, Font & Müller 2002; Müller,
Janka & Dimmelmeier 2010; Müller & Janka 2015) with higher order
reconstruction to follow the collapse and post-bounce evolution of
these stars, after mapping each model to two dimensions. We assume
equatorial and axial symmetry, and our computational domain is
covered by 550 radial and 128 angular zones, extending out to
a maximum radius of 2 × 1010 cm. Until ∼80 ms, the simulations
include neutrino transport using the fast multigroup (FMT) scheme
of Müller & Janka (2015). In the high-density regime, we use
the nuclear equation of state of Lattimer & Swesty (1991) with
an incompressibility modulus of K = 220 MeV. At low densities,
we treat the gas as an ensemble of nuclei, electrons, positrons,
and photons. At temperatures greater than 8 GK, nuclear statistical
equilibrium (NSE) is assumed. At lower temperatures, we use a 19-
species network including protons, neutrons, 3He, 4He12C, 14N16O,
20Ne, 24Mg, 28Si, 32S, 36Ar, 40Ca, 44Ti, 48Cr, 52Fe, 54Fe, and 56Ni
(Weaver et al. 1978) to treat nuclear burning and recombination.1

In the NSE regime, we additionally formally include a few neutron-
rich species (56Fe, 60Fe, 70Ni and very neutron-rich dummy species
120Ni, 200Zr) that can be formed during freeze-out from NSE at a
low electron fraction Ye. In practice, neutron-rich material enters
the NSE regime in a dissociated state dominated by α-particles
and free neutrons, and due to the use of the 19-species network
at lower temperatures, we underestimate the recombination to nuclei
at low Ye in the jet during the hydro simulation. This does not
significantly affect the energetics of the explosion for several reasons,
however. The energetically more important process of recombination
into α-particles is treated accurately; recombination into nuclei is
incomplete in the jets because of their high entropies.

At ∼80 ms post-bounce, we excise the region inside a radius
200 km and implement bipolar jet outflows by prescribing appropri-
ate boundary conditions near the pole, as described in the following
section. Outflow boundary conditions are used at lower latitudes.
Neutrino transport is switched off, and the metric is frozen at this
point.

2.3 Prescription for jet energy

Numerical MHD studies have shown that the magnetorotational
explosion mechanism can power bipolar jets in collapsing stars,
as long as the magnetic field can continue to tap energy from the
differentially rotating core (e.g. Akiyama et al. 2003; Blackman,
Nordhaus & Thomas 2006; Burrows et al. 2007; Obergaulinger
& Aloy 2017; Obergaulinger, Just & Aloy 2018). Based on their
models, Burrows et al. (2007) argued that in a quasi-steady state with
sufficiently strong magnetic fields, the power of the magnetically
driven outflows is regulated by the rate at which the accretion flow
brings in additional energy into differential rotation. Based on the
notion that the rate of increase of the free rotational energy Ėfree is
balanced by the jet power, we construct a simple analytical model
to relate the jet power to the properties of the accretion flow at the
excision boundary.

In our model, we assume that the accreted material is initially
accreted on to and mixed homogeneously into the PNS without being
braked into corotation. The rate Ėrot,acc at which rotational energy is

1Additionally to the listed species, protons from photodisintegration are
treated separately as 19th species.

thus injected into the PNS by accretion is

Ėrot,acc = Ṁ
j 2

4/5 R2
, (1)

where Ṁ is the mass accretion rate, j is the specific angular
momentum of the accreted matter, and R is the PNS radius. For
simplicity, we assume that the PNS is a homogeneous sphere of
radius 15 km to compute its radius of gyration. Deviations from this
(crude) assumption can be absorbed into an overall efficiency factor
for the jet power.

Ėrot,acc can then be compared to the rate of increase of the PNS
rotational energy after the accreted material has come into corotation
with the PNS, which is assumed to rotate uniformly. Using a PNS
moment of inertia I = 2/5 MR2 in terms of PNS mass M, we obtain

Ėrot,PNS = d
dt
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where jPNS = J/M is the average specific angular momentum of the
PNS. By subtracting Ėrot,PNS from Ėrot,acc, we find that accretion
provides free rotational energy at a rate of

Ėfree =
5Ṁ

(
j 2 − 2jjPNS + j 2

PNS

)

4R2
= 5Ṁ (j − jPNS)2

4R2
. (3)

We assume that Ėfree is converted into jet power Ėjet with an efficiency
parameter, ε,

Ėjet = εĖfree = 5εṀ (j − jPNS)2

4R2
. (4)

We explore three different values for the efficiency parameter, ε =
0.1, 0.5, 1.0. This allows us to survey a broader range of plausible jet
energy fluxes that may occur in more realistic MHD simulations, e.g.
due to variations in initial magnetic field strengths and geometries.

If the baryonic mass Mcore of the excised compact remnant
increases beyond 2.5 M$, we assume BH formation occurs. In this
case, the energy input into the jet is terminated.

The inner boundary conditions for the zones with an angle of
θjet = 0.1 rad of the grid axis are chosen such as to reproduce the
desired total energy flux Ėjet for bipolar jets in both hemispheres. To
obtain the correct relativistic energy flux, we require

Ėjet

2 d$jetr2
= αφ6ρ (hW 2 − W ) v̂1, (5)

where d$jet = 2π |1 − cos θ jet|, α is the lapse function, φ is the
conformal factor in the xCFC metric, ρ is the density, h is the rela-
tivistic specific enthalpy, and W is the Lorentz factor. Furthermore,
v̂1 is defined as v̂1 = v1 − β1/α, where β is the shift vector and v1

is the radial component of the 3-velocity in the Eulerian frame. See
Dimmelmeier et al. (2002, 2005) and Müller et al. (2010) for an
in-depth presentation of the relativistic equations of hydrodynamics
implemented in the COCONUT code. In this way, the jet energy is
tied to the mass and angular momentum of the accreted material,
in the form of the available free energy in differential rotation. To
implement the jets, we rearrange equation (5) for ρ,

ρ = Ėjet

2 d$jetαφ6(hW 2 − W ) v̂1r2
, (6)

and set v and h to match the properties of simulated MHD jets, as
described in Section 2.4. The composition of the ejected jet material
also needs to be specified. We set Ye = 0.3 for the electron fraction in
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2.2 Simulations of jet-driven explosions

We use the COCONUT code, a Godunov-based Eulerian relativistic
hydrodynamic solver (Dimmelmeier, Font & Müller 2002; Müller,
Janka & Dimmelmeier 2010; Müller & Janka 2015) with higher order
reconstruction to follow the collapse and post-bounce evolution of
these stars, after mapping each model to two dimensions. We assume
equatorial and axial symmetry, and our computational domain is
covered by 550 radial and 128 angular zones, extending out to
a maximum radius of 2 × 1010 cm. Until ∼80 ms, the simulations
include neutrino transport using the fast multigroup (FMT) scheme
of Müller & Janka (2015). In the high-density regime, we use
the nuclear equation of state of Lattimer & Swesty (1991) with
an incompressibility modulus of K = 220 MeV. At low densities,
we treat the gas as an ensemble of nuclei, electrons, positrons,
and photons. At temperatures greater than 8 GK, nuclear statistical
equilibrium (NSE) is assumed. At lower temperatures, we use a 19-
species network including protons, neutrons, 3He, 4He12C, 14N16O,
20Ne, 24Mg, 28Si, 32S, 36Ar, 40Ca, 44Ti, 48Cr, 52Fe, 54Fe, and 56Ni
(Weaver et al. 1978) to treat nuclear burning and recombination.1

In the NSE regime, we additionally formally include a few neutron-
rich species (56Fe, 60Fe, 70Ni and very neutron-rich dummy species
120Ni, 200Zr) that can be formed during freeze-out from NSE at a
low electron fraction Ye. In practice, neutron-rich material enters
the NSE regime in a dissociated state dominated by α-particles
and free neutrons, and due to the use of the 19-species network
at lower temperatures, we underestimate the recombination to nuclei
at low Ye in the jet during the hydro simulation. This does not
significantly affect the energetics of the explosion for several reasons,
however. The energetically more important process of recombination
into α-particles is treated accurately; recombination into nuclei is
incomplete in the jets because of their high entropies.

At ∼80 ms post-bounce, we excise the region inside a radius
200 km and implement bipolar jet outflows by prescribing appropri-
ate boundary conditions near the pole, as described in the following
section. Outflow boundary conditions are used at lower latitudes.
Neutrino transport is switched off, and the metric is frozen at this
point.

2.3 Prescription for jet energy

Numerical MHD studies have shown that the magnetorotational
explosion mechanism can power bipolar jets in collapsing stars,
as long as the magnetic field can continue to tap energy from the
differentially rotating core (e.g. Akiyama et al. 2003; Blackman,
Nordhaus & Thomas 2006; Burrows et al. 2007; Obergaulinger
& Aloy 2017; Obergaulinger, Just & Aloy 2018). Based on their
models, Burrows et al. (2007) argued that in a quasi-steady state with
sufficiently strong magnetic fields, the power of the magnetically
driven outflows is regulated by the rate at which the accretion flow
brings in additional energy into differential rotation. Based on the
notion that the rate of increase of the free rotational energy Ėfree is
balanced by the jet power, we construct a simple analytical model
to relate the jet power to the properties of the accretion flow at the
excision boundary.

In our model, we assume that the accreted material is initially
accreted on to and mixed homogeneously into the PNS without being
braked into corotation. The rate Ėrot,acc at which rotational energy is

1Additionally to the listed species, protons from photodisintegration are
treated separately as 19th species.
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where Ṁ is the mass accretion rate, j is the specific angular
momentum of the accreted matter, and R is the PNS radius. For
simplicity, we assume that the PNS is a homogeneous sphere of
radius 15 km to compute its radius of gyration. Deviations from this
(crude) assumption can be absorbed into an overall efficiency factor
for the jet power.

Ėrot,acc can then be compared to the rate of increase of the PNS
rotational energy after the accreted material has come into corotation
with the PNS, which is assumed to rotate uniformly. Using a PNS
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5Ṁ
(
2jjPNS − j 2

PNS

)

4R2
, (2)

where jPNS = J/M is the average specific angular momentum of the
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parameter, ε,
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4R2
. (4)

We explore three different values for the efficiency parameter, ε =
0.1, 0.5, 1.0. This allows us to survey a broader range of plausible jet
energy fluxes that may occur in more realistic MHD simulations, e.g.
due to variations in initial magnetic field strengths and geometries.

If the baryonic mass Mcore of the excised compact remnant
increases beyond 2.5 M$, we assume BH formation occurs. In this
case, the energy input into the jet is terminated.

The inner boundary conditions for the zones with an angle of
θjet = 0.1 rad of the grid axis are chosen such as to reproduce the
desired total energy flux Ėjet for bipolar jets in both hemispheres. To
obtain the correct relativistic energy flux, we require

Ėjet
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= αφ6ρ (hW 2 − W ) v̂1, (5)

where d$jet = 2π |1 − cos θ jet|, α is the lapse function, φ is the
conformal factor in the xCFC metric, ρ is the density, h is the rela-
tivistic specific enthalpy, and W is the Lorentz factor. Furthermore,
v̂1 is defined as v̂1 = v1 − β1/α, where β is the shift vector and v1

is the radial component of the 3-velocity in the Eulerian frame. See
Dimmelmeier et al. (2002, 2005) and Müller et al. (2010) for an
in-depth presentation of the relativistic equations of hydrodynamics
implemented in the COCONUT code. In this way, the jet energy is
tied to the mass and angular momentum of the accreted material,
in the form of the available free energy in differential rotation. To
implement the jets, we rearrange equation (5) for ρ,

ρ = Ėjet

2 d$jetαφ6(hW 2 − W ) v̂1r2
, (6)

and set v and h to match the properties of simulated MHD jets, as
described in Section 2.4. The composition of the ejected jet material
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2.2 Simulations of jet-driven explosions

We use the COCONUT code, a Godunov-based Eulerian relativistic
hydrodynamic solver (Dimmelmeier, Font & Müller 2002; Müller,
Janka & Dimmelmeier 2010; Müller & Janka 2015) with higher order
reconstruction to follow the collapse and post-bounce evolution of
these stars, after mapping each model to two dimensions. We assume
equatorial and axial symmetry, and our computational domain is
covered by 550 radial and 128 angular zones, extending out to
a maximum radius of 2 × 1010 cm. Until ∼80 ms, the simulations
include neutrino transport using the fast multigroup (FMT) scheme
of Müller & Janka (2015). In the high-density regime, we use
the nuclear equation of state of Lattimer & Swesty (1991) with
an incompressibility modulus of K = 220 MeV. At low densities,
we treat the gas as an ensemble of nuclei, electrons, positrons,
and photons. At temperatures greater than 8 GK, nuclear statistical
equilibrium (NSE) is assumed. At lower temperatures, we use a 19-
species network including protons, neutrons, 3He, 4He12C, 14N16O,
20Ne, 24Mg, 28Si, 32S, 36Ar, 40Ca, 44Ti, 48Cr, 52Fe, 54Fe, and 56Ni
(Weaver et al. 1978) to treat nuclear burning and recombination.1

In the NSE regime, we additionally formally include a few neutron-
rich species (56Fe, 60Fe, 70Ni and very neutron-rich dummy species
120Ni, 200Zr) that can be formed during freeze-out from NSE at a
low electron fraction Ye. In practice, neutron-rich material enters
the NSE regime in a dissociated state dominated by α-particles
and free neutrons, and due to the use of the 19-species network
at lower temperatures, we underestimate the recombination to nuclei
at low Ye in the jet during the hydro simulation. This does not
significantly affect the energetics of the explosion for several reasons,
however. The energetically more important process of recombination
into α-particles is treated accurately; recombination into nuclei is
incomplete in the jets because of their high entropies.

At ∼80 ms post-bounce, we excise the region inside a radius
200 km and implement bipolar jet outflows by prescribing appropri-
ate boundary conditions near the pole, as described in the following
section. Outflow boundary conditions are used at lower latitudes.
Neutrino transport is switched off, and the metric is frozen at this
point.

2.3 Prescription for jet energy

Numerical MHD studies have shown that the magnetorotational
explosion mechanism can power bipolar jets in collapsing stars,
as long as the magnetic field can continue to tap energy from the
differentially rotating core (e.g. Akiyama et al. 2003; Blackman,
Nordhaus & Thomas 2006; Burrows et al. 2007; Obergaulinger
& Aloy 2017; Obergaulinger, Just & Aloy 2018). Based on their
models, Burrows et al. (2007) argued that in a quasi-steady state with
sufficiently strong magnetic fields, the power of the magnetically
driven outflows is regulated by the rate at which the accretion flow
brings in additional energy into differential rotation. Based on the
notion that the rate of increase of the free rotational energy Ėfree is
balanced by the jet power, we construct a simple analytical model
to relate the jet power to the properties of the accretion flow at the
excision boundary.

In our model, we assume that the accreted material is initially
accreted on to and mixed homogeneously into the PNS without being
braked into corotation. The rate Ėrot,acc at which rotational energy is

1Additionally to the listed species, protons from photodisintegration are
treated separately as 19th species.

thus injected into the PNS by accretion is

Ėrot,acc = Ṁ
j 2

4/5 R2
, (1)

where Ṁ is the mass accretion rate, j is the specific angular
momentum of the accreted matter, and R is the PNS radius. For
simplicity, we assume that the PNS is a homogeneous sphere of
radius 15 km to compute its radius of gyration. Deviations from this
(crude) assumption can be absorbed into an overall efficiency factor
for the jet power.

Ėrot,acc can then be compared to the rate of increase of the PNS
rotational energy after the accreted material has come into corotation
with the PNS, which is assumed to rotate uniformly. Using a PNS
moment of inertia I = 2/5 MR2 in terms of PNS mass M, we obtain

Ėrot,PNS = d
dt
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PNS

)

4R2
=

5Ṁ
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where jPNS = J/M is the average specific angular momentum of the
PNS. By subtracting Ėrot,PNS from Ėrot,acc, we find that accretion
provides free rotational energy at a rate of

Ėfree =
5Ṁ

(
j 2 − 2jjPNS + j 2

PNS

)

4R2
= 5Ṁ (j − jPNS)2

4R2
. (3)

We assume that Ėfree is converted into jet power Ėjet with an efficiency
parameter, ε,

Ėjet = εĖfree = 5εṀ (j − jPNS)2

4R2
. (4)

We explore three different values for the efficiency parameter, ε =
0.1, 0.5, 1.0. This allows us to survey a broader range of plausible jet
energy fluxes that may occur in more realistic MHD simulations, e.g.
due to variations in initial magnetic field strengths and geometries.

If the baryonic mass Mcore of the excised compact remnant
increases beyond 2.5 M$, we assume BH formation occurs. In this
case, the energy input into the jet is terminated.

The inner boundary conditions for the zones with an angle of
θjet = 0.1 rad of the grid axis are chosen such as to reproduce the
desired total energy flux Ėjet for bipolar jets in both hemispheres. To
obtain the correct relativistic energy flux, we require

Ėjet

2 d$jetr2
= αφ6ρ (hW 2 − W ) v̂1, (5)

where d$jet = 2π |1 − cos θ jet|, α is the lapse function, φ is the
conformal factor in the xCFC metric, ρ is the density, h is the rela-
tivistic specific enthalpy, and W is the Lorentz factor. Furthermore,
v̂1 is defined as v̂1 = v1 − β1/α, where β is the shift vector and v1

is the radial component of the 3-velocity in the Eulerian frame. See
Dimmelmeier et al. (2002, 2005) and Müller et al. (2010) for an
in-depth presentation of the relativistic equations of hydrodynamics
implemented in the COCONUT code. In this way, the jet energy is
tied to the mass and angular momentum of the accreted material,
in the form of the available free energy in differential rotation. To
implement the jets, we rearrange equation (5) for ρ,

ρ = Ėjet

2 d$jetαφ6(hW 2 − W ) v̂1r2
, (6)

and set v and h to match the properties of simulated MHD jets, as
described in Section 2.4. The composition of the ejected jet material
also needs to be specified. We set Ye = 0.3 for the electron fraction in
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2.2 Simulations of jet-driven explosions

We use the COCONUT code, a Godunov-based Eulerian relativistic
hydrodynamic solver (Dimmelmeier, Font & Müller 2002; Müller,
Janka & Dimmelmeier 2010; Müller & Janka 2015) with higher order
reconstruction to follow the collapse and post-bounce evolution of
these stars, after mapping each model to two dimensions. We assume
equatorial and axial symmetry, and our computational domain is
covered by 550 radial and 128 angular zones, extending out to
a maximum radius of 2 × 1010 cm. Until ∼80 ms, the simulations
include neutrino transport using the fast multigroup (FMT) scheme
of Müller & Janka (2015). In the high-density regime, we use
the nuclear equation of state of Lattimer & Swesty (1991) with
an incompressibility modulus of K = 220 MeV. At low densities,
we treat the gas as an ensemble of nuclei, electrons, positrons,
and photons. At temperatures greater than 8 GK, nuclear statistical
equilibrium (NSE) is assumed. At lower temperatures, we use a 19-
species network including protons, neutrons, 3He, 4He12C, 14N16O,
20Ne, 24Mg, 28Si, 32S, 36Ar, 40Ca, 44Ti, 48Cr, 52Fe, 54Fe, and 56Ni
(Weaver et al. 1978) to treat nuclear burning and recombination.1

In the NSE regime, we additionally formally include a few neutron-
rich species (56Fe, 60Fe, 70Ni and very neutron-rich dummy species
120Ni, 200Zr) that can be formed during freeze-out from NSE at a
low electron fraction Ye. In practice, neutron-rich material enters
the NSE regime in a dissociated state dominated by α-particles
and free neutrons, and due to the use of the 19-species network
at lower temperatures, we underestimate the recombination to nuclei
at low Ye in the jet during the hydro simulation. This does not
significantly affect the energetics of the explosion for several reasons,
however. The energetically more important process of recombination
into α-particles is treated accurately; recombination into nuclei is
incomplete in the jets because of their high entropies.

At ∼80 ms post-bounce, we excise the region inside a radius
200 km and implement bipolar jet outflows by prescribing appropri-
ate boundary conditions near the pole, as described in the following
section. Outflow boundary conditions are used at lower latitudes.
Neutrino transport is switched off, and the metric is frozen at this
point.

2.3 Prescription for jet energy

Numerical MHD studies have shown that the magnetorotational
explosion mechanism can power bipolar jets in collapsing stars,
as long as the magnetic field can continue to tap energy from the
differentially rotating core (e.g. Akiyama et al. 2003; Blackman,
Nordhaus & Thomas 2006; Burrows et al. 2007; Obergaulinger
& Aloy 2017; Obergaulinger, Just & Aloy 2018). Based on their
models, Burrows et al. (2007) argued that in a quasi-steady state with
sufficiently strong magnetic fields, the power of the magnetically
driven outflows is regulated by the rate at which the accretion flow
brings in additional energy into differential rotation. Based on the
notion that the rate of increase of the free rotational energy Ėfree is
balanced by the jet power, we construct a simple analytical model
to relate the jet power to the properties of the accretion flow at the
excision boundary.

In our model, we assume that the accreted material is initially
accreted on to and mixed homogeneously into the PNS without being
braked into corotation. The rate Ėrot,acc at which rotational energy is

1Additionally to the listed species, protons from photodisintegration are
treated separately as 19th species.

thus injected into the PNS by accretion is

Ėrot,acc = Ṁ
j 2

4/5 R2
, (1)

where Ṁ is the mass accretion rate, j is the specific angular
momentum of the accreted matter, and R is the PNS radius. For
simplicity, we assume that the PNS is a homogeneous sphere of
radius 15 km to compute its radius of gyration. Deviations from this
(crude) assumption can be absorbed into an overall efficiency factor
for the jet power.

Ėrot,acc can then be compared to the rate of increase of the PNS
rotational energy after the accreted material has come into corotation
with the PNS, which is assumed to rotate uniformly. Using a PNS
moment of inertia I = 2/5 MR2 in terms of PNS mass M, we obtain

Ėrot,PNS = d
dt

(
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where jPNS = J/M is the average specific angular momentum of the
PNS. By subtracting Ėrot,PNS from Ėrot,acc, we find that accretion
provides free rotational energy at a rate of

Ėfree =
5Ṁ

(
j 2 − 2jjPNS + j 2

PNS

)

4R2
= 5Ṁ (j − jPNS)2

4R2
. (3)

We assume that Ėfree is converted into jet power Ėjet with an efficiency
parameter, ε,

Ėjet = εĖfree = 5εṀ (j − jPNS)2

4R2
. (4)

We explore three different values for the efficiency parameter, ε =
0.1, 0.5, 1.0. This allows us to survey a broader range of plausible jet
energy fluxes that may occur in more realistic MHD simulations, e.g.
due to variations in initial magnetic field strengths and geometries.

If the baryonic mass Mcore of the excised compact remnant
increases beyond 2.5 M$, we assume BH formation occurs. In this
case, the energy input into the jet is terminated.

The inner boundary conditions for the zones with an angle of
θjet = 0.1 rad of the grid axis are chosen such as to reproduce the
desired total energy flux Ėjet for bipolar jets in both hemispheres. To
obtain the correct relativistic energy flux, we require

Ėjet

2 d$jetr2
= αφ6ρ (hW 2 − W ) v̂1, (5)

where d$jet = 2π |1 − cos θ jet|, α is the lapse function, φ is the
conformal factor in the xCFC metric, ρ is the density, h is the rela-
tivistic specific enthalpy, and W is the Lorentz factor. Furthermore,
v̂1 is defined as v̂1 = v1 − β1/α, where β is the shift vector and v1

is the radial component of the 3-velocity in the Eulerian frame. See
Dimmelmeier et al. (2002, 2005) and Müller et al. (2010) for an
in-depth presentation of the relativistic equations of hydrodynamics
implemented in the COCONUT code. In this way, the jet energy is
tied to the mass and angular momentum of the accreted material,
in the form of the available free energy in differential rotation. To
implement the jets, we rearrange equation (5) for ρ,

ρ = Ėjet

2 d$jetαφ6(hW 2 − W ) v̂1r2
, (6)

and set v and h to match the properties of simulated MHD jets, as
described in Section 2.4. The composition of the ejected jet material
also needs to be specified. We set Ye = 0.3 for the electron fraction in
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2.2 Simulations of jet-driven explosions

We use the COCONUT code, a Godunov-based Eulerian relativistic
hydrodynamic solver (Dimmelmeier, Font & Müller 2002; Müller,
Janka & Dimmelmeier 2010; Müller & Janka 2015) with higher order
reconstruction to follow the collapse and post-bounce evolution of
these stars, after mapping each model to two dimensions. We assume
equatorial and axial symmetry, and our computational domain is
covered by 550 radial and 128 angular zones, extending out to
a maximum radius of 2 × 1010 cm. Until ∼80 ms, the simulations
include neutrino transport using the fast multigroup (FMT) scheme
of Müller & Janka (2015). In the high-density regime, we use
the nuclear equation of state of Lattimer & Swesty (1991) with
an incompressibility modulus of K = 220 MeV. At low densities,
we treat the gas as an ensemble of nuclei, electrons, positrons,
and photons. At temperatures greater than 8 GK, nuclear statistical
equilibrium (NSE) is assumed. At lower temperatures, we use a 19-
species network including protons, neutrons, 3He, 4He12C, 14N16O,
20Ne, 24Mg, 28Si, 32S, 36Ar, 40Ca, 44Ti, 48Cr, 52Fe, 54Fe, and 56Ni
(Weaver et al. 1978) to treat nuclear burning and recombination.1

In the NSE regime, we additionally formally include a few neutron-
rich species (56Fe, 60Fe, 70Ni and very neutron-rich dummy species
120Ni, 200Zr) that can be formed during freeze-out from NSE at a
low electron fraction Ye. In practice, neutron-rich material enters
the NSE regime in a dissociated state dominated by α-particles
and free neutrons, and due to the use of the 19-species network
at lower temperatures, we underestimate the recombination to nuclei
at low Ye in the jet during the hydro simulation. This does not
significantly affect the energetics of the explosion for several reasons,
however. The energetically more important process of recombination
into α-particles is treated accurately; recombination into nuclei is
incomplete in the jets because of their high entropies.

At ∼80 ms post-bounce, we excise the region inside a radius
200 km and implement bipolar jet outflows by prescribing appropri-
ate boundary conditions near the pole, as described in the following
section. Outflow boundary conditions are used at lower latitudes.
Neutrino transport is switched off, and the metric is frozen at this
point.

2.3 Prescription for jet energy

Numerical MHD studies have shown that the magnetorotational
explosion mechanism can power bipolar jets in collapsing stars,
as long as the magnetic field can continue to tap energy from the
differentially rotating core (e.g. Akiyama et al. 2003; Blackman,
Nordhaus & Thomas 2006; Burrows et al. 2007; Obergaulinger
& Aloy 2017; Obergaulinger, Just & Aloy 2018). Based on their
models, Burrows et al. (2007) argued that in a quasi-steady state with
sufficiently strong magnetic fields, the power of the magnetically
driven outflows is regulated by the rate at which the accretion flow
brings in additional energy into differential rotation. Based on the
notion that the rate of increase of the free rotational energy Ėfree is
balanced by the jet power, we construct a simple analytical model
to relate the jet power to the properties of the accretion flow at the
excision boundary.

In our model, we assume that the accreted material is initially
accreted on to and mixed homogeneously into the PNS without being
braked into corotation. The rate Ėrot,acc at which rotational energy is

1Additionally to the listed species, protons from photodisintegration are
treated separately as 19th species.

thus injected into the PNS by accretion is

Ėrot,acc = Ṁ
j 2

4/5 R2
, (1)

where Ṁ is the mass accretion rate, j is the specific angular
momentum of the accreted matter, and R is the PNS radius. For
simplicity, we assume that the PNS is a homogeneous sphere of
radius 15 km to compute its radius of gyration. Deviations from this
(crude) assumption can be absorbed into an overall efficiency factor
for the jet power.

Ėrot,acc can then be compared to the rate of increase of the PNS
rotational energy after the accreted material has come into corotation
with the PNS, which is assumed to rotate uniformly. Using a PNS
moment of inertia I = 2/5 MR2 in terms of PNS mass M, we obtain

Ėrot,PNS = d
dt
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where jPNS = J/M is the average specific angular momentum of the
PNS. By subtracting Ėrot,PNS from Ėrot,acc, we find that accretion
provides free rotational energy at a rate of

Ėfree =
5Ṁ

(
j 2 − 2jjPNS + j 2

PNS

)

4R2
= 5Ṁ (j − jPNS)2

4R2
. (3)

We assume that Ėfree is converted into jet power Ėjet with an efficiency
parameter, ε,

Ėjet = εĖfree = 5εṀ (j − jPNS)2

4R2
. (4)

We explore three different values for the efficiency parameter, ε =
0.1, 0.5, 1.0. This allows us to survey a broader range of plausible jet
energy fluxes that may occur in more realistic MHD simulations, e.g.
due to variations in initial magnetic field strengths and geometries.

If the baryonic mass Mcore of the excised compact remnant
increases beyond 2.5 M$, we assume BH formation occurs. In this
case, the energy input into the jet is terminated.

The inner boundary conditions for the zones with an angle of
θjet = 0.1 rad of the grid axis are chosen such as to reproduce the
desired total energy flux Ėjet for bipolar jets in both hemispheres. To
obtain the correct relativistic energy flux, we require

Ėjet

2 d$jetr2
= αφ6ρ (hW 2 − W ) v̂1, (5)

where d$jet = 2π |1 − cos θ jet|, α is the lapse function, φ is the
conformal factor in the xCFC metric, ρ is the density, h is the rela-
tivistic specific enthalpy, and W is the Lorentz factor. Furthermore,
v̂1 is defined as v̂1 = v1 − β1/α, where β is the shift vector and v1

is the radial component of the 3-velocity in the Eulerian frame. See
Dimmelmeier et al. (2002, 2005) and Müller et al. (2010) for an
in-depth presentation of the relativistic equations of hydrodynamics
implemented in the COCONUT code. In this way, the jet energy is
tied to the mass and angular momentum of the accreted material,
in the form of the available free energy in differential rotation. To
implement the jets, we rearrange equation (5) for ρ,

ρ = Ėjet

2 d$jetαφ6(hW 2 − W ) v̂1r2
, (6)

and set v and h to match the properties of simulated MHD jets, as
described in Section 2.4. The composition of the ejected jet material
also needs to be specified. We set Ye = 0.3 for the electron fraction in
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2.2 Simulations of jet-driven explosions

We use the COCONUT code, a Godunov-based Eulerian relativistic
hydrodynamic solver (Dimmelmeier, Font & Müller 2002; Müller,
Janka & Dimmelmeier 2010; Müller & Janka 2015) with higher order
reconstruction to follow the collapse and post-bounce evolution of
these stars, after mapping each model to two dimensions. We assume
equatorial and axial symmetry, and our computational domain is
covered by 550 radial and 128 angular zones, extending out to
a maximum radius of 2 × 1010 cm. Until ∼80 ms, the simulations
include neutrino transport using the fast multigroup (FMT) scheme
of Müller & Janka (2015). In the high-density regime, we use
the nuclear equation of state of Lattimer & Swesty (1991) with
an incompressibility modulus of K = 220 MeV. At low densities,
we treat the gas as an ensemble of nuclei, electrons, positrons,
and photons. At temperatures greater than 8 GK, nuclear statistical
equilibrium (NSE) is assumed. At lower temperatures, we use a 19-
species network including protons, neutrons, 3He, 4He12C, 14N16O,
20Ne, 24Mg, 28Si, 32S, 36Ar, 40Ca, 44Ti, 48Cr, 52Fe, 54Fe, and 56Ni
(Weaver et al. 1978) to treat nuclear burning and recombination.1

In the NSE regime, we additionally formally include a few neutron-
rich species (56Fe, 60Fe, 70Ni and very neutron-rich dummy species
120Ni, 200Zr) that can be formed during freeze-out from NSE at a
low electron fraction Ye. In practice, neutron-rich material enters
the NSE regime in a dissociated state dominated by α-particles
and free neutrons, and due to the use of the 19-species network
at lower temperatures, we underestimate the recombination to nuclei
at low Ye in the jet during the hydro simulation. This does not
significantly affect the energetics of the explosion for several reasons,
however. The energetically more important process of recombination
into α-particles is treated accurately; recombination into nuclei is
incomplete in the jets because of their high entropies.

At ∼80 ms post-bounce, we excise the region inside a radius
200 km and implement bipolar jet outflows by prescribing appropri-
ate boundary conditions near the pole, as described in the following
section. Outflow boundary conditions are used at lower latitudes.
Neutrino transport is switched off, and the metric is frozen at this
point.

2.3 Prescription for jet energy

Numerical MHD studies have shown that the magnetorotational
explosion mechanism can power bipolar jets in collapsing stars,
as long as the magnetic field can continue to tap energy from the
differentially rotating core (e.g. Akiyama et al. 2003; Blackman,
Nordhaus & Thomas 2006; Burrows et al. 2007; Obergaulinger
& Aloy 2017; Obergaulinger, Just & Aloy 2018). Based on their
models, Burrows et al. (2007) argued that in a quasi-steady state with
sufficiently strong magnetic fields, the power of the magnetically
driven outflows is regulated by the rate at which the accretion flow
brings in additional energy into differential rotation. Based on the
notion that the rate of increase of the free rotational energy Ėfree is
balanced by the jet power, we construct a simple analytical model
to relate the jet power to the properties of the accretion flow at the
excision boundary.

In our model, we assume that the accreted material is initially
accreted on to and mixed homogeneously into the PNS without being
braked into corotation. The rate Ėrot,acc at which rotational energy is

1Additionally to the listed species, protons from photodisintegration are
treated separately as 19th species.

thus injected into the PNS by accretion is

Ėrot,acc = Ṁ
j 2

4/5 R2
, (1)

where Ṁ is the mass accretion rate, j is the specific angular
momentum of the accreted matter, and R is the PNS radius. For
simplicity, we assume that the PNS is a homogeneous sphere of
radius 15 km to compute its radius of gyration. Deviations from this
(crude) assumption can be absorbed into an overall efficiency factor
for the jet power.

Ėrot,acc can then be compared to the rate of increase of the PNS
rotational energy after the accreted material has come into corotation
with the PNS, which is assumed to rotate uniformly. Using a PNS
moment of inertia I = 2/5 MR2 in terms of PNS mass M, we obtain

Ėrot,PNS = d
dt
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where jPNS = J/M is the average specific angular momentum of the
PNS. By subtracting Ėrot,PNS from Ėrot,acc, we find that accretion
provides free rotational energy at a rate of

Ėfree =
5Ṁ

(
j 2 − 2jjPNS + j 2

PNS

)

4R2
= 5Ṁ (j − jPNS)2

4R2
. (3)

We assume that Ėfree is converted into jet power Ėjet with an efficiency
parameter, ε,

Ėjet = εĖfree = 5εṀ (j − jPNS)2

4R2
. (4)

We explore three different values for the efficiency parameter, ε =
0.1, 0.5, 1.0. This allows us to survey a broader range of plausible jet
energy fluxes that may occur in more realistic MHD simulations, e.g.
due to variations in initial magnetic field strengths and geometries.

If the baryonic mass Mcore of the excised compact remnant
increases beyond 2.5 M$, we assume BH formation occurs. In this
case, the energy input into the jet is terminated.

The inner boundary conditions for the zones with an angle of
θjet = 0.1 rad of the grid axis are chosen such as to reproduce the
desired total energy flux Ėjet for bipolar jets in both hemispheres. To
obtain the correct relativistic energy flux, we require

Ėjet

2 d$jetr2
= αφ6ρ (hW 2 − W ) v̂1, (5)

where d$jet = 2π |1 − cos θ jet|, α is the lapse function, φ is the
conformal factor in the xCFC metric, ρ is the density, h is the rela-
tivistic specific enthalpy, and W is the Lorentz factor. Furthermore,
v̂1 is defined as v̂1 = v1 − β1/α, where β is the shift vector and v1

is the radial component of the 3-velocity in the Eulerian frame. See
Dimmelmeier et al. (2002, 2005) and Müller et al. (2010) for an
in-depth presentation of the relativistic equations of hydrodynamics
implemented in the COCONUT code. In this way, the jet energy is
tied to the mass and angular momentum of the accreted material,
in the form of the available free energy in differential rotation. To
implement the jets, we rearrange equation (5) for ρ,

ρ = Ėjet

2 d$jetαφ6(hW 2 − W ) v̂1r2
, (6)

and set v and h to match the properties of simulated MHD jets, as
described in Section 2.4. The composition of the ejected jet material
also needs to be specified. We set Ye = 0.3 for the electron fraction in
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2.2 Simulations of jet-driven explosions

We use the COCONUT code, a Godunov-based Eulerian relativistic
hydrodynamic solver (Dimmelmeier, Font & Müller 2002; Müller,
Janka & Dimmelmeier 2010; Müller & Janka 2015) with higher order
reconstruction to follow the collapse and post-bounce evolution of
these stars, after mapping each model to two dimensions. We assume
equatorial and axial symmetry, and our computational domain is
covered by 550 radial and 128 angular zones, extending out to
a maximum radius of 2 × 1010 cm. Until ∼80 ms, the simulations
include neutrino transport using the fast multigroup (FMT) scheme
of Müller & Janka (2015). In the high-density regime, we use
the nuclear equation of state of Lattimer & Swesty (1991) with
an incompressibility modulus of K = 220 MeV. At low densities,
we treat the gas as an ensemble of nuclei, electrons, positrons,
and photons. At temperatures greater than 8 GK, nuclear statistical
equilibrium (NSE) is assumed. At lower temperatures, we use a 19-
species network including protons, neutrons, 3He, 4He12C, 14N16O,
20Ne, 24Mg, 28Si, 32S, 36Ar, 40Ca, 44Ti, 48Cr, 52Fe, 54Fe, and 56Ni
(Weaver et al. 1978) to treat nuclear burning and recombination.1

In the NSE regime, we additionally formally include a few neutron-
rich species (56Fe, 60Fe, 70Ni and very neutron-rich dummy species
120Ni, 200Zr) that can be formed during freeze-out from NSE at a
low electron fraction Ye. In practice, neutron-rich material enters
the NSE regime in a dissociated state dominated by α-particles
and free neutrons, and due to the use of the 19-species network
at lower temperatures, we underestimate the recombination to nuclei
at low Ye in the jet during the hydro simulation. This does not
significantly affect the energetics of the explosion for several reasons,
however. The energetically more important process of recombination
into α-particles is treated accurately; recombination into nuclei is
incomplete in the jets because of their high entropies.

At ∼80 ms post-bounce, we excise the region inside a radius
200 km and implement bipolar jet outflows by prescribing appropri-
ate boundary conditions near the pole, as described in the following
section. Outflow boundary conditions are used at lower latitudes.
Neutrino transport is switched off, and the metric is frozen at this
point.

2.3 Prescription for jet energy

Numerical MHD studies have shown that the magnetorotational
explosion mechanism can power bipolar jets in collapsing stars,
as long as the magnetic field can continue to tap energy from the
differentially rotating core (e.g. Akiyama et al. 2003; Blackman,
Nordhaus & Thomas 2006; Burrows et al. 2007; Obergaulinger
& Aloy 2017; Obergaulinger, Just & Aloy 2018). Based on their
models, Burrows et al. (2007) argued that in a quasi-steady state with
sufficiently strong magnetic fields, the power of the magnetically
driven outflows is regulated by the rate at which the accretion flow
brings in additional energy into differential rotation. Based on the
notion that the rate of increase of the free rotational energy Ėfree is
balanced by the jet power, we construct a simple analytical model
to relate the jet power to the properties of the accretion flow at the
excision boundary.

In our model, we assume that the accreted material is initially
accreted on to and mixed homogeneously into the PNS without being
braked into corotation. The rate Ėrot,acc at which rotational energy is

1Additionally to the listed species, protons from photodisintegration are
treated separately as 19th species.

thus injected into the PNS by accretion is

Ėrot,acc = Ṁ
j 2

4/5 R2
, (1)

where Ṁ is the mass accretion rate, j is the specific angular
momentum of the accreted matter, and R is the PNS radius. For
simplicity, we assume that the PNS is a homogeneous sphere of
radius 15 km to compute its radius of gyration. Deviations from this
(crude) assumption can be absorbed into an overall efficiency factor
for the jet power.

Ėrot,acc can then be compared to the rate of increase of the PNS
rotational energy after the accreted material has come into corotation
with the PNS, which is assumed to rotate uniformly. Using a PNS
moment of inertia I = 2/5 MR2 in terms of PNS mass M, we obtain
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where jPNS = J/M is the average specific angular momentum of the
PNS. By subtracting Ėrot,PNS from Ėrot,acc, we find that accretion
provides free rotational energy at a rate of

Ėfree =
5Ṁ

(
j 2 − 2jjPNS + j 2

PNS

)

4R2
= 5Ṁ (j − jPNS)2

4R2
. (3)

We assume that Ėfree is converted into jet power Ėjet with an efficiency
parameter, ε,

Ėjet = εĖfree = 5εṀ (j − jPNS)2

4R2
. (4)

We explore three different values for the efficiency parameter, ε =
0.1, 0.5, 1.0. This allows us to survey a broader range of plausible jet
energy fluxes that may occur in more realistic MHD simulations, e.g.
due to variations in initial magnetic field strengths and geometries.

If the baryonic mass Mcore of the excised compact remnant
increases beyond 2.5 M$, we assume BH formation occurs. In this
case, the energy input into the jet is terminated.

The inner boundary conditions for the zones with an angle of
θjet = 0.1 rad of the grid axis are chosen such as to reproduce the
desired total energy flux Ėjet for bipolar jets in both hemispheres. To
obtain the correct relativistic energy flux, we require

Ėjet

2 d$jetr2
= αφ6ρ (hW 2 − W ) v̂1, (5)

where d$jet = 2π |1 − cos θ jet|, α is the lapse function, φ is the
conformal factor in the xCFC metric, ρ is the density, h is the rela-
tivistic specific enthalpy, and W is the Lorentz factor. Furthermore,
v̂1 is defined as v̂1 = v1 − β1/α, where β is the shift vector and v1

is the radial component of the 3-velocity in the Eulerian frame. See
Dimmelmeier et al. (2002, 2005) and Müller et al. (2010) for an
in-depth presentation of the relativistic equations of hydrodynamics
implemented in the COCONUT code. In this way, the jet energy is
tied to the mass and angular momentum of the accreted material,
in the form of the available free energy in differential rotation. To
implement the jets, we rearrange equation (5) for ρ,

ρ = Ėjet

2 d$jetαφ6(hW 2 − W ) v̂1r2
, (6)

and set v and h to match the properties of simulated MHD jets, as
described in Section 2.4. The composition of the ejected jet material
also needs to be specified. We set Ye = 0.3 for the electron fraction in
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ate boundary conditions near the pole, as described in the following
section. Outflow boundary conditions are used at lower latitudes.
Neutrino transport is switched off, and the metric is frozen at this
point.

2.3 Prescription for jet energy

Numerical MHD studies have shown that the magnetorotational
explosion mechanism can power bipolar jets in collapsing stars,
as long as the magnetic field can continue to tap energy from the
differentially rotating core (e.g. Akiyama et al. 2003; Blackman,
Nordhaus & Thomas 2006; Burrows et al. 2007; Obergaulinger
& Aloy 2017; Obergaulinger, Just & Aloy 2018). Based on their
models, Burrows et al. (2007) argued that in a quasi-steady state with
sufficiently strong magnetic fields, the power of the magnetically
driven outflows is regulated by the rate at which the accretion flow
brings in additional energy into differential rotation. Based on the
notion that the rate of increase of the free rotational energy Ėfree is
balanced by the jet power, we construct a simple analytical model
to relate the jet power to the properties of the accretion flow at the
excision boundary.

In our model, we assume that the accreted material is initially
accreted on to and mixed homogeneously into the PNS without being
braked into corotation. The rate Ėrot,acc at which rotational energy is
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simplicity, we assume that the PNS is a homogeneous sphere of
radius 15 km to compute its radius of gyration. Deviations from this
(crude) assumption can be absorbed into an overall efficiency factor
for the jet power.
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We explore three different values for the efficiency parameter, ε =
0.1, 0.5, 1.0. This allows us to survey a broader range of plausible jet
energy fluxes that may occur in more realistic MHD simulations, e.g.
due to variations in initial magnetic field strengths and geometries.

If the baryonic mass Mcore of the excised compact remnant
increases beyond 2.5 M$, we assume BH formation occurs. In this
case, the energy input into the jet is terminated.

The inner boundary conditions for the zones with an angle of
θjet = 0.1 rad of the grid axis are chosen such as to reproduce the
desired total energy flux Ėjet for bipolar jets in both hemispheres. To
obtain the correct relativistic energy flux, we require
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= αφ6ρ (hW 2 − W ) v̂1, (5)

where d$jet = 2π |1 − cos θ jet|, α is the lapse function, φ is the
conformal factor in the xCFC metric, ρ is the density, h is the rela-
tivistic specific enthalpy, and W is the Lorentz factor. Furthermore,
v̂1 is defined as v̂1 = v1 − β1/α, where β is the shift vector and v1

is the radial component of the 3-velocity in the Eulerian frame. See
Dimmelmeier et al. (2002, 2005) and Müller et al. (2010) for an
in-depth presentation of the relativistic equations of hydrodynamics
implemented in the COCONUT code. In this way, the jet energy is
tied to the mass and angular momentum of the accreted material,
in the form of the available free energy in differential rotation. To
implement the jets, we rearrange equation (5) for ρ,
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and set v and h to match the properties of simulated MHD jets, as
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(Off-axis) Afterglow modeling
• De Colle et al. (2018): phenomenological jet 

engine 
• post-process synchrotron emission 

modeling: eacc=εe x eps 
• radio light curve consistent with some 

HNe

the kinetic energy (integrated over velocities v>Γβ) inferred
from observations of Type Ic SNe, GRBs, and relativistic SNe.
While typical Type Ic SNe can be explained by spherical

symmetric explosions, injection of energy at large velocities
must be considered to explain the energies observed in the
GRBs and relativistic SNe. Figure 3 clearly shows that the
energy of the cocoon is consistent with the energy inferred
from observations of relativistic SNe and low-luminosity
GRBs. The successful GRB model has a larger energy at
small polar angles (corresponding to energy launched toward
larger polar angles from the collimated relativistic outflow). At
angles 50°, the energy distribution of the cocoon is nearly
identical in the two cases considered.

Figure 1. Number density maps showing the dynamical evolution of a long
gamma-ray burst jet. The color bar corresponds to the following density range
(top to bottom panels, with larger densities in red and low densities in blue):
(1022, 1030) cm−3; (1011, 1030) cm−3; (103, 1022) cm−3; and (1,1015) cm−3. The
jet is launched from an inner boundary located at a r=2×108 cm. It first
moves with nonrelativistic speed through the star (top panel), breaks out of the
star and expands through the wind of the progenitor Wolf–Rayet star (central
panels), forming an extended, nearly spherical cocoon (bottom panel), which
expands at mildly relativistic speeds into the environment. Left panels show a
failed jet, while right panels show a successful one. Differences between
successful and failed jets can be seen only at late times in the region close to the
jet axis (see, e.g., the bottom panel), where the successful jet moves
relativistically while the expanding shock wave produced by the failed jet
begins to decelerate.

Figure 2. Average cocoon shock velocity ( �� ���� �� /dt t
R

0
) as a function of time

(computed in the lab frame) for the successful (solid lines) and failed (dashed
lines) jets respectively. The velocity is obtained by deriving the shock position,
Rsh(θ, t) (computed from the numerical simulations), with respect of time, at
different polar angles (θ=15°, 30°, 45°, 60°, 75°, and 90°; top to bottom
lines).

Figure 3. Kinetic energy as a function of the ejecta velocity Γ β for Type Ic
SNe observed in optical (red squares), and in radio (red circles) for standard
GRBs (blue circles) and their associated SNe (blue squares) and for low-
luminosity GRBs and relativistic SNe and their associated SNe (light blue
circles and squares, respectively). The curves show the cocoon energy
computed from the simulation of a successful (light gray) and failed jet (black)
at different polar angles (0°, 30°, 60°, and 90°, from the fastest to the slowest
curves, respectively). Both models reproduce the energy of the relativistic SNe
deduced from radio emission. Optical observations (squares) require a spherical
SN component, which is not included in our simulations. The figure is adapted
from Margutti et al. (2014).
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(at θobs=π/2 the emission from the cocoon is similar in the
two models) is shown in Figure 5. The observed radio
emission shows a power-law decay as ≈t−1.5, with large
variability in flux possibly due to anisotropies in the
progenitor wind. The cocoon radio emission from a failed
jet reproduces well the observed light curves, although it
presents a slower decay with time, as ≈t−1.15 (the other model
where the relativistic jet breaks through the surface of the
progenitor star successfully produces similar results). A better
agreement with the observation would be achieved if the
average velocity (see Figure 2) had a faster decay in time, for
instance, by adjusting the density stratification of the circum-
burst medium (which we have taken ∝r−2) or by considering
a different stellar structure.

We also computed the emission of a top-hat GRB jet
observed at θobs=π/2 by using the result of simulations
presented in De Colle et al. (2012b). A GRB with isotropic
energy Eiso=1053 erg and òB=òe=0.1 is is ruled out from
the observations, as it would peak at about 1000 days with a
flux much larger than the one observed in the SN 2009bb. On
the other hand, GRBs with a larger isotropic energy (see the
discussion in Section 3.3) or lower values of òB are not
completely ruled out by the data.

3.3. GRB Off-axis Emission

While the first off-axis short GRB has been possibly recently
observed associated to the GW/GRB170817A,8 observations
of off-axis long gamma-ray bursts are still lacking. Type Ib/c
SNe have been monitored for long time, and they do not
present evidence of a steeply rising light curve as one expects
for an off-axis jet (see, e.g., Soderberg et al. 2006; Bietenholz
et al. 2014; Ghirlanda et al. 2014).
Previous estimations of the off-axis emission from GRBs

usually considered only the emission from the collimated jet.
Ramirez-Ruiz et al. (2002), Nakar & Piran (2017), Kathirgamaraju
et al. (2016), among others, estimated analytically the accompany-
ing emission from the cocoon and/or the SN. Figure 6 shows
under which conditions the cocoon emission can dominate with
respect of the off-axis GRB emission. The figure shows that, when
seen on-axis, the GRB emission always dominates at small times.
The cocoon emission is important at late times, unless the GRB
isotropic energy and post-shock magnetic fields are large (Eiso
1053 erg, òB0.1). When observed on-axis in standard GRBs, the
cocoon produces a flattening in the light curve. This has been
studied in detail in the context of structured GRBs, which are
naturally generated by the presence of the GRB cocoon.
When observed off-axis (Figure 6, bottom panel), the cocoon

dominates the radio emission at nearly all times if the GRB jet
isotropic energy is small (i.e., Eiso∼1049 erg). Thus, a failed
GRB/cocoon and the cocoon of a weak GRB observed off-axis
will possibly produce similar emissions in radio. For an off-axis
jet with large energy, the cocoon emission will dominate at small
times, as the off-axis emission will peak at much larger times.
For instance, the cocoon emission produces a peak at ∼10 days,
while a GRB with an isotropic energy of 1053 erg peaks at 100
days when observed at θobs=0.8 rad. In the case θobs=π/2,
the observed time is �R� � � � � �( )t t R c tcosobs obs . Thus, the jet
radiation will contribute to the observed afterglow only when the

Figure 4. Cocoon spectra 20 days (black full lines) and 100 days (red dashed
lines) after the SN explosion, compared with data from SN 2009bb. The curves
correspond to different observer angles (θobs=0.4, 0.8, π/2 rad from the
brightest to the dimmest curve). The flux is computed at a distance of 40 Mpc.
Observations of SN 2009bb (Soderberg et al. 2010) at the same times are
shown in the figure for comparison. Both models reproduce qualitatively the
observations.

Figure 5. Comparison between observed radio light curves of the SN 2009bb
at 8.46 GHz (black dots, from Soderberg et al. 2010), 1.28/1.43 GHz (red dots,
from Soderberg et al. 2010; Ray et al. 2014) and the radio emission from the
cocoon computed by post-processing the results of the numerical simulations of
a failed jet (pink and gray shaded areas, corresponding to 1.28 GHz and
8.46 GHz, respectively). The lower limit into the cocoon emission is computed
for an observer located at θobs=90°, while the upper limit for θobs=30°.

8 GRB170817 might have been an off-axis short GRB, or it might be the case
that gamma-rays were instead produced by the shock breakout of the cocoon
through the neutron star merger debris (e.g., Granot et al. 2017; Lazzati
et al. 2018; Nakar & Piran 2018).
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3. Synchrotron Radiation from the Cocoon

3.1. Methods

We compute the synchrotron radiation emitted from the
cocoon shock front by post-processing the results of the
numerical simulations. As the simulation extends only to
1016cm, we fit the velocity as a function of time and polar
angle. Then, we use these extrapolated values for the velocity at
later times when necessary in the calculation of the radiation.

Given the shock velocity as a function of time and polar
angle (see, e.g., Figure 2) and the ambient density, we compute
the post-shock density, ρps, thermal-energy density, eps, and
velocity, vps. We then assume that there is a nonthermal
population of electrons (accelerated by the shock) with a
distribution Ne∝γe

−p, and with an energy density, eacc=òe
eps, i.e., given by a fraction òe of the post-shock thermal-energy
density. We also assume that the magnetic energy density is a
fraction òB of the thermal energy, i.e., �Q�B e8 B ps .

To determine the observed synchrotron flux, we integrate (at
fixed values of t, θ) the radiation transfer equation through the
post-shock region.6 Assuming that the emitting region is
uniform, the radiation transfer equation has the following
solution:

B
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where the proper frequency, ν′, is related to the observed
frequency by
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The flux is then computed from the specific intensity by
integrating the equation

¨�O O ( )F
D

I dA
1

. 5
2
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In these Equations, βP is the velocity parallel to the direction
of the observer, ξe is the fraction of post-shock electrons
accelerated by the Fermi process (we assume ξ=1 in the

calculations presented in this paper), γ is the Lorentz factor of
accelerated electrons, νm is the characteristic frequency
corresponding to the minimum Lorentz factor of the acceler-
ated electrons, and the other constants have their usual
meaning.
Finally, we notice that at distances r1015 and for the

mass loss considered here (∼10−6 Me yr−1), free–free and
Thomson scattering are negligible (see, e.g., Chevalier 1998).

3.2. Comparison with Observations of SN 2009bb

The relativistic supernova SN 2009bb exploded on 2009
March and is located at ∼40Mpc in the nearby spiral galaxy,
NGC 3278. SN 2009bb has been classified as a broadlined
Type Ic SN, with photosphere velocities �20,000 km s−1 and
with a kinetic energy of 1.8×1052 erg (Pignata et al. 2011).
This SN has been extensively observed at radio wavelengths
with the Very Large Array (VLA; Soderberg et al. 2010), very
long baseline interferometry (VLBI ; Bietenholz et al. 2010)
and the Giant Metre-wave Radio Telescope (GMRT; Ray
et al. 2014) spanning Δt∼20–1000 days, and is about
∼100 times more luminous than the “average” SN type Ibc.
The spectrum is consistent with synchrotron emission, with the
low-frequency part suppressed by synchrotron self absorption.
The emission is well modeled by a shock with energy ∼1049

erg and a velocity ∼0.85±0.02 c (Soderberg et al. 2010).
As mentioned in the previous section, the energy and

velocity of the expanding cocoon are of the same order of
magnitude as those of relativistic supernovae. Thus, it is
expected that the cocoon nonthermal emission should be
similar to the one observed in SN 2009bb.
The synchrotron radiation emitted by the cocoon is presented

in Figure 4 at 20 and 80 days after the explosion. The best fit to
the data at θobs=1.2 rad is obtained for òB=0.27, òe= 0.019
and p=3.4 in the successful jet model, and òB=0.25, òe=
0.05 and p=3 in the failed jet model. In both cases,

� q �Ṁ 2 10w
6 Me yr−1. The synthetic spectrum is also

computed at θobs=0.4 rad with the same parameters.
The synchrotron spectra show an optically thick (with

Fν∝ν5/2) and optically thin (with Fν ∝ ν−( p−1)/2) component.
As expected, the self-absorption frequency moves toward lower
frequencies with time. Due to the decrease of the shock
velocity with time, the peak flux also drops slightly with time.
While in relativistic flows (e.g., GRBs) usually νm?νa (νm

is the characteristic frequency emitted by electrons accelerate
with the minimum Lorentz factor γm), the opposite is true in
nonrelativistic flows (as � �O Dr r (�e nm B e e

1 2 2 5 2 2 2
sh
3 in

relativistic and Cr sh
5 in nonrelativistic shocks, respectively),

in which case, νm109 GHz.
The cocoon is strongly asymmetric along the polar direction

(see Figures 1, 2). As a consequence, the cocoon radio
emission depends on the observing angle, increasing by ∼1
order of magnitude for observers located at ∼0.4rad with
respect to observers located at θobs=π/2. The emission from
the cocoon is similar in the two models considered in this paper
at large observing angles differs when observed closer to the jet
axis and is qualitatively consistent with the observations.
However, an off-axis jet could dominate the emission (at all
observing angles) at larger times when its velocity has dropped
to subrelativistic speed and if its energy exceeds the energy in
the cocoon (see the discussion in Section 3.3).
A comparison between the radio light curve of SN 2009bb

and the cocoon emission produced by a failed jet

6 We assume that the emission comes from the shocked wind, and neglect the
emission due to the reverse shock.
7 The cooling frequency is much larger than the radio frequencies for typical
values of shocks velocity and density, so it is not considered here.
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3. Synchrotron Radiation from the Cocoon

3.1. Methods

We compute the synchrotron radiation emitted from the
cocoon shock front by post-processing the results of the
numerical simulations. As the simulation extends only to
1016cm, we fit the velocity as a function of time and polar
angle. Then, we use these extrapolated values for the velocity at
later times when necessary in the calculation of the radiation.

Given the shock velocity as a function of time and polar
angle (see, e.g., Figure 2) and the ambient density, we compute
the post-shock density, ρps, thermal-energy density, eps, and
velocity, vps. We then assume that there is a nonthermal
population of electrons (accelerated by the shock) with a
distribution Ne∝γe

−p, and with an energy density, eacc=òe
eps, i.e., given by a fraction òe of the post-shock thermal-energy
density. We also assume that the magnetic energy density is a
fraction òB of the thermal energy, i.e., �Q�B e8 B ps .

To determine the observed synchrotron flux, we integrate (at
fixed values of t, θ) the radiation transfer equation through the
post-shock region.6 Assuming that the emitting region is
uniform, the radiation transfer equation has the following
solution:
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where the proper frequency, ν′, is related to the observed
frequency by
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The flux is then computed from the specific intensity by
integrating the equation
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In Equation (3), UO a is the optical depth, while O aj and BO a are
the specific emissivity and absorptivity, respectively, defined as
(Granot et al. 1999, see also De Colle et al. 2012a)7
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In these Equations, βP is the velocity parallel to the direction
of the observer, ξe is the fraction of post-shock electrons
accelerated by the Fermi process (we assume ξ=1 in the

calculations presented in this paper), γ is the Lorentz factor of
accelerated electrons, νm is the characteristic frequency
corresponding to the minimum Lorentz factor of the acceler-
ated electrons, and the other constants have their usual
meaning.
Finally, we notice that at distances r1015 and for the

mass loss considered here (∼10−6 Me yr−1), free–free and
Thomson scattering are negligible (see, e.g., Chevalier 1998).

3.2. Comparison with Observations of SN 2009bb

The relativistic supernova SN 2009bb exploded on 2009
March and is located at ∼40Mpc in the nearby spiral galaxy,
NGC 3278. SN 2009bb has been classified as a broadlined
Type Ic SN, with photosphere velocities �20,000 km s−1 and
with a kinetic energy of 1.8×1052 erg (Pignata et al. 2011).
This SN has been extensively observed at radio wavelengths
with the Very Large Array (VLA; Soderberg et al. 2010), very
long baseline interferometry (VLBI ; Bietenholz et al. 2010)
and the Giant Metre-wave Radio Telescope (GMRT; Ray
et al. 2014) spanning Δt∼20–1000 days, and is about
∼100 times more luminous than the “average” SN type Ibc.
The spectrum is consistent with synchrotron emission, with the
low-frequency part suppressed by synchrotron self absorption.
The emission is well modeled by a shock with energy ∼1049

erg and a velocity ∼0.85±0.02 c (Soderberg et al. 2010).
As mentioned in the previous section, the energy and

velocity of the expanding cocoon are of the same order of
magnitude as those of relativistic supernovae. Thus, it is
expected that the cocoon nonthermal emission should be
similar to the one observed in SN 2009bb.
The synchrotron radiation emitted by the cocoon is presented

in Figure 4 at 20 and 80 days after the explosion. The best fit to
the data at θobs=1.2 rad is obtained for òB=0.27, òe= 0.019
and p=3.4 in the successful jet model, and òB=0.25, òe=
0.05 and p=3 in the failed jet model. In both cases,

� q �Ṁ 2 10w
6 Me yr−1. The synthetic spectrum is also

computed at θobs=0.4 rad with the same parameters.
The synchrotron spectra show an optically thick (with

Fν∝ν5/2) and optically thin (with Fν ∝ ν−( p−1)/2) component.
As expected, the self-absorption frequency moves toward lower
frequencies with time. Due to the decrease of the shock
velocity with time, the peak flux also drops slightly with time.
While in relativistic flows (e.g., GRBs) usually νm?νa (νm

is the characteristic frequency emitted by electrons accelerate
with the minimum Lorentz factor γm), the opposite is true in
nonrelativistic flows (as � �O Dr r (�e nm B e e

1 2 2 5 2 2 2
sh
3 in

relativistic and Cr sh
5 in nonrelativistic shocks, respectively),

in which case, νm109 GHz.
The cocoon is strongly asymmetric along the polar direction

(see Figures 1, 2). As a consequence, the cocoon radio
emission depends on the observing angle, increasing by ∼1
order of magnitude for observers located at ∼0.4rad with
respect to observers located at θobs=π/2. The emission from
the cocoon is similar in the two models considered in this paper
at large observing angles differs when observed closer to the jet
axis and is qualitatively consistent with the observations.
However, an off-axis jet could dominate the emission (at all
observing angles) at larger times when its velocity has dropped
to subrelativistic speed and if its energy exceeds the energy in
the cocoon (see the discussion in Section 3.3).
A comparison between the radio light curve of SN 2009bb

and the cocoon emission produced by a failed jet

6 We assume that the emission comes from the shocked wind, and neglect the
emission due to the reverse shock.
7 The cooling frequency is much larger than the radio frequencies for typical
values of shocks velocity and density, so it is not considered here.
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(Off-axis) Afterglow modeling
• De Colle et al. (2018): phenomenological jet 

engine 
• post-process synchrotron emission 

modeling: eacc=εe x eps 
• radio light curve consistent with some 

HNe

the kinetic energy (integrated over velocities v>Γβ) inferred
from observations of Type Ic SNe, GRBs, and relativistic SNe.
While typical Type Ic SNe can be explained by spherical

symmetric explosions, injection of energy at large velocities
must be considered to explain the energies observed in the
GRBs and relativistic SNe. Figure 3 clearly shows that the
energy of the cocoon is consistent with the energy inferred
from observations of relativistic SNe and low-luminosity
GRBs. The successful GRB model has a larger energy at
small polar angles (corresponding to energy launched toward
larger polar angles from the collimated relativistic outflow). At
angles 50°, the energy distribution of the cocoon is nearly
identical in the two cases considered.

Figure 1. Number density maps showing the dynamical evolution of a long
gamma-ray burst jet. The color bar corresponds to the following density range
(top to bottom panels, with larger densities in red and low densities in blue):
(1022, 1030) cm−3; (1011, 1030) cm−3; (103, 1022) cm−3; and (1,1015) cm−3. The
jet is launched from an inner boundary located at a r=2×108 cm. It first
moves with nonrelativistic speed through the star (top panel), breaks out of the
star and expands through the wind of the progenitor Wolf–Rayet star (central
panels), forming an extended, nearly spherical cocoon (bottom panel), which
expands at mildly relativistic speeds into the environment. Left panels show a
failed jet, while right panels show a successful one. Differences between
successful and failed jets can be seen only at late times in the region close to the
jet axis (see, e.g., the bottom panel), where the successful jet moves
relativistically while the expanding shock wave produced by the failed jet
begins to decelerate.

Figure 2. Average cocoon shock velocity ( �� ���� �� /dt t
R

0
) as a function of time

(computed in the lab frame) for the successful (solid lines) and failed (dashed
lines) jets respectively. The velocity is obtained by deriving the shock position,
Rsh(θ, t) (computed from the numerical simulations), with respect of time, at
different polar angles (θ=15°, 30°, 45°, 60°, 75°, and 90°; top to bottom
lines).

Figure 3. Kinetic energy as a function of the ejecta velocity Γ β for Type Ic
SNe observed in optical (red squares), and in radio (red circles) for standard
GRBs (blue circles) and their associated SNe (blue squares) and for low-
luminosity GRBs and relativistic SNe and their associated SNe (light blue
circles and squares, respectively). The curves show the cocoon energy
computed from the simulation of a successful (light gray) and failed jet (black)
at different polar angles (0°, 30°, 60°, and 90°, from the fastest to the slowest
curves, respectively). Both models reproduce the energy of the relativistic SNe
deduced from radio emission. Optical observations (squares) require a spherical
SN component, which is not included in our simulations. The figure is adapted
from Margutti et al. (2014).
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(at θobs=π/2 the emission from the cocoon is similar in the
two models) is shown in Figure 5. The observed radio
emission shows a power-law decay as ≈t−1.5, with large
variability in flux possibly due to anisotropies in the
progenitor wind. The cocoon radio emission from a failed
jet reproduces well the observed light curves, although it
presents a slower decay with time, as ≈t−1.15 (the other model
where the relativistic jet breaks through the surface of the
progenitor star successfully produces similar results). A better
agreement with the observation would be achieved if the
average velocity (see Figure 2) had a faster decay in time, for
instance, by adjusting the density stratification of the circum-
burst medium (which we have taken ∝r−2) or by considering
a different stellar structure.

We also computed the emission of a top-hat GRB jet
observed at θobs=π/2 by using the result of simulations
presented in De Colle et al. (2012b). A GRB with isotropic
energy Eiso=1053 erg and òB=òe=0.1 is is ruled out from
the observations, as it would peak at about 1000 days with a
flux much larger than the one observed in the SN 2009bb. On
the other hand, GRBs with a larger isotropic energy (see the
discussion in Section 3.3) or lower values of òB are not
completely ruled out by the data.

3.3. GRB Off-axis Emission

While the first off-axis short GRB has been possibly recently
observed associated to the GW/GRB170817A,8 observations
of off-axis long gamma-ray bursts are still lacking. Type Ib/c
SNe have been monitored for long time, and they do not
present evidence of a steeply rising light curve as one expects
for an off-axis jet (see, e.g., Soderberg et al. 2006; Bietenholz
et al. 2014; Ghirlanda et al. 2014).
Previous estimations of the off-axis emission from GRBs

usually considered only the emission from the collimated jet.
Ramirez-Ruiz et al. (2002), Nakar & Piran (2017), Kathirgamaraju
et al. (2016), among others, estimated analytically the accompany-
ing emission from the cocoon and/or the SN. Figure 6 shows
under which conditions the cocoon emission can dominate with
respect of the off-axis GRB emission. The figure shows that, when
seen on-axis, the GRB emission always dominates at small times.
The cocoon emission is important at late times, unless the GRB
isotropic energy and post-shock magnetic fields are large (Eiso
1053 erg, òB0.1). When observed on-axis in standard GRBs, the
cocoon produces a flattening in the light curve. This has been
studied in detail in the context of structured GRBs, which are
naturally generated by the presence of the GRB cocoon.
When observed off-axis (Figure 6, bottom panel), the cocoon

dominates the radio emission at nearly all times if the GRB jet
isotropic energy is small (i.e., Eiso∼1049 erg). Thus, a failed
GRB/cocoon and the cocoon of a weak GRB observed off-axis
will possibly produce similar emissions in radio. For an off-axis
jet with large energy, the cocoon emission will dominate at small
times, as the off-axis emission will peak at much larger times.
For instance, the cocoon emission produces a peak at ∼10 days,
while a GRB with an isotropic energy of 1053 erg peaks at 100
days when observed at θobs=0.8 rad. In the case θobs=π/2,
the observed time is �R� � � � � �( )t t R c tcosobs obs . Thus, the jet
radiation will contribute to the observed afterglow only when the

Figure 4. Cocoon spectra 20 days (black full lines) and 100 days (red dashed
lines) after the SN explosion, compared with data from SN 2009bb. The curves
correspond to different observer angles (θobs=0.4, 0.8, π/2 rad from the
brightest to the dimmest curve). The flux is computed at a distance of 40 Mpc.
Observations of SN 2009bb (Soderberg et al. 2010) at the same times are
shown in the figure for comparison. Both models reproduce qualitatively the
observations.

Figure 5. Comparison between observed radio light curves of the SN 2009bb
at 8.46 GHz (black dots, from Soderberg et al. 2010), 1.28/1.43 GHz (red dots,
from Soderberg et al. 2010; Ray et al. 2014) and the radio emission from the
cocoon computed by post-processing the results of the numerical simulations of
a failed jet (pink and gray shaded areas, corresponding to 1.28 GHz and
8.46 GHz, respectively). The lower limit into the cocoon emission is computed
for an observer located at θobs=90°, while the upper limit for θobs=30°.

8 GRB170817 might have been an off-axis short GRB, or it might be the case
that gamma-rays were instead produced by the shock breakout of the cocoon
through the neutron star merger debris (e.g., Granot et al. 2017; Lazzati
et al. 2018; Nakar & Piran 2018).
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3. Synchrotron Radiation from the Cocoon

3.1. Methods

We compute the synchrotron radiation emitted from the
cocoon shock front by post-processing the results of the
numerical simulations. As the simulation extends only to
1016cm, we fit the velocity as a function of time and polar
angle. Then, we use these extrapolated values for the velocity at
later times when necessary in the calculation of the radiation.

Given the shock velocity as a function of time and polar
angle (see, e.g., Figure 2) and the ambient density, we compute
the post-shock density, ρps, thermal-energy density, eps, and
velocity, vps. We then assume that there is a nonthermal
population of electrons (accelerated by the shock) with a
distribution Ne∝γe

−p, and with an energy density, eacc=òe
eps, i.e., given by a fraction òe of the post-shock thermal-energy
density. We also assume that the magnetic energy density is a
fraction òB of the thermal energy, i.e., �Q�B e8 B ps .

To determine the observed synchrotron flux, we integrate (at
fixed values of t, θ) the radiation transfer equation through the
post-shock region.6 Assuming that the emitting region is
uniform, the radiation transfer equation has the following
solution:
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where the proper frequency, ν′, is related to the observed
frequency by

O O H C Ra � �( ) ( )1 cos . 4obs

The flux is then computed from the specific intensity by
integrating the equation
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In Equation (3), UO a is the optical depth, while O aj and BO a are
the specific emissivity and absorptivity, respectively, defined as
(Granot et al. 1999, see also De Colle et al. 2012a)7
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In these Equations, βP is the velocity parallel to the direction
of the observer, ξe is the fraction of post-shock electrons
accelerated by the Fermi process (we assume ξ=1 in the

calculations presented in this paper), γ is the Lorentz factor of
accelerated electrons, νm is the characteristic frequency
corresponding to the minimum Lorentz factor of the acceler-
ated electrons, and the other constants have their usual
meaning.
Finally, we notice that at distances r1015 and for the

mass loss considered here (∼10−6 Me yr−1), free–free and
Thomson scattering are negligible (see, e.g., Chevalier 1998).

3.2. Comparison with Observations of SN 2009bb

The relativistic supernova SN 2009bb exploded on 2009
March and is located at ∼40Mpc in the nearby spiral galaxy,
NGC 3278. SN 2009bb has been classified as a broadlined
Type Ic SN, with photosphere velocities �20,000 km s−1 and
with a kinetic energy of 1.8×1052 erg (Pignata et al. 2011).
This SN has been extensively observed at radio wavelengths
with the Very Large Array (VLA; Soderberg et al. 2010), very
long baseline interferometry (VLBI ; Bietenholz et al. 2010)
and the Giant Metre-wave Radio Telescope (GMRT; Ray
et al. 2014) spanning Δt∼20–1000 days, and is about
∼100 times more luminous than the “average” SN type Ibc.
The spectrum is consistent with synchrotron emission, with the
low-frequency part suppressed by synchrotron self absorption.
The emission is well modeled by a shock with energy ∼1049

erg and a velocity ∼0.85±0.02 c (Soderberg et al. 2010).
As mentioned in the previous section, the energy and

velocity of the expanding cocoon are of the same order of
magnitude as those of relativistic supernovae. Thus, it is
expected that the cocoon nonthermal emission should be
similar to the one observed in SN 2009bb.
The synchrotron radiation emitted by the cocoon is presented

in Figure 4 at 20 and 80 days after the explosion. The best fit to
the data at θobs=1.2 rad is obtained for òB=0.27, òe= 0.019
and p=3.4 in the successful jet model, and òB=0.25, òe=
0.05 and p=3 in the failed jet model. In both cases,

� q �Ṁ 2 10w
6 Me yr−1. The synthetic spectrum is also

computed at θobs=0.4 rad with the same parameters.
The synchrotron spectra show an optically thick (with

Fν∝ν5/2) and optically thin (with Fν ∝ ν−( p−1)/2) component.
As expected, the self-absorption frequency moves toward lower
frequencies with time. Due to the decrease of the shock
velocity with time, the peak flux also drops slightly with time.
While in relativistic flows (e.g., GRBs) usually νm?νa (νm

is the characteristic frequency emitted by electrons accelerate
with the minimum Lorentz factor γm), the opposite is true in
nonrelativistic flows (as � �O Dr r (�e nm B e e

1 2 2 5 2 2 2
sh
3 in

relativistic and Cr sh
5 in nonrelativistic shocks, respectively),

in which case, νm109 GHz.
The cocoon is strongly asymmetric along the polar direction

(see Figures 1, 2). As a consequence, the cocoon radio
emission depends on the observing angle, increasing by ∼1
order of magnitude for observers located at ∼0.4rad with
respect to observers located at θobs=π/2. The emission from
the cocoon is similar in the two models considered in this paper
at large observing angles differs when observed closer to the jet
axis and is qualitatively consistent with the observations.
However, an off-axis jet could dominate the emission (at all
observing angles) at larger times when its velocity has dropped
to subrelativistic speed and if its energy exceeds the energy in
the cocoon (see the discussion in Section 3.3).
A comparison between the radio light curve of SN 2009bb

and the cocoon emission produced by a failed jet

6 We assume that the emission comes from the shocked wind, and neglect the
emission due to the reverse shock.
7 The cooling frequency is much larger than the radio frequencies for typical
values of shocks velocity and density, so it is not considered here.
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3. Synchrotron Radiation from the Cocoon

3.1. Methods

We compute the synchrotron radiation emitted from the
cocoon shock front by post-processing the results of the
numerical simulations. As the simulation extends only to
1016cm, we fit the velocity as a function of time and polar
angle. Then, we use these extrapolated values for the velocity at
later times when necessary in the calculation of the radiation.

Given the shock velocity as a function of time and polar
angle (see, e.g., Figure 2) and the ambient density, we compute
the post-shock density, ρps, thermal-energy density, eps, and
velocity, vps. We then assume that there is a nonthermal
population of electrons (accelerated by the shock) with a
distribution Ne∝γe

−p, and with an energy density, eacc=òe
eps, i.e., given by a fraction òe of the post-shock thermal-energy
density. We also assume that the magnetic energy density is a
fraction òB of the thermal energy, i.e., �Q�B e8 B ps .

To determine the observed synchrotron flux, we integrate (at
fixed values of t, θ) the radiation transfer equation through the
post-shock region.6 Assuming that the emitting region is
uniform, the radiation transfer equation has the following
solution:
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where the proper frequency, ν′, is related to the observed
frequency by
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The flux is then computed from the specific intensity by
integrating the equation
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In Equation (3), UO a is the optical depth, while O aj and BO a are
the specific emissivity and absorptivity, respectively, defined as
(Granot et al. 1999, see also De Colle et al. 2012a)7
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In these Equations, βP is the velocity parallel to the direction
of the observer, ξe is the fraction of post-shock electrons
accelerated by the Fermi process (we assume ξ=1 in the

calculations presented in this paper), γ is the Lorentz factor of
accelerated electrons, νm is the characteristic frequency
corresponding to the minimum Lorentz factor of the acceler-
ated electrons, and the other constants have their usual
meaning.
Finally, we notice that at distances r1015 and for the

mass loss considered here (∼10−6 Me yr−1), free–free and
Thomson scattering are negligible (see, e.g., Chevalier 1998).

3.2. Comparison with Observations of SN 2009bb

The relativistic supernova SN 2009bb exploded on 2009
March and is located at ∼40Mpc in the nearby spiral galaxy,
NGC 3278. SN 2009bb has been classified as a broadlined
Type Ic SN, with photosphere velocities �20,000 km s−1 and
with a kinetic energy of 1.8×1052 erg (Pignata et al. 2011).
This SN has been extensively observed at radio wavelengths
with the Very Large Array (VLA; Soderberg et al. 2010), very
long baseline interferometry (VLBI ; Bietenholz et al. 2010)
and the Giant Metre-wave Radio Telescope (GMRT; Ray
et al. 2014) spanning Δt∼20–1000 days, and is about
∼100 times more luminous than the “average” SN type Ibc.
The spectrum is consistent with synchrotron emission, with the
low-frequency part suppressed by synchrotron self absorption.
The emission is well modeled by a shock with energy ∼1049

erg and a velocity ∼0.85±0.02 c (Soderberg et al. 2010).
As mentioned in the previous section, the energy and

velocity of the expanding cocoon are of the same order of
magnitude as those of relativistic supernovae. Thus, it is
expected that the cocoon nonthermal emission should be
similar to the one observed in SN 2009bb.
The synchrotron radiation emitted by the cocoon is presented

in Figure 4 at 20 and 80 days after the explosion. The best fit to
the data at θobs=1.2 rad is obtained for òB=0.27, òe= 0.019
and p=3.4 in the successful jet model, and òB=0.25, òe=
0.05 and p=3 in the failed jet model. In both cases,

� q �Ṁ 2 10w
6 Me yr−1. The synthetic spectrum is also

computed at θobs=0.4 rad with the same parameters.
The synchrotron spectra show an optically thick (with

Fν∝ν5/2) and optically thin (with Fν ∝ ν−( p−1)/2) component.
As expected, the self-absorption frequency moves toward lower
frequencies with time. Due to the decrease of the shock
velocity with time, the peak flux also drops slightly with time.
While in relativistic flows (e.g., GRBs) usually νm?νa (νm

is the characteristic frequency emitted by electrons accelerate
with the minimum Lorentz factor γm), the opposite is true in
nonrelativistic flows (as � �O Dr r (�e nm B e e

1 2 2 5 2 2 2
sh
3 in

relativistic and Cr sh
5 in nonrelativistic shocks, respectively),

in which case, νm109 GHz.
The cocoon is strongly asymmetric along the polar direction

(see Figures 1, 2). As a consequence, the cocoon radio
emission depends on the observing angle, increasing by ∼1
order of magnitude for observers located at ∼0.4rad with
respect to observers located at θobs=π/2. The emission from
the cocoon is similar in the two models considered in this paper
at large observing angles differs when observed closer to the jet
axis and is qualitatively consistent with the observations.
However, an off-axis jet could dominate the emission (at all
observing angles) at larger times when its velocity has dropped
to subrelativistic speed and if its energy exceeds the energy in
the cocoon (see the discussion in Section 3.3).
A comparison between the radio light curve of SN 2009bb

and the cocoon emission produced by a failed jet

6 We assume that the emission comes from the shocked wind, and neglect the
emission due to the reverse shock.
7 The cooling frequency is much larger than the radio frequencies for typical
values of shocks velocity and density, so it is not considered here.
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FIG. 5.ÈChemical composition of model CO100 plotted against the expansion velocity. Note that this is the result of the nucleosynthesis calculation with
a spherically symmetric model and that the light curve computation, 56N, is distributed homogeneously as explained in the text.

where and are the absorptive and scattering opacities,il plrespectively, is the Planck function, and k is the cosine ofBlthe angle made by the radial direction and the direction of
the ray. This equation is solved numerically using the Feau-
trier method with an approximate lambda operator similar
to the one described by Hauschildt (1992).

To determine the gas temperatures, equation (1) is solved
simultaneously with the energy equation and the Ðrst two
moment equations of equation (1). The energy equation of
the radiation plus gas is written as
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respectively, where e is the thermal energy of ions and elec-
trons per unit mass, and E, F, and f are the radiation energy
density, Ñux, and the Eddington factor deÐned as follows :

E \ 2n
c
P
0
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dl
P
~1

1
Il dk , (5)

F \ 2n
P
0

=
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P
~1

1
Il k dk , (6)

f \ /0= dl /~11 Il k2 dk
/0= dl /~11 Il dk . (7)

Partial derivatives with respect to t in equations (1)È(4)
are all Lagrangian time derivatives. The absorptive and
scattering parts of the opacity are given as

il \ v(ibvb ] ibvf) ] ifvf , (8)
and

pl \ (1 [ v)(ibvb ] ibvf) ] n
e
pT , (9)

TABLE 2

PREDICTED YIELDS OF SN1997EF (M
_

)

Model C O Si S Ca Fe 44Ti 56Ni 57Ni

CO60 . . . . . . . 5.2 ] 10~2 3.0 0.10 3.7 ] 10~2 5.7 ] 10~3 0.16 2.1 ] 10~4 0.15 5.7 ] 10~3
CO100 . . . . . . 0.58 5.6 0.42 0.19 2.5 ] 10~2 0.19 4.5 ] 10~5 0.15 5.7 ] 10~3

10M◉ CO core+ 1052 erg model by Iwamoto+ (2000)

mass coordinate [M◉]
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• Layer 1: Fe-peak elements, 0.4M◉ 
• Layer 2: incomplete Si burning, 0.6M◉ 
• Layer 3: O burning, 1.0M◉

computation by using ATERUI II at CfCAGRB jet simulation: setups
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and
Gi

nt = �⇢̄̄ntF̄nt. (11)

We numerically solve these thermal and non-thermal
radiation transfer equations in a similar way to our pre-
vious work (Suzuki et al. 2019b), which provides de-
tailed numerical procedures for the treatment of the
source terms. The advection part of the equations (left-
hand sides) is integrated by a standard explicit finite
volume method with M1 closure (Levermore 1984). On
the other hand, the source terms of the equations are
treated in an implicit way.
As we shall see below, one of the important aspects

of the central energy injection is the mixing of material
in SN ejecta. In order to investigate how inner layers
are mixed into outer parts, we consider the transport of
elements. In practice, we consider several layers with dif-
ferent elemental compositions in the ejecta, whose mass
fractions are denoted by Xl (the subscript l denotes a
specific layer), and calculate the evolution of the mass
fraction distribution by solving the following transport
equation,

@(⇢̄Xl)

@t
+

@(⇢̄Xl�i)

@xi
= 0, (12)

along with the equations of hydrodynamics.

2.1.2. Radiative processes

We assume that free-free absorption/emission and
electron scattering are dominant radiative processes in
the SN ejecta and gas is fully ionized, which is a reason-
able approximation for early SN evolution. The absorp-
tion coe�cient for free-free absorption is given by

̄a = 6.64⇥ 1022
Z̄3

Ā2
⇢T̄�7/2

g cm2 g�1, (13)

(in cgs units; Rybicki & Lightman 1979) where the av-
erage mass and change numbers are set to Z̄ = 8 and
Ā = 16, while the electron scattering coe�cient is given
by

̄s = 0.2 cm2 g�1, (14)

(Rybicki & Lightman 1979).
The opacity ̄nt for non-thermal photons is highly un-

certain, because of unknown non-thermal photon spec-
tra from the embedded wind nebula. The opacity can
vary widely depending on the energy of the non-thermal
photons (e.g., Kotera et al. 2013). The opacity for a pho-
ton energy around 1MeV, at which photons interact with
gas via Compton scattering, is of the order of 0.1 cm2

g�1. Photons with higher energies su↵er from less sig-
nificant Compton scattering and the opacity is instead
dominated by pair processes ⇠ 0.01 cm2 g�1 at > 10
MeV. On the other hand, photons with lower energies

(< 10 keV) are e�ciently absorbed via photoelectric ab-
sorption and thus the opacity increases by many orders
of magnitude with ⌫�3. Several studies have performed
light curve fittings for SLSNe-I by simply assuming a
constant opacity and required a wide range of values
from ̄nt = 0.01 to 0.8 cm2 g�1 (e.g., Liu et al. 2017a;
Nicholl et al. 2017).
In our simulations, we treat non-thermal radiation as a

single radiation component without energy dependence,
i.e., gray approximation. Therefore, we simply set a
constant opacity irrespective of the mean energy of non-
thermal photons and its temporal evolution. We assume
a value comparable to the electron scattering opacity,

̄nt = 0.1 cm2 g�1. (15)

2.2. Supernova ejecta

We use the same SN ejecta model as our previous hy-
drodynamic simulations (Suzuki & Maeda 2017, 2019)
for the purpose of comparison. At the beginning of each
simulation (t = t0 = 1000 s), we assume a freely expand-
ing ejecta with spherical symmetry. The radial velocity
vR is given by

vR =
R

t0
, (16)

with R = (r2 + z2)1/2 for velocities smaller than the
maximum velocity vmax. We use the capital letter R to
denote the 3-dimensional radius, which is distinguished
from the radial component r of 2D cylindrical coordi-
nates. For the initial density distribution, we assume
the commonly used double power-law density profile,

⇢ej(t0, R) =

8
><

>:

⇢0
⇣

vR
vbr

⌘��
for v  vbr,

⇢0
⇣

vR
vbr

⌘�m
for vbr  v  vmax,

(17)

(Chevalier & Soker 1989; Matzner & McKee 1999) with
� = 1, m = 10, and vmax = 10vbr. The characteristic
velocity vbr divides the ejecta into the inner and outer
components and is expressed in terms of the mass Mej

and the kinetic energy Esn of the SN ejecta,

vbr =

✓
2f5Esn

f3Mej

◆1/2

, (18)

where the numerical factor fl is given by

fl =
(m� l)(l � �)

m� � � (l � �)(vmax/vbr)m�l
. (19)

We assume Mej = 10 M� and Esn = 1051 erg and
therfore the characteristic velocity yields 4.5 ⇥ 108 cm
s�3 ' 0.015c. The characteristic density ⇢0 at the inter-
face between the inner and the outer parts of the ejecta

element transport

SR hydro eqs. +

CO core

1

ρ

0

14M◉ CO core

computation by using ATERUI II at CfCAGRB jet simulation: setups
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tailed numerical procedures for the treatment of the
source terms. The advection part of the equations (left-
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the other hand, the source terms of the equations are
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in SN ejecta. In order to investigate how inner layers
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̄a = 6.64⇥ 1022
Z̄3

Ā2
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ton energy around 1MeV, at which photons interact with
gas via Compton scattering, is of the order of 0.1 cm2
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nificant Compton scattering and the opacity is instead
dominated by pair processes ⇠ 0.01 cm2 g�1 at > 10
MeV. On the other hand, photons with lower energies

(< 10 keV) are e�ciently absorbed via photoelectric ab-
sorption and thus the opacity increases by many orders
of magnitude with ⌫�3. Several studies have performed
light curve fittings for SLSNe-I by simply assuming a
constant opacity and required a wide range of values
from ̄nt = 0.01 to 0.8 cm2 g�1 (e.g., Liu et al. 2017a;
Nicholl et al. 2017).
In our simulations, we treat non-thermal radiation as a

single radiation component without energy dependence,
i.e., gray approximation. Therefore, we simply set a
constant opacity irrespective of the mean energy of non-
thermal photons and its temporal evolution. We assume
a value comparable to the electron scattering opacity,

̄nt = 0.1 cm2 g�1. (15)

2.2. Supernova ejecta

We use the same SN ejecta model as our previous hy-
drodynamic simulations (Suzuki & Maeda 2017, 2019)
for the purpose of comparison. At the beginning of each
simulation (t = t0 = 1000 s), we assume a freely expand-
ing ejecta with spherical symmetry. The radial velocity
vR is given by

vR =
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, (16)

with R = (r2 + z2)1/2 for velocities smaller than the
maximum velocity vmax. We use the capital letter R to
denote the 3-dimensional radius, which is distinguished
from the radial component r of 2D cylindrical coordi-
nates. For the initial density distribution, we assume
the commonly used double power-law density profile,
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• meridional slice (x-z plane) 
• spatial distributions of density, 
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• jet breakout at t=5 [s] 
• cocoon expansion after the jet 

breakout 
• almost free expansion t>20 [s] 
• terminal Lorentz factor~100

GRB jet simulation: dynamics
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Figure 3. Azimuth angle-averaged radial profiles for di↵erent inclination angles ✓ = 0�, 5�, 10�, 20�, 30�, 45�, 60�, and 80�

from top to bottom. Each column represents the distributions of the density, the 4-velocity, the outgoing kinetic power, and
the mass fractions of the inner layers from left to right (blue thick lines). Left three columns; the distributions at t = 102 103,
and 104 s are plotted. For the distributions at t = 104 s, profiles along 18 di↵erent azimuth angles are also plotted as gray thin
lines to highlight the variety of the distributions. Rightmost column; the mass fraction profiles are plotted only at t = 104 s.

steeper slope with d ln ⇢/d ln r ' �10 (Matzner & Mc-
Kee 1999). Nakamura et al. (2001) have found an outer
density slope of d ln ⇢/d ln r ' �8 for their energetic ex-
plosion models of a massive CO star (a progenitor model
for SN 1998bw), but the outer density slope in our jet
model is shallower than theirs.
The radial profiles of the mass fractions X1, X2, and

X3 in Figure 3 show the impact of the jet-induced chem-
ical mixing. Around the jet axis, the iron-peak elements
are dredged up by the jet. The mass fraction of the
iron-peak elements is as large as X1 ' 0.1 at the out-
ermost layer with ✓  10�. The sub-relativistic cocoon
along 10�  ✓  30� also contains at least 1% of the
iron-peak elements. On the other hand, the radial mass
fraction profiles at large inclination angles show a peak
at the same radius as the density peak corresponding to
the innermost layer with a much smaller radial velocity.
Therefore, far from the jet axis, a considerable fraction
of the iron-peak elements at large inclination angles are
still embedded in the slowly expanding SN ejecta. This

is also seen in the spatial distributions of X1 and X2 in
Figure 2.

3.2. Weak jet model

In the weak jet model, the jet is injected only for the
short period of tjet = 4 s with the same injection rate
as the standard jet model. In other words, the jet is
terminated while it is still propagating in the progenitor
star. The resultant dynamical evolution of the ejected
material is highlighted in Figure 4. The quasi-spherical
cocoon component is also created in the weak jet model.
This component is predominantly composed of the stel-
lar envelope pushed by the jet head. The cocoon accel-
erates by consuming its high internal energy, which orig-
inates from the dissipation of the jet kinetic energy in
the star. As a result, the outermost layers reach mildly
relativistic speeds. In fact, the cocoon shows similar dy-
namical properties to that of the standard jet model.
On the other hand, the early termination of the jet in-
jection leads to a failure of an ultra-relativistic jet. As
seen in the 4-velocity distribution in the right panels of
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Figure 9. Same as Figure 3, but for the choked jet model.

Figure 10. Mass and energy spectra of the ejecta for the standard, weak, and choked jet models from left to right. Each
column presents the mass (upper) and the energy (lower) of the ejecta traveling faster than a threshold 4-velocity. In the upper
panel, the contributions from the inner layers 1, 2, and 3 are also plotted. In the lower panel, the kinetic and internal energies
are plotted as dashed and dotted lines, while the thick solid line represents the total energy.
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Figure 10. Mass and energy spectra of the ejecta for the standard, weak, and choked jet models from left to right. Each
column presents the mass (upper) and the energy (lower) of the ejecta traveling faster than a threshold 4-velocity. In the upper
panel, the contributions from the inner layers 1, 2, and 3 are also plotted. In the lower panel, the kinetic and internal energies
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Standard GRB jet can enrich the cocoon with heavy metals, 
consistent with early obs. of GRB-SNe.
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Figure 3. Azimuth angle-averaged radial profiles for di↵erent inclination angles ✓ = 0�, 5�, 10�, 20�, 30�, 45�, 60�, and 80�

from top to bottom. Each column represents the distributions of the density, the 4-velocity, the outgoing kinetic power, and
the mass fractions of the inner layers from left to right (blue thick lines). Left three columns; the distributions at t = 102 103,
and 104 s are plotted. For the distributions at t = 104 s, profiles along 18 di↵erent azimuth angles are also plotted as gray thin
lines to highlight the variety of the distributions. Rightmost column; the mass fraction profiles are plotted only at t = 104 s.

steeper slope with d ln ⇢/d ln r ' �10 (Matzner & Mc-
Kee 1999). Nakamura et al. (2001) have found an outer
density slope of d ln ⇢/d ln r ' �8 for their energetic ex-
plosion models of a massive CO star (a progenitor model
for SN 1998bw), but the outer density slope in our jet
model is shallower than theirs.
The radial profiles of the mass fractions X1, X2, and

X3 in Figure 3 show the impact of the jet-induced chem-
ical mixing. Around the jet axis, the iron-peak elements
are dredged up by the jet. The mass fraction of the
iron-peak elements is as large as X1 ' 0.1 at the out-
ermost layer with ✓  10�. The sub-relativistic cocoon
along 10�  ✓  30� also contains at least 1% of the
iron-peak elements. On the other hand, the radial mass
fraction profiles at large inclination angles show a peak
at the same radius as the density peak corresponding to
the innermost layer with a much smaller radial velocity.
Therefore, far from the jet axis, a considerable fraction
of the iron-peak elements at large inclination angles are
still embedded in the slowly expanding SN ejecta. This

is also seen in the spatial distributions of X1 and X2 in
Figure 2.

3.2. Weak jet model

In the weak jet model, the jet is injected only for the
short period of tjet = 4 s with the same injection rate
as the standard jet model. In other words, the jet is
terminated while it is still propagating in the progenitor
star. The resultant dynamical evolution of the ejected
material is highlighted in Figure 4. The quasi-spherical
cocoon component is also created in the weak jet model.
This component is predominantly composed of the stel-
lar envelope pushed by the jet head. The cocoon accel-
erates by consuming its high internal energy, which orig-
inates from the dissipation of the jet kinetic energy in
the star. As a result, the outermost layers reach mildly
relativistic speeds. In fact, the cocoon shows similar dy-
namical properties to that of the standard jet model.
On the other hand, the early termination of the jet in-
jection leads to a failure of an ultra-relativistic jet. As
seen in the 4-velocity distribution in the right panels of
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• central engine: magnetar (NS) or collapsar (BH) ? 

• jet mechanism?

• very early obs. of GRB-SNe revealed the 
high-velocity component preceding SN.   

• a GRB cocoon explains the properties of 
the high-velocity component without 
serious difficulty 

• an important opportunity to know how 
much mass and energy are loaded on 
the cocoon and the nucleosynthesis 
around the central-engine
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SN ejecta
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jet

high-velocity ejecta component 
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Fe, Co, Ni

a few 104km/s 
~ 0.03~0.06 c

Summary: GRB-SNe revealed by early thermal emission
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• Tow major energy sources for optical emission: 

• emitting radius: 109cm/s x 10-100 days ~ 
1015-16cm 

• radioactive tail 56Ni mass 
• diffusion  time scale ~(κMej/cv)1/2 ∝ Mej3/4E-1/4 
• spectral shape → BB temperature 
• absorption lines → velocity, composition
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Supernova explosions: light curves and spectra

synthetic spectra of H-rich CCSNe

                    Dessart&Hillier (2005)

➡ thermal energy deposited by the explosion itself 
➡ radioactive decay (56Ni→56Co→56Fe)

674 L. Dessart and D. J. Hillier: Type II supernovae spectroscopic modeling

Fig. 4. Ionization structure for the intermediate-stage model described
in Sect. 3.2 and shown in Fig. 3. The ionization fractions are expressed
relative to the abundance of all species [color].

outflow has cooled down too significantly to show N  lines,
and we instead see the appearance of weak metal lines in the
optical spectrum. We have the Mg (4f−3d) triplet at 4481 Å.
We also have Si (5p−3d)4076.8, Si (4f−3d) 4128.0 Å, the
Si (4d−4p) doublet at 5056.0 Å and the Si (4p−4s) doublet
at 6347.1 Å and 6371.4 Å. We finally attribute some features to
Fe  and Fe  but due to the large number of contributors, we
cannot enumerate them. Note nonetheless that contrary to iden-
tifications by Leonard et al. (2002a), the feature around 5200 Å
has Fe  lines (groups of lines around 5080 Å and 5160 Å)
as main contributors, rather than Fe , and also overlaps with
lines of Si  at 5056 Å and He  at 4921.9 Å and Hβ. This
careful log shows that it is difficult to associate “features” in
SN spectra with individual lines of selected species.

We show in Fig. 4 the outflow ionization for hydrogen, he-
lium and iron for the blue-curve model of Fig. 3. It resembles
quite closely the previous case. However, the He+ region has
shrunk, causing He  lines to weaken. Note also that H0+ and
Fe+ have a larger fractional abundance in the outer part. The
photosphere is located at r = 1.59R0 (log(r/R0) = 0.2), where
H+ and Fe2+ dominate while helium is roughly equally present
in its first ionized and neutral forms.

3.3. Late stage

We now turn to the description of a type II SN spectrum, corre-
sponding to a late-stage in the photospheric-phase evolution. In
Fig. 5, we show synthetic fits (color) to the observations (black)
of SN1999em taken on the 14th of November 1999. The red
curve corresponds to the continuum energy distribution of the
model, while the full synthetic spectrum is shown in blue. The
model parameters are: L∗ = 1.5×108 L$, Rphot = 6.15×1014 cm
(or 8840 R$), vphot = 6350 km s−1, Teff = 6800 K, n = 10,
ρphot = 8.7 × 10−14 g cm−3.

Only optical data is available for SN1999em at this date
so we rely entirely on the optical range to assess the UV flux
level. The absence of He  lines and the increasing strength of

Fig. 5. Top panel: synthetic fit (blue) to observations (black) of
SN1999em taken on the 14th of November 1999 (Leonard et al.
2002a). We also show the continuum flux level (red) computed by ig-
noring all bound-bound transitions in the formal solution of the radia-
tive transfer equation. The model parameters are: L∗ = 1.5 × 108 L$,
Rphot = 6.15 × 1014 cm (or 8840 R$), vphot = 6350 km s−1, Teff =

6800 K, n = 10, ρphot = 8.7 × 10−14 g cm−3. In the top panel, we insert
a zoom on the Na 5596–5590 Å region: the green curve corresponds
to the same model as above (blue) but with the sodium abundance
enhanced to four times cosmic. Lower panel: montage of rectified
spectra computed by including bound-bound transitions of individual
species, limited to those that affect the emergent spectrum [color].

Fe  lines are consistent with a much cooler effective temper-
ature compared to the previously discussed models, associated
with a strong line-blanketing in the UV range. The lower panel
shows that this line-blocking stems mostly from Fe , and to a
lesser extent from Ni , Ti  and Mg  (the 2800 Å feature).
We find that as long as a big model atom for Fe  is included
in our computations, the gross properties of the outflow and the
emergent spectrum remain unchanged when adding extra metal
species, e.g. Ni .

The optical range clearly shows the presence
of P-Cygni profiles from Ca  3933−3968 Å and
Ca  8498−8542−8662 Å, which gives further support
for a relatively low ionization of the outflow. Blends of Hγ,
Ti  and Fe  contribute to the feature at 4300 Å while blends
of Ti , Mg  and Fe  contribute to the feature at 4600 Å.
Around 5000 Å we see a myriad of Fe  lines which overlap

Ni II
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Fe II
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Ca II
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φ-averaged  radial profile of                    density, 4-velocity, kinetic luminosity, and mass fractionGRB jet simulation: radial profiles φ-averaged radial profiles  
           along different θ at t=104 s



• meridional slice (x-z plane) 
• spatial distributions of density, 

pressure, and 4-velocity 
• jet breakout at t=5 [s] 
• cocoon expansion after the jet 

breakout 
• almost free expansion t>20 [s] 
• terminal Lorentz factor~100
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GRB jet simulation: dynamics
density ρ pressure p 4 -velocity Γβ



layer 1 (Fe-peak) layer 2 (incomplete Si) layer 3 (O burning)

78

• meridional slice (x-z plane) 
• mass fraction distribution of 

layer 1, 2, and 3 
• GRB jet dredging up inner 

material 
• almost similar distributions 

for layer 1, 2, and 3 

• finally, X1~0.01-0.1 (layer 1) 
around the jet axis

GRB jet simulation: chemical elements
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• meridional slice (x-z plane) 
• mass fraction distribution of 

layer 1, 2, and 3 
• GRB jet dredging up inner 

material 
• almost similar distributions 

for layer 1, 2, and 3 

• less efficient jet-induced 
mixing

Failed jet case 

model even outside the jet opening angle. In contrast to the
featureless mass fraction distributions found in Figure 2, those
in Figure 8 have shown a more complicated structure. While
propagating in the CSM, the jet suffers from further mixing of
the material with the CSM, resulting in a clumpy structure.

3.4. Mass and Energy Spectra

For further quantitative comparisons between the different
models, we calculate the mass and the energy spectra of the
ejecta. We define the mass and the energy of the ejecta
traveling at the 4-velocity faster than a threshold value Γβc as
follows:

( ) ( )M dV , 12¨C S�( � (
C�(

( ) ( ) ( )E dV1 , 13kin ¨C S�( � ( ( �
C�(

for the kinetic energy, and

( ) ( )⎜ ⎟⎛⎝ ⎞⎠E PdV
1

1 , 14int
2¨C

H
H

�( �
�

( �
C�(

for the internal energy, where each integration is carried out
only for the numerical cells with the 4-velocity larger than Γβc.
In the volume integration, we include the contribution from the
lower hemisphere (z< 0) by assuming the equatorial symme-
try. In a similar way, we also define the mass spectra for
materials having been in the three inner layers 1, 2, and 3 by
replacing ρ with ρXi (i= 1, 2, and 3) in Equation (12).
Figure 10 compares the mass and the energy spectra for the
three jet models.

Figure 5. Same as Figure 2, but for the weak jet model.
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Failed jet case Weak jet with L=2.5x1050[erg/s] and tjet=4 sec
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• 0.1M◉ CSM surrounding the 
progenitor 

• the massive CSM stops the 
jet propagation -> jet energy 
dissipation at a large radius. 

• relativistic shock breakout 
from the CSM 

• origin of low-luminosity 
GRBs?

Jet-CSM interaction
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Jet-CSM interaction


