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今日の内容
•導入
•ブラックホール形成と突発天体
•中性子星形成と突発天体
•まとめ



導入



考えること
•どういう星がどういうコンパクト天体を形成？
•形成時にどういう突発天体を伴う？
•連星系の場合、どういうコンパクト連星？
•合体時にどういう突発天体を伴う？
•大質量星の回転(進化)は鍵になるだろう.



O’Connor & Ott 2011; Ugliano et al. 2012; 
Horiuchi et al. 2014; Pejcha & Thompson 2015; 
Sukhbold et al. 17 

Supernova shock is stalled or not?
How much material fallback on proto-NS? 

Red supergiant
(RSG)

Blue supergiant
(BSG)

Walf-Rayet star
(WR)

The key will be inner density structure within

どういう星がどういうコンパクト天体を形成？

.  .  . 

r ⇠ 1000 km,Mr ⇠ 2-3 M�



ブラックホールのスピン ‒ 観測
4 SOURCE PROPERTIES 4.1 Binary Parameters

The probability that GW170608’s total mass is smaller
than GW151226’s is 0.89.

While the chirp mass is tightly constrained, spins have
a more subtle e↵ect on the GW signal. The e↵ective in-
spiral spin �e↵ , a mass-weighted combination of the spin
components (anti-)aligned with the orbital angular mo-
mentum (Racine 2008; Ajith et al. 2011), predominantly
a↵ects the inspiral rate of the binary but also influences
the merger. We infer that �e↵ = 0.07+0.23

�0.09 disfavoring
large, anti-aligned spins on both black holes.

An independent parameter estimation method com-
paring LIGO strain data to hybridized numerical rel-
ativity simulations of binary black hole systems with
non-precessing spins (Abbott et al. 2016g) yields esti-
mates of component masses and �e↵ consistent with our
model-waveform analysis.

Spin components orthogonal to the orbital angular
momentum are the source of precession (Apostolatos
et al. 1994; Kidder 1995), and may be parameterized
by a single e↵ective precession spin �p (Schmidt et al.
2015). For precessing binaries, component spin orien-
tations evolve over time; we report results evolved to
a reference GW frequency of 20Hz. The spin prior as-
sumed in this analysis is uniform in dimensionless spin
magnitudes �i ⌘ c|S|i/(Gm2

i ) with i = 1, 2 between 0
and 0.89, and isotropic in their orientation; this prior
on component spins maps to priors for the e↵ective pa-
rameters �e↵ and �p. The top panel of Figure 3 shows
the prior and posterior probability distributions of �e↵

and �p obtained for the e↵ective-precession waveform
model. While we gain some information about �e↵ , the
�p posterior is dominated by its prior, as for previous
GW events (Abbott et al. 2016b,c, 2017a), indicating
that we cannot draw any strong conclusion on the size
of spin components in the orbital plane (Vitale et al.
2017). The inferred component spin magnitudes and
orientations are shown in the bottom panel of Figure 3.
We find the dimensionless spin magnitude of the primary
black hole, �1, to be less than 0.75 (90% credible limit);
this limit is robust to extending the prior range of spin
magnitudes and to using di↵erent waveform models.

The measurability of precession depends on the intrin-
sic source properties as well as the angle of the binary
orbital angular momentum to the line of sight (i.e. incli-
nation). The inclination of GW170608’s orbit is likely
close to either 0� or 180�, due to a selection e↵ect: the
distance inside which a given binary merger would be
detectable at a fixed SNR threshold is largest for these
inclination values (Schutz 2011). For such values, the
waveform carries little information on precession.

The distance of GW170608 is extracted from the
observed signal amplitude given the binary’s inclina-
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Figure 3. Top panel : Marginalized one-dimensional pos-
terior density functions for the spin parameters �p and �e↵

(blue) in comparison to their prior distributions (pink) as ob-
tained from the e↵ective-precession model. The dashed lines
indicate the 90% credible interval. The two-dimensional plot
shows the 50% and 90% credible regions plotted over the pos-
terior density function. Bottom panel : Posterior probabili-
ties for the dimensionless component spins �i with i = 1, 2
relative to the Newtonian orbital angular momentum L̂, i.e.
the normal of the orbital plane. The tilt angles are 0�

for spins parallel to L̂, and 180� for spins anti-parallel to
L̂. The posterior density functions are marginalized over
the azimuthal angles. Each pixel has a prior probability of
⇠ 1.8 ⇥ 10�3; they are spaced linearly in spin magnitudes
and the cosine of the tilt angles.

tion (Abbott et al. 2016e). With the network of two
nearly co-aligned LIGO detectors, the uncertainty on
inclination translates into a large distance uncertainty:
we infer a luminosity distance of DL = 340+140

�140 Mpc,
corresponding to a redshift of z = 0.07+0.03

�0.03 assuming a
flat ⇤CDM cosmology (Ade et al. 2016).

11

e.g., GW 170608 (adLIGO 17)

これまでに見つかったものは全部、
両方のブラックホールがブンブン
回っている感じではなさそう.

電磁波を使う方法もあるけれど
(鉄輝線、潮汐破壊、シャドー etc)
まだモデルの不定性が大きそう .



大質量星のスピン ‒ 観測
• 測られているのは主に近傍のOB星.
• だいたいみんな結構速く(ケプラーの>10%)回っている.

274 ICHIRO FUKUDA 

TABLE III 

Mean Rotational Velocities (km/s) and the Number of Samples for Emission-line, Ap, and Am Stars 

Group Mean Remarks Group Mean Remarks 
Of 
0(f) 
0((f)) 
Of-All 

Oef 
Oe 

EBe 
MBe 
LBe 
Ae 

Fe 

151 
136 
160 
154 

296 
249 

221 
280 
287 
173 

136 

14 
21 
33 
72 

6 
6 

132 
65 
42 

8 

Unparenthesized 'f' stars 

All stars in single Of 
category 

Including binaries, we 
have Mean=207 and N=12. 

Including binaries, we 
have Mean=182 and N=14. 

Ap-Si 
Ap-4200 
Ap-SiCr 
Ap-Mn 
Ap-HgMn 
Ap-Hg 
Ap-Cr 
Ap-CrEu 
Ap-Sr 
Ap-SrCr 
Ap-SrCrEu 
Ap-All 

EAm 
MAm 
LAm 
Am-All 

69 
75 
41 
31 
46 
67 
20 
38 
39 
34 
19 

94 
11 

6 
26 
22 

7 
5 

11 
15 
13 
29 

50 268 

49 
55 
48 
53 

64 
163 

25 
287 

MnHg stars are included. 

EuCr stars are included. 
CrSr stars are included. 
CrSrEu stars and the re- 
lated ones are included. 
All stars in Ap category 

All stars in Am category 

Note to Table III : Binaries are included in Ap and Am groups. 
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Fig. 1—Relation of mean rotational velocities to the MK spectral types. Symbols are as follows: · for normal dwarfs, 4 for normal subgiants, O 
for normal giants, © for normal supergiants, C for Of stars, 3 for Oef stars, ��for Be groups, ��for Ap stars, and Q for Am stars. This figure is 
concerned with only single stars except Ap and Am stars. 

buted to the rotation alone, likewise other O stars. locities of Of, O(f), and 0((f)) stars. Their mean ��sin is 
F. There is a slight difference between rotational ve- are about 30%-50% larger than that of the normal LOI 
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大質量星àBHのスピン ‒ 理論

•大質量星とそのスピンの進化
• 星風によるloss
• 連星系の場合、連星相互作用によるloss & gain
が不定性の温床. また、
• 星内部の角運動量輸送
もよくわからない … .

•重力崩壊時の角運動量プロファイルがわかれば、
BHのスピンも”大雑把には”わかる. 
• 吹っ飛ぶ角運動量を正確に見積もるのは難しい.



Ex) Stellar evolution calculations of    
single massive stars with MESA

Radio transients from newborn black holes 3

Figure 2. Angular momentum density profile of pre-collapse
massive star calculated by using MESA. Each panel show the
cases for single stars with MZAMS = 20 M⊙ (solid), 40 M⊙ (dotted-
dash), and 60 M⊙ (dashed) and an initial surface rotation velocity
of 200 km s−1. The top, middle, and bottom panels correspond to
the cases with Z = 1, 0.1 and 0.01 Z⊙ . The shaded region indicate
the threshold values for forming a disk or torus; the upper and
lower bounds are for Schwarzschild and extremal Kerr black hole,
respectively.

most conservative case is that only the outer most layers
have sufficient angular momentum (e.g., Woosley & Heger
2012; Perna et al. 2014). For the representative purpose,
we calculate the angular-momentum-density profile of
pre-collapse massive stars by using MESA with version
7624 (Paxton et al. 2011, 2013, 2015). We start from zero-
age-main sequence (ZAMS), assuming a uniform rotation
with a surface velocity of 200 km s−1, which is consistent with
the observed value of Galactic O-type stars (e.g., Fukuda
1982) and corresponds to ∼ a few 10% of the mass shedding
limit. The evolution is calculated with the default parame-
ter set for single massive stars with rotation. We stop our
calculation when the infall velocity of a mass shell becomes
larger than 108 cm s−1, corresponding to the onset of core
collapse.

The angular-momentum-density profile for 9 cases are
shown in Fig. 2; three different ZAMS masses, MZAMS =

20 M⊙ (solid), 40 M⊙ (dotted-dash), and 60 M⊙ (dashed)
and three different metallicities, Z = 1 Z⊙ (top), 0.1 Z⊙
(middle), and 0.01 Z⊙ (bottom). Among them, the cases
with (MZAMS, Z) = (20 M⊙, 0.01 Z⊙), (40 M⊙, 0.01 Z⊙),
(60 M⊙, 0.01 Z⊙), and (60 M⊙, 0.1 Z⊙) have compactness
larger than the threshold value, ξ2.5 > 0.2, possibly resulting
in BH formation. The first one is a red supergiant (RSG)
and the latter three are blue supergiants (BSGs) in the pre-
collapse phase. Note that our Z = Z⊙ models are all Wolf-
Rayet stars (WRs) in the pre-collapse phase, significantly
losing their mass and angular momentum through the stellar
wind. One can see that the angular momentum density gen-
erally increases significantly with respect to enclosed mass
in the outer envelope. This can be understood as follows.
For a density profile of ρ ∝ r−n, the enclosed mass in the
region scales as Menc ∝ r3−n. On the other hand, the angular
momentum density is j ∝ vr ∝ r2 for a uniform rotation.

As a result, j ∝ M
2/(3−n)
enc , which significantly increases with

Menc for a radiative envelope with n ≈ 3. The shaded re-
gions in Fig. 2 show the threshold values for a mass shell to
form a disk around the BH. The upper and lower bounds
correspond to Schwarzschild BHs, jSch = 2

√
3 × GM•/c, or

jSch ∼ 4.7 × 1017 cm2 s−1M•,1.5, (1)

and extremal Kerr BHs, jKerr = (2/
√

3) × GM•/c, or

jKerr ∼ 1.5 × 1017 cm2 s−1M•,1.5, (2)

respectively. 1 Here M• = 10x M⊙ M•,x is the mass of the BH.
As for the three BH progenitor candidates in our sample,
the outer envelope of up to a few M⊙ has sufficient angular
momentum to form a mini-disk. The above results indicate
a BH and mini-disk system is a quite natural outcome of
massive star evolution, in particular, for Z ! 0.1Z⊙ or BSG
and RSG cases.

Similar situation could also occur for massive
stars in tidally interacting close binaries even for WR

1 Note that the disk formation occurs in a rather complex man-
ner, depending on the angular momentum density profile j(r, θ)
of the collapsar; it also depends on the polar coordinate θ,
which cannot be calculated by 1D stellar evolution codes. The
angular momentum density required to form a disk is larger
than the threshold value we show in Fig. 2 by a factor of a
few (Zalamea & Beloborodov 2009).

MNRAS 000, 1–?? (2017)

Vsurf, ini = 200 km/s
MZAMS = 20, 40, 60 Msun
Z = 1, 0.1, 0.01 Zsun

金属量が多い à 死ぬときにはゆっくり回っている.
右の場合、Z = ZsunはみんなWR星として死ぬ.

金属量が少ないà 死ぬときも割と速く回っている.
右の場合、Z < 0.1 Zsunは青色、赤色巨星として死ぬ.
そのほとんどで（全部落ちたとすると）aBH ~ 1.
外層から~太陽質量の降着円盤ができる. 

(注) 回転星のwind mass lossは不定性がでかい.
定量的な議論は … .



Tidal interaction
The convective core + rad. envelope can be locked by the dynamical tide (Zahn 83). 

g mode

Note: g mode dumping is non-trivial, especially when including the wind mass loss.

R a

4 K. Kashiyama, K. Hotokezaka, and K. Murase

stars (Woosley & Heger 2012). The tide can efficiently ex-
change the orbital and spin angular momentum of the mas-
sive stars and the spin can be synchronized with the orbital
motion (Zahn 1975). The timescale for the synchronization
of a massive star with a radiative envelope is given by

tsyn ∼ 0.07 Myr q−2

!
1 + q

2

"−5/6
E2,−6M

−1/2
∗,1.5 R−7

∗,12a
17/2
12.5
, (3)

where 0 < q < 1 is the mass ratio of the binary, E2 ∼
10−7 − 10−4 is a dimensionless quantity depending on the
stellar structure (Zahn 1975; Kushnir et al. 2017), M∗ =
10x M⊙ M∗,x is the stellar mass, R∗ is the stellar radius,
and a is the orbital separation. If the initial separation is
smaller than a critical value

acrit ! 4 × 1012 cm q4/17

!
1 + q

2

"5/51

E
−2/17
2,−6

M
1/17
∗,1.5R

14/17
∗,12

, (4)

the synchronization can occur within the main-sequence
phase, i.e., tsyn ! Myr. Once the synchronization is achieved,

the spin period becomes Psyn ≈ Porb = 2π
#

a3/(GMtot), or

Psyn ∼ 4.4 days a
3/2
12.5

M
−1/2
tot,1.8

. (5)

Assuming that the synchronous rotation is maintained un-
til the core collapse, the angular-momentum density of the
envelope is jsyn ≈ 2πR2

∗/Psyn, or

jsyn ∼ 1018 cm2 s−1 a
−3/2
12

M
1/2
tot,1.8

R2
∗,11, (6)

which depends on the binary separation a. From Eqs. (1),
(2), (4), and (6), WRs in massive (Mtot " a few 10 M⊙)
binaries with a ! 6 × 1011 cm ∼ 10R⊙ , or massive BSGs
with R∗ ! 100 R⊙ in close binaries may result in the BH
formation with a disk (Kimura et al. 2017). Interestingly,
these are the promising progenitors of BH-BH binaries coa-
lescing within the cosmological timescale (Zaldarriaga et al.
2017; Hotokezaka & Piran 2017; Belczynski et al. 2017;
Kimura et al. 2017). In particular, Kimura et al. (2017) in-
vestigated electromagnetic emissions from disk-driven out-
flows from a newborn BH formed in such a tidally-locked
binary system.

Based on the above considerations, the BH formation
with a mini-disk may not be rare. Despite large uncertain-
tie, the event rate would be between those of vanishing mas-
sive stars and GRBs, i.e., 0.1−10% of the core-collapse SNe,
which make them a promising target of ongoing and up-
coming transient surveys. Indeed, since the mass accretion
rate of a mini-disk is typically high and well above the Ed-
dington rate (Eq. 8), various kinds of energetic transients
can be expected. If there is a large-scale magnetic field con-
necting the BH and disk, a relativistic jet may be launched
via the Blandford-Znajek process to produce a relatively
dim GRB (Woosley & Heger 2012). The more probable out-
come is a strong radiation-driven wind, which has been con-
firmed by numerical simulations of the super-Eddington-
accretion disk system (e.g., Ohsuga et al. 2005; Jiang et al.
2014; Sa̧dowski et al. 2014). Hereafter, we focus on the ob-
servational signatures of such disk-driven outflows.

We note that, even in the case of failed SNe, the
outer most layers of the progenitor could be ejected by a
weak shock driven by gravitational mass losses through neu-
trino emission in the proto-neutron star phase (Nadezhin
1980). In particular, in the case of RSGs, as one of our

model with (MZAMS, Z) = (20 M⊙, 0.01 Z⊙), a part of
the loosely bounded hydrogen envelope of a few M⊙ can
be ejected (Lovegrove & Woosley 2013). Then, the out-
flow later launched from the disk, if any, interacts with
the pre-ejected material, forming a shock where the en-
ergy is dissipated. The resultant emission can be luminous
SNe (Dexter & Kasen 2013). On the other hand, the ef-
fect of neutrino mass losses will be relatively irrelevant in
the case of massive WRs and BSGs (Fernández et al. 2017;
Coughlin et al. 2017). Without significant quasi-spherical
explosion in advance, this outflow can be almost directly
seen. In this paper, we consider the latter case.

2.2 Disk-driven outflows

In this section, we show the properties of the outflows from
the mini-disk and associated UV/optical transients.

In a collapsing star, a material starts to free fall when a
rarefaction wave arrives at it. If the material has a sufficient
angular momentum, it circularizes before being swallowed by
the BH. In general, an inner mass shell will circularize earlier
and more closer to the BH. We here simply parameterize the
effective circularization radius as r0 = fr × 2GM•/c2, or

r0 ∼ 1.1 × 108 cm fr,1M•,1.5 . (7)

The circularized materials will accrete when the angular
momentum is transported via magnetorotational instability
(e.g., Proga & Begelman 2003a,b). Since the viscous time of
the circularized material is much shorter than the free-fall
time, the overall accretion rate is determined by the fallback
rate, 'Md ≈ Md/tacc, or

'Md ∼ 2.0 × 10−5 M⊙ s−1 Md,0.5R
−3/2
∗,12.7

M
1/2
•,1.5, (8)

where tacc ≈ [R∗3/(GM•)]1/2, or

tacc ∼ 1.6 × 105 s R
3/2
∗,12.7

M
−1/2
•,1.5 , (9)

is the free fall timescale, R∗ is the radius of the outer-
most layer, and Md = 10x M⊙ Md,x is the total mass of

the disk. We set M• = 35 M⊙ , R∗ = 5 × 1012 cm, and
Md = 3 M⊙ as fiducial based on our progenitor model with
(MZAMS, Z) = (40 M⊙, 0.01 Z⊙). The above accretion rate
(Eq. 8) is much larger than the Eddington accretion rate,
'MEdd ∼ 1.8× 10−14 M⊙ s−1M•,1.5κ

−1/2
−0.4

where κ is the opacity,
but significantly smaller than those considered in the GRB
model, 'MGRB " 10−3 M⊙ s−1 (e.g., Chen & Beloborodov
2007). In this case, the disk will evolve into the so called slim
disk (Abramowicz et al. 1988; Beloborodov 1998). Although
a bulk of the disk material is advected into the BH, a non-
negligible fraction ( fout " 10%) can be ejected as a radiation-
driven outflow (e.g., Ohsuga et al. 2005; Jiang et al. 2014;
Sa̧dowski et al. 2014). The velocity of the outflow is ap-
proximately the escape velocity at the launching point,
vout ≈ (2GM•/r0)1/2, or

vout ∼ 9.5 × 109 cm s−1 f
−1/2
r,1
. (10)

If the launching radius is 10 − 100 larger than the
Schwarzschild radius, the outflow velocity ranges from vout ∼
0.1 − 0.3 c.

In addition to the non-thermal afterglow emission con-
sidered in the following sections, we can expect the quasi-

MNRAS 000, 1–?? (2017)
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binaries with a ! 6 × 1011 cm ∼ 10R⊙ , or massive BSGs
with R∗ ! 100 R⊙ in close binaries may result in the BH
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these are the promising progenitors of BH-BH binaries coa-
lescing within the cosmological timescale (Zaldarriaga et al.
2017; Hotokezaka & Piran 2017; Belczynski et al. 2017;
Kimura et al. 2017). In particular, Kimura et al. (2017) in-
vestigated electromagnetic emissions from disk-driven out-
flows from a newborn BH formed in such a tidally-locked
binary system.

Based on the above considerations, the BH formation
with a mini-disk may not be rare. Despite large uncertain-
tie, the event rate would be between those of vanishing mas-
sive stars and GRBs, i.e., 0.1−10% of the core-collapse SNe,
which make them a promising target of ongoing and up-
coming transient surveys. Indeed, since the mass accretion
rate of a mini-disk is typically high and well above the Ed-
dington rate (Eq. 8), various kinds of energetic transients
can be expected. If there is a large-scale magnetic field con-
necting the BH and disk, a relativistic jet may be launched
via the Blandford-Znajek process to produce a relatively
dim GRB (Woosley & Heger 2012). The more probable out-
come is a strong radiation-driven wind, which has been con-
firmed by numerical simulations of the super-Eddington-
accretion disk system (e.g., Ohsuga et al. 2005; Jiang et al.
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fect of neutrino mass losses will be relatively irrelevant in
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In a collapsing star, a material starts to free fall when a
rarefaction wave arrives at it. If the material has a sufficient
angular momentum, it circularizes before being swallowed by
the BH. In general, an inner mass shell will circularize earlier
and more closer to the BH. We here simply parameterize the
effective circularization radius as r0 = fr × 2GM•/c2, or

r0 ∼ 1.1 × 108 cm fr,1M•,1.5 . (7)

The circularized materials will accrete when the angular
momentum is transported via magnetorotational instability
(e.g., Proga & Begelman 2003a,b). Since the viscous time of
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the disk. We set M• = 35 M⊙ , R∗ = 5 × 1012 cm, and
Md = 3 M⊙ as fiducial based on our progenitor model with
(MZAMS, Z) = (40 M⊙, 0.01 Z⊙). The above accretion rate
(Eq. 8) is much larger than the Eddington accretion rate,
'MEdd ∼ 1.8× 10−14 M⊙ s−1M•,1.5κ
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where κ is the opacity,
but significantly smaller than those considered in the GRB
model, 'MGRB " 10−3 M⊙ s−1 (e.g., Chen & Beloborodov
2007). In this case, the disk will evolve into the so called slim
disk (Abramowicz et al. 1988; Beloborodov 1998). Although
a bulk of the disk material is advected into the BH, a non-
negligible fraction ( fout " 10%) can be ejected as a radiation-
driven outflow (e.g., Ohsuga et al. 2005; Jiang et al. 2014;
Sa̧dowski et al. 2014). The velocity of the outflow is ap-
proximately the escape velocity at the launching point,
vout ≈ (2GM•/r0)1/2, or

vout ∼ 9.5 × 109 cm s−1 f
−1/2
r,1
. (10)

If the launching radius is 10 − 100 larger than the
Schwarzschild radius, the outflow velocity ranges from vout ∼
0.1 − 0.3 c.

In addition to the non-thermal afterglow emission con-
sidered in the following sections, we can expect the quasi-
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stars (Woosley & Heger 2012). The tide can efficiently ex-
change the orbital and spin angular momentum of the mas-
sive stars and the spin can be synchronized with the orbital
motion (Zahn 1975). The timescale for the synchronization
of a massive star with a radiative envelope is given by

tsyn ∼ 0.07 Myr q−2
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17/2
12.5
, (3)

where 0 < q < 1 is the mass ratio of the binary, E2 ∼
10−7 − 10−4 is a dimensionless quantity depending on the
stellar structure (Zahn 1975; Kushnir et al. 2017), M∗ =
10x M⊙ M∗,x is the stellar mass, R∗ is the stellar radius,
and a is the orbital separation. If the initial separation is
smaller than a critical value

acrit ! 4 × 1012 cm q4/17
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, (4)

the synchronization can occur within the main-sequence
phase, i.e., tsyn ! Myr. Once the synchronization is achieved,

the spin period becomes Psyn ≈ Porb = 2π
#

a3/(GMtot), or

Psyn ∼ 4.4 days a
3/2
12.5

M
−1/2
tot,1.8

. (5)

Assuming that the synchronous rotation is maintained un-
til the core collapse, the angular-momentum density of the
envelope is jsyn ≈ 2πR2

∗/Psyn, or

jsyn ∼ 1018 cm2 s−1 a
−3/2
12

M
1/2
tot,1.8

R2
∗,11, (6)

which depends on the binary separation a. From Eqs. (1),
(2), (4), and (6), WRs in massive (Mtot " a few 10 M⊙)
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formation with a disk (Kimura et al. 2017). Interestingly,
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vestigated electromagnetic emissions from disk-driven out-
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necting the BH and disk, a relativistic jet may be launched
via the Blandford-Znajek process to produce a relatively
dim GRB (Woosley & Heger 2012). The more probable out-
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model with (MZAMS, Z) = (20 M⊙, 0.01 Z⊙), a part of
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is the free fall timescale, R∗ is the radius of the outer-
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the disk. We set M• = 35 M⊙ , R∗ = 5 × 1012 cm, and
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where κ is the opacity,
but significantly smaller than those considered in the GRB
model, 'MGRB " 10−3 M⊙ s−1 (e.g., Chen & Beloborodov
2007). In this case, the disk will evolve into the so called slim
disk (Abramowicz et al. 1988; Beloborodov 1998). Although
a bulk of the disk material is advected into the BH, a non-
negligible fraction ( fout " 10%) can be ejected as a radiation-
driven outflow (e.g., Ohsuga et al. 2005; Jiang et al. 2014;
Sa̧dowski et al. 2014). The velocity of the outflow is ap-
proximately the escape velocity at the launching point,
vout ≈ (2GM•/r0)1/2, or

vout ∼ 9.5 × 109 cm s−1 f
−1/2
r,1
. (10)

If the launching radius is 10 − 100 larger than the
Schwarzschild radius, the outflow velocity ranges from vout ∼
0.1 − 0.3 c.

In addition to the non-thermal afterglow emission con-
sidered in the following sections, we can expect the quasi-
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Figure 2. Angular momentum density profile of pre-collapse
massive star calculated by using MESA. Each panel show the
cases for single stars with MZAMS = 20 M⊙ (solid), 40 M⊙ (dotted-
dash), and 60 M⊙ (dashed) and an initial surface rotation velocity
of 200 km s−1. The top, middle, and bottom panels correspond to
the cases with Z = 1, 0.1 and 0.01 Z⊙ . The shaded region indicate
the threshold values for forming a disk or torus; the upper and
lower bounds are for Schwarzschild and extremal Kerr black hole,
respectively.

most conservative case is that only the outer most layers
have sufficient angular momentum (e.g., Woosley & Heger
2012; Perna et al. 2014). For the representative purpose,
we calculate the angular-momentum-density profile of
pre-collapse massive stars by using MESA with version
7624 (Paxton et al. 2011, 2013, 2015). We start from zero-
age-main sequence (ZAMS), assuming a uniform rotation
with a surface velocity of 200 km s−1, which is consistent with
the observed value of Galactic O-type stars (e.g., Fukuda
1982) and corresponds to ∼ a few 10% of the mass shedding
limit. The evolution is calculated with the default parame-
ter set for single massive stars with rotation. We stop our
calculation when the infall velocity of a mass shell becomes
larger than 108 cm s−1, corresponding to the onset of core
collapse.

The angular-momentum-density profile for 9 cases are
shown in Fig. 2; three different ZAMS masses, MZAMS =

20 M⊙ (solid), 40 M⊙ (dotted-dash), and 60 M⊙ (dashed)
and three different metallicities, Z = 1 Z⊙ (top), 0.1 Z⊙
(middle), and 0.01 Z⊙ (bottom). Among them, the cases
with (MZAMS, Z) = (20 M⊙, 0.01 Z⊙), (40 M⊙, 0.01 Z⊙),
(60 M⊙, 0.01 Z⊙), and (60 M⊙, 0.1 Z⊙) have compactness
larger than the threshold value, ξ2.5 > 0.2, possibly resulting
in BH formation. The first one is a red supergiant (RSG)
and the latter three are blue supergiants (BSGs) in the pre-
collapse phase. Note that our Z = Z⊙ models are all Wolf-
Rayet stars (WRs) in the pre-collapse phase, significantly
losing their mass and angular momentum through the stellar
wind. One can see that the angular momentum density gen-
erally increases significantly with respect to enclosed mass
in the outer envelope. This can be understood as follows.
For a density profile of ρ ∝ r−n, the enclosed mass in the
region scales as Menc ∝ r3−n. On the other hand, the angular
momentum density is j ∝ vr ∝ r2 for a uniform rotation.

As a result, j ∝ M
2/(3−n)
enc , which significantly increases with

Menc for a radiative envelope with n ≈ 3. The shaded re-
gions in Fig. 2 show the threshold values for a mass shell to
form a disk around the BH. The upper and lower bounds
correspond to Schwarzschild BHs, jSch = 2

√
3 × GM•/c, or

jSch ∼ 4.7 × 1017 cm2 s−1M•,1.5, (1)

and extremal Kerr BHs, jKerr = (2/
√

3) × GM•/c, or

jKerr ∼ 1.5 × 1017 cm2 s−1M•,1.5, (2)

respectively. 1 Here M• = 10x M⊙ M•,x is the mass of the BH.
As for the three BH progenitor candidates in our sample,
the outer envelope of up to a few M⊙ has sufficient angular
momentum to form a mini-disk. The above results indicate
a BH and mini-disk system is a quite natural outcome of
massive star evolution, in particular, for Z ! 0.1Z⊙ or BSG
and RSG cases.

Similar situation could also occur for massive
stars in tidally interacting close binaries even for WR

1 Note that the disk formation occurs in a rather complex man-
ner, depending on the angular momentum density profile j(r, θ)
of the collapsar; it also depends on the polar coordinate θ,
which cannot be calculated by 1D stellar evolution codes. The
angular momentum density required to form a disk is larger
than the threshold value we show in Fig. 2 by a factor of a
few (Zalamea & Beloborodov 2009).
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dash), and 60 M⊙ (dashed) and an initial surface rotation velocity
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the cases with Z = 1, 0.1 and 0.01 Z⊙ . The shaded region indicate
the threshold values for forming a disk or torus; the upper and
lower bounds are for Schwarzschild and extremal Kerr black hole,
respectively.
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have sufficient angular momentum (e.g., Woosley & Heger
2012; Perna et al. 2014). For the representative purpose,
we calculate the angular-momentum-density profile of
pre-collapse massive stars by using MESA with version
7624 (Paxton et al. 2011, 2013, 2015). We start from zero-
age-main sequence (ZAMS), assuming a uniform rotation
with a surface velocity of 200 km s−1, which is consistent with
the observed value of Galactic O-type stars (e.g., Fukuda
1982) and corresponds to ∼ a few 10% of the mass shedding
limit. The evolution is calculated with the default parame-
ter set for single massive stars with rotation. We stop our
calculation when the infall velocity of a mass shell becomes
larger than 108 cm s−1, corresponding to the onset of core
collapse.

The angular-momentum-density profile for 9 cases are
shown in Fig. 2; three different ZAMS masses, MZAMS =

20 M⊙ (solid), 40 M⊙ (dotted-dash), and 60 M⊙ (dashed)
and three different metallicities, Z = 1 Z⊙ (top), 0.1 Z⊙
(middle), and 0.01 Z⊙ (bottom). Among them, the cases
with (MZAMS, Z) = (20 M⊙, 0.01 Z⊙), (40 M⊙, 0.01 Z⊙),
(60 M⊙, 0.01 Z⊙), and (60 M⊙, 0.1 Z⊙) have compactness
larger than the threshold value, ξ2.5 > 0.2, possibly resulting
in BH formation. The first one is a red supergiant (RSG)
and the latter three are blue supergiants (BSGs) in the pre-
collapse phase. Note that our Z = Z⊙ models are all Wolf-
Rayet stars (WRs) in the pre-collapse phase, significantly
losing their mass and angular momentum through the stellar
wind. One can see that the angular momentum density gen-
erally increases significantly with respect to enclosed mass
in the outer envelope. This can be understood as follows.
For a density profile of ρ ∝ r−n, the enclosed mass in the
region scales as Menc ∝ r3−n. On the other hand, the angular
momentum density is j ∝ vr ∝ r2 for a uniform rotation.

As a result, j ∝ M
2/(3−n)
enc , which significantly increases with

Menc for a radiative envelope with n ≈ 3. The shaded re-
gions in Fig. 2 show the threshold values for a mass shell to
form a disk around the BH. The upper and lower bounds
correspond to Schwarzschild BHs, jSch = 2
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3 × GM•/c, or

jSch ∼ 4.7 × 1017 cm2 s−1M•,1.5, (1)

and extremal Kerr BHs, jKerr = (2/
√

3) × GM•/c, or

jKerr ∼ 1.5 × 1017 cm2 s−1M•,1.5, (2)

respectively. 1 Here M• = 10x M⊙ M•,x is the mass of the BH.
As for the three BH progenitor candidates in our sample,
the outer envelope of up to a few M⊙ has sufficient angular
momentum to form a mini-disk. The above results indicate
a BH and mini-disk system is a quite natural outcome of
massive star evolution, in particular, for Z ! 0.1Z⊙ or BSG
and RSG cases.

Similar situation could also occur for massive
stars in tidally interacting close binaries even for WR

1 Note that the disk formation occurs in a rather complex man-
ner, depending on the angular momentum density profile j(r, θ)
of the collapsar; it also depends on the polar coordinate θ,
which cannot be calculated by 1D stellar evolution codes. The
angular momentum density required to form a disk is larger
than the threshold value we show in Fig. 2 by a factor of a
few (Zalamea & Beloborodov 2009).
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大質量星àBHのスピン ‒ 理論

•大質量星とそのスピンの進化
• 星風によるloss
• 連星系の場合、連星相互作用によるloss & gain
が不定性の温床. また、
• 星内部の角運動量輸送
もよくわからない … .

•重力崩壊時の角運動量プロファイルがわかれば、
BHのスピンも大雑把にはわかる. 
• 吹っ飛ぶ角運動量を正確に見積もるのは難しい.



考えること
•どういう星がどういうコンパクト天体を形成？

形成時にどういう突発天体を伴う？
•連星系の場合、どういうコンパクト連星？

合体時にどういう突発天体を伴う？
•大質量星の回転(進化)が鍵だろう.



ブラックホール形成と突発天体



ブラックホール形成と突発天体

•回転が
- 遅い場合
- まあまあ速い場合
- 速い場合

暗いけど多い？

明るいけど少ない？



ブラックホール形成と突発天体

•回転が
- 遅い場合
- まあまあ速い場合
- 速い場合
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Figure 1. Schematic picture of black hole formation that is accompanied by a super-Eddington accretion disk and its electromagnetic
transients.

sients (Kashiyama & Quataert 2015), which might have al-
ready been detected (e.g., Drout et al. 2014; Tanaka et al.
2016). Related UV/optical transients with more kinetic en-
ergy have been expected at the birth of double BH bina-
ries, which may lead to GW 150914-like merger events in
∼ 1 − 10 Gyr (Kimura et al. 2017). In general, UV/optical
transients with a duration of a few days or shorter will
be explored more efficiently in the coming years. Multi-
wavelength observations will be crucial to distinguish the
newborn BH scenario from alternative models.

In this paper, we study the afterglow emission of ul-
trafast disk-driven outflows from newborn BHs. At a strong
collisionless shock formed at the interface of the outflow and
circumstellar medium, magnetic-field amplification and par-
ticle acceleration will occur, leading to synchrotron radiation
from accelerated electrons. The radio signal may be the most
promising and might have been already detected as a possi-
ble new class of radio transients, e.g., Cyg A-2 (Perley et al.
2017). Our scenario also predicts inverse-Compton (IC) X-
ray emission in the same time window as the fast blue tran-
sient. By combining the UV/optical and X-ray signals, the
radio afterglow can be used for identifying and probing this
type of BH formation.

This paper is organized as follows. In Sec. 2, we show the
setup and model for calculating the afterglow emission. The
results are shown in Sec. 3 and its implications are discussed
in Sec. 4. We use the notation Q = 10xQx in CGS units,
unless otherwise noted.

2 SETUP AND MODEL

In this section, we first describe progenitor stars assumed in
our scenario, with reviewing the diversity of BH formation
(Sec. 2.1). Then, we show properties of accretion-disk out-
flows (Sec. 2.2) and the surrounding circumstellar medium
(Sec. 2.3). The dynamics and microphysics of shocks be-
tween the outflow and circumstellar medium are modeled
in Sec. 2.4 and Sec. 2.5. Basic properties of the associated
synchrotron emission are described in Sec. 2.6. A schematic
picture of our scenario is shown in Fig. 1.

2.1 Progenitor stars

We consider collapsing massive stars which result in failed
SNe and forming BHs. The detailed conditions for SN ex-
plosions are still under debate. In general, stars with a
more compact inner core more likely results in a failed
explosion. The threshold of the compactness, which is
customary defined by the enclosed mass at 1,000 km
divided by 2.5 M⊙ , has been claimed to be ξ2.5 >

0.2 − 0.4 based on numerical simulations of SN explosion
(O’Connor & Ott 2011; Ugliano et al. 2012; Horiuchi et al.
2014; Pejcha & Thompson 2015, see also Sukhbold et al.
2017). Once the SN shock is stalled, the shocked matter
falls back onto the proto-neutron star, which finally collapses
into a BH. Then, a rarefaction wave propagates outward and
outer layers will accrete onto the BH successively.

A disk or torus is formed around the BH if the accret-
ing material has an angular momentum sufficiently larger
than a threshold value at the inner-most-stable orbit. If
the star rotates slow enough, the entire star is just swal-
lowed by the BH. Such cases can be observed as vanish-
ing massive stars or very weak SNe (e.g., Kochanek et al.
2008), and are probably the dominant path to forming mas-
sive BHs. The event rate would be slightly smaller than
the core-collapse SN rate, say ! 30 % (Gerke et al. 2015;
Adams et al. 2016). On the other hand, if the progeni-
tor rotates so fast that even its inner core has a suffi-
ciently large angular momentum, a massive accretion disk
is formed just after the BH formation. The BH-disk sys-
tem may launch a relativistic jet, which propagates though
and finally punches out the progenitor star. Such cases
have been considered as the central engine of GRBs (e.g.,
MacFadyen & Woosley 1999) and probably rare; the true
occurrence rate of GRBs is ∼ 0.1 % of the core-collapse SN
rate (e.g., Guetta & Della Valle 2007; Wanderman & Piran
2010), although the rate of low-luminosity GRBs may be
higher (Liang et al. 2007; Sun et al. 2015).

In this paper, we consider an intermediate be-
tween the above two extremes (or type III collapsars in
Woosley & Heger 2012). Angular momentum density of a
star basically increases with radius, and thus outer lay-
ers are more likely to form a disk when it collapses. The
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2016). Related UV/optical transients with more kinetic en-
ergy have been expected at the birth of double BH bina-
ries, which may lead to GW 150914-like merger events in
∼ 1 − 10 Gyr (Kimura et al. 2017). In general, UV/optical
transients with a duration of a few days or shorter will
be explored more efficiently in the coming years. Multi-
wavelength observations will be crucial to distinguish the
newborn BH scenario from alternative models.

In this paper, we study the afterglow emission of ul-
trafast disk-driven outflows from newborn BHs. At a strong
collisionless shock formed at the interface of the outflow and
circumstellar medium, magnetic-field amplification and par-
ticle acceleration will occur, leading to synchrotron radiation
from accelerated electrons. The radio signal may be the most
promising and might have been already detected as a possi-
ble new class of radio transients, e.g., Cyg A-2 (Perley et al.
2017). Our scenario also predicts inverse-Compton (IC) X-
ray emission in the same time window as the fast blue tran-
sient. By combining the UV/optical and X-ray signals, the
radio afterglow can be used for identifying and probing this
type of BH formation.

This paper is organized as follows. In Sec. 2, we show the
setup and model for calculating the afterglow emission. The
results are shown in Sec. 3 and its implications are discussed
in Sec. 4. We use the notation Q = 10xQx in CGS units,
unless otherwise noted.

2 SETUP AND MODEL

In this section, we first describe progenitor stars assumed in
our scenario, with reviewing the diversity of BH formation
(Sec. 2.1). Then, we show properties of accretion-disk out-
flows (Sec. 2.2) and the surrounding circumstellar medium
(Sec. 2.3). The dynamics and microphysics of shocks be-
tween the outflow and circumstellar medium are modeled
in Sec. 2.4 and Sec. 2.5. Basic properties of the associated
synchrotron emission are described in Sec. 2.6. A schematic
picture of our scenario is shown in Fig. 1.

2.1 Progenitor stars

We consider collapsing massive stars which result in failed
SNe and forming BHs. The detailed conditions for SN ex-
plosions are still under debate. In general, stars with a
more compact inner core more likely results in a failed
explosion. The threshold of the compactness, which is
customary defined by the enclosed mass at 1,000 km
divided by 2.5 M⊙ , has been claimed to be ξ2.5 >

0.2 − 0.4 based on numerical simulations of SN explosion
(O’Connor & Ott 2011; Ugliano et al. 2012; Horiuchi et al.
2014; Pejcha & Thompson 2015, see also Sukhbold et al.
2017). Once the SN shock is stalled, the shocked matter
falls back onto the proto-neutron star, which finally collapses
into a BH. Then, a rarefaction wave propagates outward and
outer layers will accrete onto the BH successively.

A disk or torus is formed around the BH if the accret-
ing material has an angular momentum sufficiently larger
than a threshold value at the inner-most-stable orbit. If
the star rotates slow enough, the entire star is just swal-
lowed by the BH. Such cases can be observed as vanish-
ing massive stars or very weak SNe (e.g., Kochanek et al.
2008), and are probably the dominant path to forming mas-
sive BHs. The event rate would be slightly smaller than
the core-collapse SN rate, say ! 30 % (Gerke et al. 2015;
Adams et al. 2016). On the other hand, if the progeni-
tor rotates so fast that even its inner core has a suffi-
ciently large angular momentum, a massive accretion disk
is formed just after the BH formation. The BH-disk sys-
tem may launch a relativistic jet, which propagates though
and finally punches out the progenitor star. Such cases
have been considered as the central engine of GRBs (e.g.,
MacFadyen & Woosley 1999) and probably rare; the true
occurrence rate of GRBs is ∼ 0.1 % of the core-collapse SN
rate (e.g., Guetta & Della Valle 2007; Wanderman & Piran
2010), although the rate of low-luminosity GRBs may be
higher (Liang et al. 2007; Sun et al. 2015).

In this paper, we consider an intermediate be-
tween the above two extremes (or type III collapsars in
Woosley & Heger 2012). Angular momentum density of a
star basically increases with radius, and thus outer lay-
ers are more likely to form a disk when it collapses. The
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Figure 1. Schematic illustration of the location where the outgo-
ing sound pulse forms in response to the change in gravitational
mass, with the vertical axis representing the radial coordinate in
the star. The characteristic radius rc for sound pulse formation is
such that the free-fall time t↵ (equation 16) is equal to the time ⌧⌫
over which the gravitational mass changes due to neutrino emis-
sion. At small radii, t↵ < ⌧⌫ and the material falls toward the
BH before experiencing a significant change in the gravitational
acceleration. An outgoing sound pulse can form in regions that
satisfy r & rc. For a wide range of realistic stellar progenitors,
rc ⇠ few 109 cm (Table 2).

For a wide range of stellar masses, this radius has a charac-
teristic value rc ⇠ 109 cm for a neutrino cooling timescale
of ⌧⌫ ⇠ 3 s (c.f. Table 2).

Once neutrinos change the gravitational mass by �MG,
the inward gravitational force on each mass shell has de-
creased and thus there is a net outward acceleration due to
the excess pressure gradient, with magnitude

a =
G�MG

r2
. (18)

The outward acceleration produces a net outward velocity
over the free-fall time

v = a t↵ =

r
GM(r)

r

�MG

M(r)
. (19)

Note that this velocity is everywhere much less than the
local escape speed since �MG ⌧ M(r).

The total energy imparted to a given mass shell by the
net outward pressure force is given by
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where Mshell = 4⇡r2⇢H = (H/r)dM(r)/d ln r and ↵ '

d lnM(r)/d ln r, with H the pressure scale height. For both
super-giant and compact progenitors with & 25M� we have
H/r ⇠ 0.3� 0.5 and ↵ ⇠ 0.1� 0.3 at r ⇠ rc ⇠ 2⇥ 109 cm.

Figure 2 shows �E(r) as a function of the initial free-
fall time at a given radius for our baseline stellar progeni-
tors. The energy input on the shock is largest at small radii,
where the induced outwards pressure force is largest. Note,

Figure 2. Analytic estimate of the kinetic energy in the outgoing
sound pulse at radius r (equation 20) as a function of free-fall time
(equation 16) for the three baseline progenitors, as labeled (c.f.
Table 1). A gravitational mass loss of �MG = 0.3M� has been
used. The vertical dotted line marks a fiducial neutrino cooling
time ⌧⌫ = 3 s, corresponding to radii {1.5, 1.7, 1.7}⇥109 cm in the
RSG, BSG, and WR progenitor, respectively. The energy input
is dominated by radii for which t↵ & ⌧⌫ (see Fig. 1).

Figure 3. Binding energy of the mass exterior to radius r for the
three baseline progenitors, as labeled (c.f. Table 1). The horizontal
dotted lines denote �E(rc) for each star assuming �MG = 0.3M�
(Figure 2), and the intersection between curves of the same color
yields the upper limit on the ejected mass �M for each progeni-
tor (equation 21): {4.8, 0.15, 0.005}M� for RSG, BSG, and WR,
respectively. The binding energy becomes positive over a narrow
radial interval near the base of the hydrogen envelope in the RSG
progenitor.

however, that the vertical dotted line in Figure 2 is where
the free-fall time is equal to ⌧⌫ ' 3 s. Interior to this ra-
dius, the energy injection is strongly suppressed relative to
equation (20) because the mass is incorporated into the neu-
tron star prior to most of the neutrino binding energy being
radiated away. Thus the maximum energy input into the
star by the change in gravitational mass is given by equa-
tion (20) evaluated at radii ⇠ rc. Coughlin et al. (2017)
present a more detailed derivation of the sound wave excita-
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Table 2. List of hydrodynamic models evolved and summary of results. Columns from left to right show model name, spatial
resolution, type of neutrino mass loss (exp: exponential, full: full loss, max: maximum loss; §2.3), cooling time, time to reach TOV
mass, total gravitational mass lost, ejecta mass, total ejecta energy, maximum kinetic energy, radius at which t↵ = min(⌧c, ⌧tov)
in the progenitor, analytic energy estimate (equation 20), and analytic ejecta mass estimate (equation 21). No ejecta mass or
energy is assigned to failed models except for Y25z-2 m, which ejects some matter but it is clearly bound (§4.5).

Model �r/r ⌫-loss ⌧c ⌧tov �MG Mej Eej Ek,max rc �E(rc) �M
(%) (s) (s) (M�) (M�) (1047 erg) (1047 erg) (109 cm) (1047 erg) (M�)

R15z00 e 0.9 exp 3 6.1 0.30 4.2 1.5 4.7 1.5 2.9 4.8
B25z00 e 3.1 0.24 4.9E-2 1.5 4.5 1.7 4.8 0.13
W40z00 e 2.6 0.22 5.0E-4 0.23 3.5 1.5 4.2 3E-3

R15z00 eHR 0.45 exp 3 6.1 0.30 4.2 1.9 4.5 1.5 2.9 4.8
B25z00 eHR 3.1 0.24 4.9E-2 1.6 4.4 1.7 4.8 0.13
W40z00 eHR 2.6 0.22 5.0E-4 0.25 3.4 1.5 4.2 3E-3

R12z00 e 0.9 exp 3 21 0.30 5.5 1.8 3.9 1.4 1.5 5.6
Y22z00 e 1.1 0.12 ... ... 0.4 0.8 1.8 1.2
Y25z-2 e 5.3 0.30 2.5 -1.0 8.1 1.5 8.7 11
B30z-2 e 4 0.30 0.2 1.4 10 1.6 9.3 0.85
B80z-2 e 0.2 0.03 ... ... 0.03 0.23 0.38 0.01
W26z00 e 6.8 0.30 8.1E-3 2.6 10 1.5 9.3 0.02
W50z00 e 1.2 0.13 5.7E-5 0.02 0.63 0.9 1.9 2E-3

R15z00 f 0.9 full 3 8.0 0.47 4.6 8.8 12 1.5 7.4 4.8
B25z00 f 4.2 0.43 0.11 9.1 18 1.7 16 0.20
W40z00 f 3.6 0.42 4.9E-3 3.0 17 1.7 13 9E-3
B80z-2 f 0.4 0.04 ... ... 0.05 0.42 0.63 0.02

R15z00 m 0.9 max 3 8.4 0.49 4.6 13 17 1.5 8.1 4.8
B25z00 m 3.7 0.37 9.5E-2 7.0 15 1.7 12 0.18
W40z00 m 3.0 0.33 2.6E-3 1.5 11 1.7 8.0 6E-3

densities above these values at radii . 10R�. If such winds
are also present at core collapse, it would modify the shock
breakout properties estimated in §5.

In order to implement these low ambient medium densi-
ties, the Helmholtz EOS is extended below its lower density
limit of 10�10 g cm�3 by assuming an ideal gas of electrons
instead of its standard table for electrons and positrons. The
floor of temperature in the simulation is set to the lower
limit of the Helmholtz table, Tfl = 104 K, at which hydro-
gen is still fully ionized. Simulations are stopped when the
temperature inside the shock approaches this floor value.

The list of hydrodynamic models evolved is shown in
Table 2. Our default neutrino mass loss scheme is the ex-
ponential model (equation 8), which we use in all our pro-
genitors. Model names using this prescription have ‘ e’ ap-
pended to their names. We adopt three baseline stellar mod-
els for more detailed study: the 15M� solar metallicity RSG
(R15z00), the 25M� solar metallicity BSG (B25z00) and the
40M� solar metallicity WR (W40z00). These three stellar
models are evolved at twice our baseline spatial resolution to
test convergence in mass ejection (�r/r = 0.45%), and the
corresponding model names have ‘HR’ appended to them.
We also repeat the three baseline progenitors using the full
loss model (equation 11) and maximum loss model (equa-
tion 14). These model names have ‘ f’ and ‘ m’ appended to
them, respectively.

The maximum simulation time depends on the struc-
ture of the progenitor. The RSG model is evolved up to
107 s, shortly after the shock breaks out of the stellar sur-
face. The stopping time is set by the moment when the fluid
behind the shock approaches the floor of temperature in the

Helmholtz EOS (104 K), at which point simulations are no
longer reliable (in particular, the internal energy starts to
grow and total energy is not conserved). The BSG and WR
models are evolved to 106 s and 104 s, respectively. The cri-
terion for stopping here is to achieve nearly constant kinetic
and total energies in the ejected shell while at the same time
not sweeping up so much mass in the ambient medium that
the shell starts to slow down.

3 ENERGY BUDGET FOR THE OUTGOING
SOUND PULSE AND SHOCK

The change in gravitational mass �MG due to neutrino emis-
sion occurs over a finite timescale

⌧⌫ = min{⌧c, ⌧tov}, (15)

where ⌧c is the neutrino cooling time in the protoneutron
star and ⌧tov is the time to collapse to a BH. Changes in the
gravitational acceleration act on the di↵erent stellar layers
on the local free-fall time

t↵(r) =


r3

GM(r)

�1/2

, (16)

which generally is an increasing function of radius. Regions
in the collapsing star for which t↵ ⌧ ⌧⌫ fall onto the black
hole without experiencing any significant change in their
gravitational acceleration; conversely, regions that satisfy
t↵ � ⌧⌫ respond instantaneously to the change in gravity
(Figure 1). The transition between these two regimes lies at
a radius rc such that

t↵(rc) = ⌧⌫ . (17)
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Figure 1. Schematic illustration of the location where the outgo-
ing sound pulse forms in response to the change in gravitational
mass, with the vertical axis representing the radial coordinate in
the star. The characteristic radius rc for sound pulse formation is
such that the free-fall time t↵ (equation 16) is equal to the time ⌧⌫
over which the gravitational mass changes due to neutrino emis-
sion. At small radii, t↵ < ⌧⌫ and the material falls toward the
BH before experiencing a significant change in the gravitational
acceleration. An outgoing sound pulse can form in regions that
satisfy r & rc. For a wide range of realistic stellar progenitors,
rc ⇠ few 109 cm (Table 2).

For a wide range of stellar masses, this radius has a charac-
teristic value rc ⇠ 109 cm for a neutrino cooling timescale
of ⌧⌫ ⇠ 3 s (c.f. Table 2).

Once neutrinos change the gravitational mass by �MG,
the inward gravitational force on each mass shell has de-
creased and thus there is a net outward acceleration due to
the excess pressure gradient, with magnitude

a =
G�MG

r2
. (18)

The outward acceleration produces a net outward velocity
over the free-fall time

v = a t↵ =

r
GM(r)

r

�MG

M(r)
. (19)

Note that this velocity is everywhere much less than the
local escape speed since �MG ⌧ M(r).

The total energy imparted to a given mass shell by the
net outward pressure force is given by
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where Mshell = 4⇡r2⇢H = (H/r)dM(r)/d ln r and ↵ '

d lnM(r)/d ln r, with H the pressure scale height. For both
super-giant and compact progenitors with & 25M� we have
H/r ⇠ 0.3� 0.5 and ↵ ⇠ 0.1� 0.3 at r ⇠ rc ⇠ 2⇥ 109 cm.

Figure 2 shows �E(r) as a function of the initial free-
fall time at a given radius for our baseline stellar progeni-
tors. The energy input on the shock is largest at small radii,
where the induced outwards pressure force is largest. Note,
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Figure 2. Analytic estimate of the kinetic energy in the outgoing
sound pulse at radius r (equation 20) as a function of free-fall time
(equation 16) for the three baseline progenitors, as labeled (c.f.
Table 1). A gravitational mass loss of �MG = 0.3M� has been
used. The vertical dotted line marks a fiducial neutrino cooling
time ⌧⌫ = 3 s, corresponding to radii {1.5, 1.7, 1.7}⇥109 cm in the
RSG, BSG, and WR progenitor, respectively. The energy input
is dominated by radii for which t↵ & ⌧⌫ (see Fig. 1).

Figure 3. Binding energy of the mass exterior to radius r for the
three baseline progenitors, as labeled (c.f. Table 1). The horizontal
dotted lines denote �E(rc) for each star assuming �MG = 0.3M�
(Figure 2), and the intersection between curves of the same color
yields the upper limit on the ejected mass �M for each progeni-
tor (equation 21): {4.8, 0.15, 0.005}M� for RSG, BSG, and WR,
respectively. The binding energy becomes positive over a narrow
radial interval near the base of the hydrogen envelope in the RSG
progenitor.

however, that the vertical dotted line in Figure 2 is where
the free-fall time is equal to ⌧⌫ ' 3 s. Interior to this ra-
dius, the energy injection is strongly suppressed relative to
equation (20) because the mass is incorporated into the neu-
tron star prior to most of the neutrino binding energy being
radiated away. Thus the maximum energy input into the
star by the change in gravitational mass is given by equa-
tion (20) evaluated at radii ⇠ rc. Coughlin et al. (2017)
present a more detailed derivation of the sound wave excita-
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Figure 1. Schematic illustration of the location where the outgo-
ing sound pulse forms in response to the change in gravitational
mass, with the vertical axis representing the radial coordinate in
the star. The characteristic radius rc for sound pulse formation is
such that the free-fall time t↵ (equation 16) is equal to the time ⌧⌫
over which the gravitational mass changes due to neutrino emis-
sion. At small radii, t↵ < ⌧⌫ and the material falls toward the
BH before experiencing a significant change in the gravitational
acceleration. An outgoing sound pulse can form in regions that
satisfy r & rc. For a wide range of realistic stellar progenitors,
rc ⇠ few 109 cm (Table 2).

For a wide range of stellar masses, this radius has a charac-
teristic value rc ⇠ 109 cm for a neutrino cooling timescale
of ⌧⌫ ⇠ 3 s (c.f. Table 2).

Once neutrinos change the gravitational mass by �MG,
the inward gravitational force on each mass shell has de-
creased and thus there is a net outward acceleration due to
the excess pressure gradient, with magnitude

a =
G�MG

r2
. (18)

The outward acceleration produces a net outward velocity
over the free-fall time

v = a t↵ =

r
GM(r)

r

�MG

M(r)
. (19)

Note that this velocity is everywhere much less than the
local escape speed since �MG ⌧ M(r).

The total energy imparted to a given mass shell by the
net outward pressure force is given by
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where Mshell = 4⇡r2⇢H = (H/r)dM(r)/d ln r and ↵ '

d lnM(r)/d ln r, with H the pressure scale height. For both
super-giant and compact progenitors with & 25M� we have
H/r ⇠ 0.3� 0.5 and ↵ ⇠ 0.1� 0.3 at r ⇠ rc ⇠ 2⇥ 109 cm.

Figure 2 shows �E(r) as a function of the initial free-
fall time at a given radius for our baseline stellar progeni-
tors. The energy input on the shock is largest at small radii,
where the induced outwards pressure force is largest. Note,

Figure 2. Analytic estimate of the kinetic energy in the outgoing
sound pulse at radius r (equation 20) as a function of free-fall time
(equation 16) for the three baseline progenitors, as labeled (c.f.
Table 1). A gravitational mass loss of �MG = 0.3M� has been
used. The vertical dotted line marks a fiducial neutrino cooling
time ⌧⌫ = 3 s, corresponding to radii {1.5, 1.7, 1.7}⇥109 cm in the
RSG, BSG, and WR progenitor, respectively. The energy input
is dominated by radii for which t↵ & ⌧⌫ (see Fig. 1).

Figure 3. Binding energy of the mass exterior to radius r for the
three baseline progenitors, as labeled (c.f. Table 1). The horizontal
dotted lines denote �E(rc) for each star assuming �MG = 0.3M�
(Figure 2), and the intersection between curves of the same color
yields the upper limit on the ejected mass �M for each progeni-
tor (equation 21): {4.8, 0.15, 0.005}M� for RSG, BSG, and WR,
respectively. The binding energy becomes positive over a narrow
radial interval near the base of the hydrogen envelope in the RSG
progenitor.

however, that the vertical dotted line in Figure 2 is where
the free-fall time is equal to ⌧⌫ ' 3 s. Interior to this ra-
dius, the energy injection is strongly suppressed relative to
equation (20) because the mass is incorporated into the neu-
tron star prior to most of the neutrino binding energy being
radiated away. Thus the maximum energy input into the
star by the change in gravitational mass is given by equa-
tion (20) evaluated at radii ⇠ rc. Coughlin et al. (2017)
present a more detailed derivation of the sound wave excita-
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Figure 1. Schematic illustration of the location where the outgo-
ing sound pulse forms in response to the change in gravitational
mass, with the vertical axis representing the radial coordinate in
the star. The characteristic radius rc for sound pulse formation is
such that the free-fall time t↵ (equation 16) is equal to the time ⌧⌫
over which the gravitational mass changes due to neutrino emis-
sion. At small radii, t↵ < ⌧⌫ and the material falls toward the
BH before experiencing a significant change in the gravitational
acceleration. An outgoing sound pulse can form in regions that
satisfy r & rc. For a wide range of realistic stellar progenitors,
rc ⇠ few 109 cm (Table 2).

For a wide range of stellar masses, this radius has a charac-
teristic value rc ⇠ 109 cm for a neutrino cooling timescale
of ⌧⌫ ⇠ 3 s (c.f. Table 2).

Once neutrinos change the gravitational mass by �MG,
the inward gravitational force on each mass shell has de-
creased and thus there is a net outward acceleration due to
the excess pressure gradient, with magnitude

a =
G�MG

r2
. (18)

The outward acceleration produces a net outward velocity
over the free-fall time

v = a t↵ =

r
GM(r)

r

�MG

M(r)
. (19)

Note that this velocity is everywhere much less than the
local escape speed since �MG ⌧ M(r).

The total energy imparted to a given mass shell by the
net outward pressure force is given by
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where Mshell = 4⇡r2⇢H = (H/r)dM(r)/d ln r and ↵ '

d lnM(r)/d ln r, with H the pressure scale height. For both
super-giant and compact progenitors with & 25M� we have
H/r ⇠ 0.3� 0.5 and ↵ ⇠ 0.1� 0.3 at r ⇠ rc ⇠ 2⇥ 109 cm.

Figure 2 shows �E(r) as a function of the initial free-
fall time at a given radius for our baseline stellar progeni-
tors. The energy input on the shock is largest at small radii,
where the induced outwards pressure force is largest. Note,

Figure 2. Analytic estimate of the kinetic energy in the outgoing
sound pulse at radius r (equation 20) as a function of free-fall time
(equation 16) for the three baseline progenitors, as labeled (c.f.
Table 1). A gravitational mass loss of �MG = 0.3M� has been
used. The vertical dotted line marks a fiducial neutrino cooling
time ⌧⌫ = 3 s, corresponding to radii {1.5, 1.7, 1.7}⇥109 cm in the
RSG, BSG, and WR progenitor, respectively. The energy input
is dominated by radii for which t↵ & ⌧⌫ (see Fig. 1).

Figure 3. Binding energy of the mass exterior to radius r for the
three baseline progenitors, as labeled (c.f. Table 1). The horizontal
dotted lines denote �E(rc) for each star assuming �MG = 0.3M�
(Figure 2), and the intersection between curves of the same color
yields the upper limit on the ejected mass �M for each progeni-
tor (equation 21): {4.8, 0.15, 0.005}M� for RSG, BSG, and WR,
respectively. The binding energy becomes positive over a narrow
radial interval near the base of the hydrogen envelope in the RSG
progenitor.

however, that the vertical dotted line in Figure 2 is where
the free-fall time is equal to ⌧⌫ ' 3 s. Interior to this ra-
dius, the energy injection is strongly suppressed relative to
equation (20) because the mass is incorporated into the neu-
tron star prior to most of the neutrino binding energy being
radiated away. Thus the maximum energy input into the
star by the change in gravitational mass is given by equa-
tion (20) evaluated at radii ⇠ rc. Coughlin et al. (2017)
present a more detailed derivation of the sound wave excita-

c
� 2017 RAS, MNRAS 000, 1–19

6 Fernández, Quataert, Kashiyama, & Coughlin

r

rc

t� > ��

t� < ��

falls to BH

quickly

feels change in g

Figure 1. Schematic illustration of the location where the outgo-
ing sound pulse forms in response to the change in gravitational
mass, with the vertical axis representing the radial coordinate in
the star. The characteristic radius rc for sound pulse formation is
such that the free-fall time t↵ (equation 16) is equal to the time ⌧⌫
over which the gravitational mass changes due to neutrino emis-
sion. At small radii, t↵ < ⌧⌫ and the material falls toward the
BH before experiencing a significant change in the gravitational
acceleration. An outgoing sound pulse can form in regions that
satisfy r & rc. For a wide range of realistic stellar progenitors,
rc ⇠ few 109 cm (Table 2).

For a wide range of stellar masses, this radius has a charac-
teristic value rc ⇠ 109 cm for a neutrino cooling timescale
of ⌧⌫ ⇠ 3 s (c.f. Table 2).

Once neutrinos change the gravitational mass by �MG,
the inward gravitational force on each mass shell has de-
creased and thus there is a net outward acceleration due to
the excess pressure gradient, with magnitude

a =
G�MG

r2
. (18)

The outward acceleration produces a net outward velocity
over the free-fall time

v = a t↵ =

r
GM(r)

r

�MG

M(r)
. (19)

Note that this velocity is everywhere much less than the
local escape speed since �MG ⌧ M(r).

The total energy imparted to a given mass shell by the
net outward pressure force is given by
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where Mshell = 4⇡r2⇢H = (H/r)dM(r)/d ln r and ↵ '

d lnM(r)/d ln r, with H the pressure scale height. For both
super-giant and compact progenitors with & 25M� we have
H/r ⇠ 0.3� 0.5 and ↵ ⇠ 0.1� 0.3 at r ⇠ rc ⇠ 2⇥ 109 cm.

Figure 2 shows �E(r) as a function of the initial free-
fall time at a given radius for our baseline stellar progeni-
tors. The energy input on the shock is largest at small radii,
where the induced outwards pressure force is largest. Note,

Figure 2. Analytic estimate of the kinetic energy in the outgoing
sound pulse at radius r (equation 20) as a function of free-fall time
(equation 16) for the three baseline progenitors, as labeled (c.f.
Table 1). A gravitational mass loss of �MG = 0.3M� has been
used. The vertical dotted line marks a fiducial neutrino cooling
time ⌧⌫ = 3 s, corresponding to radii {1.5, 1.7, 1.7}⇥109 cm in the
RSG, BSG, and WR progenitor, respectively. The energy input
is dominated by radii for which t↵ & ⌧⌫ (see Fig. 1).

Figure 3. Binding energy of the mass exterior to radius r for the
three baseline progenitors, as labeled (c.f. Table 1). The horizontal
dotted lines denote �E(rc) for each star assuming �MG = 0.3M�
(Figure 2), and the intersection between curves of the same color
yields the upper limit on the ejected mass �M for each progeni-
tor (equation 21): {4.8, 0.15, 0.005}M� for RSG, BSG, and WR,
respectively. The binding energy becomes positive over a narrow
radial interval near the base of the hydrogen envelope in the RSG
progenitor.

however, that the vertical dotted line in Figure 2 is where
the free-fall time is equal to ⌧⌫ ' 3 s. Interior to this ra-
dius, the energy injection is strongly suppressed relative to
equation (20) because the mass is incorporated into the neu-
tron star prior to most of the neutrino binding energy being
radiated away. Thus the maximum energy input into the
star by the change in gravitational mass is given by equa-
tion (20) evaluated at radii ⇠ rc. Coughlin et al. (2017)
present a more detailed derivation of the sound wave excita-
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Figure 1. Schematic illustration of the location where the outgo-
ing sound pulse forms in response to the change in gravitational
mass, with the vertical axis representing the radial coordinate in
the star. The characteristic radius rc for sound pulse formation is
such that the free-fall time t↵ (equation 16) is equal to the time ⌧⌫
over which the gravitational mass changes due to neutrino emis-
sion. At small radii, t↵ < ⌧⌫ and the material falls toward the
BH before experiencing a significant change in the gravitational
acceleration. An outgoing sound pulse can form in regions that
satisfy r & rc. For a wide range of realistic stellar progenitors,
rc ⇠ few 109 cm (Table 2).

For a wide range of stellar masses, this radius has a charac-
teristic value rc ⇠ 109 cm for a neutrino cooling timescale
of ⌧⌫ ⇠ 3 s (c.f. Table 2).

Once neutrinos change the gravitational mass by �MG,
the inward gravitational force on each mass shell has de-
creased and thus there is a net outward acceleration due to
the excess pressure gradient, with magnitude

a =
G�MG

r2
. (18)

The outward acceleration produces a net outward velocity
over the free-fall time

v = a t↵ =

r
GM(r)

r

�MG

M(r)
. (19)

Note that this velocity is everywhere much less than the
local escape speed since �MG ⌧ M(r).

The total energy imparted to a given mass shell by the
net outward pressure force is given by

�E(r) '
1
2
Mshell v

2
' ↵

G�M2
G

2r
H

r

' 5⇥ 1047
⇣ ↵

0.2

⌘ ✓
H/r

0.4

◆ ✓
�MG

0.3M�

◆2 ✓
2⇥ 109 cm

r

◆
erg

(20)

where Mshell = 4⇡r2⇢H = (H/r)dM(r)/d ln r and ↵ '

d lnM(r)/d ln r, with H the pressure scale height. For both
super-giant and compact progenitors with & 25M� we have
H/r ⇠ 0.3� 0.5 and ↵ ⇠ 0.1� 0.3 at r ⇠ rc ⇠ 2⇥ 109 cm.

Figure 2 shows �E(r) as a function of the initial free-
fall time at a given radius for our baseline stellar progeni-
tors. The energy input on the shock is largest at small radii,
where the induced outwards pressure force is largest. Note,

Figure 2. Analytic estimate of the kinetic energy in the outgoing
sound pulse at radius r (equation 20) as a function of free-fall time
(equation 16) for the three baseline progenitors, as labeled (c.f.
Table 1). A gravitational mass loss of �MG = 0.3M� has been
used. The vertical dotted line marks a fiducial neutrino cooling
time ⌧⌫ = 3 s, corresponding to radii {1.5, 1.7, 1.7}⇥109 cm in the
RSG, BSG, and WR progenitor, respectively. The energy input
is dominated by radii for which t↵ & ⌧⌫ (see Fig. 1).
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Figure 3. Binding energy of the mass exterior to radius r for the
three baseline progenitors, as labeled (c.f. Table 1). The horizontal
dotted lines denote �E(rc) for each star assuming �MG = 0.3M�
(Figure 2), and the intersection between curves of the same color
yields the upper limit on the ejected mass �M for each progeni-
tor (equation 21): {4.8, 0.15, 0.005}M� for RSG, BSG, and WR,
respectively. The binding energy becomes positive over a narrow
radial interval near the base of the hydrogen envelope in the RSG
progenitor.

however, that the vertical dotted line in Figure 2 is where
the free-fall time is equal to ⌧⌫ ' 3 s. Interior to this ra-
dius, the energy injection is strongly suppressed relative to
equation (20) because the mass is incorporated into the neu-
tron star prior to most of the neutrino binding energy being
radiated away. Thus the maximum energy input into the
star by the change in gravitational mass is given by equa-
tion (20) evaluated at radii ⇠ rc. Coughlin et al. (2017)
present a more detailed derivation of the sound wave excita-
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tion, propagation, and energetics induced by neutrino mass
loss. Up to factors of order unity (e.g., ⇠ H/r), their results
are consistent with Figure 2 and our derivation here.

The maximum amount of mass that can be ejected by
the shock can be estimated by considering the net energy
(internal minus gravitational) of the outermost stellar layers
(Figure 3). If the total energy of the shock is bounded by
�E(rc), then the maximum amount of mass �M than can
be ejected by the shock is the outermost mass shell with a
net energy equal to �E(rc),

�E(rc) =

Z Mcc

Mcc��M

(�etot) dM, (21)

where etot is the total specific energy of stellar material (gen-
erally negative). Figure 3 shows that �M should be a de-
creasing function of the degree of gravitational binding at
the surface of the star, which can be quantified by the sur-
face gravity or the envelope compactness ⇠env.

4 NUMERICAL RESULTS

4.1 Overview of Sound Pulse & Shock Evolution

In the absence of a change in the gravitational mass due to
neutrino emission, the star simply collapses from the inside
out and the velocity is everywhere negative, with the possi-
ble exception of the regions outside the stellar surface (see
Appendix A for numerical tests involving pure collapse).

When neutrino mass loss operates, a pressure wave is
driven due to the change in gravitational acceleration. Fig-
ure 4 shows snapshots of the radial velocity, Mach number,
density, and temperature in the three fiducial progenitors.

The outgoing wave forms as a sound pulse in the vicin-
ity of r = rc over a timescale ⌧⌫ = min(⌧c, ⌧tov) (c.f. §3).
Initially, this pulse is subsonic, but as it propagates out, its
leading edge gradually steepens into a shock. Three features
are noticeable from the velocity and Mach number snapshots
in Figure 4. First, once the Mach number exceeds a value
⇠ 0.1, the outgoing pressure wave is bound by leading and
trailing edges that can be clearly defined. Second, while the
leading edge eventually becomes supersonic, its Mach num-
ber is only slightly larger than unity while inside the star.
Finally, note also that the entire portion of the star outside
the wave acquires positive velocity.

Upon reaching the stellar surface, the Mach number at
the leading edge of the shock increases, as does the dis-
tance between leading and trailing edges. This behavior is
expected from the fact that the density and sound speed in
the star decrease very steeply with distance from the stellar
surface, leading to acceleration of the shock (e.g., Matzner
& McKee 1999).

The formation of the pressure wave is similar in all stel-
lar progenitors, hence the evolution at times t . 10 s is qual-
itatively and even quantitatively similar in all cases. This is
expected given that the interior structure near rc is similar
in di↵erent models at the onset of core-collapse. Noticeable
di↵erences appear once the wave propagates into the stellar
envelope. In the RSG case, the shock velocity reaches several
100 km s�1 throughout the stellar interior, with no signifi-
cant increase upon breakout from the stellar surface. In the
BSG model, upon shock breakout the velocity of most of

the mass jumps to a few 1000 km s�1, while in the WR case
the velocity can reach a few 104 km s�1. The general trend
is therefore larger shock breakout velocities for increasing
envelope compactness ⇠env.

Note, however, that despite having converged in mass
ejection with resolution, our fiducial models are not fully
resolving the outermost layers of the star and therefore do
not fully capture shock acceleration during breakout. The
gas pressure scale heights at the photosphere in the fidu-
cial RSG, BSG, and WR progenitors are Hphot/Rcc = 0.01,
0.02, and 0.002, respectively, while our highest resolution
models have �r/r ' 0.005, thus barely resolving RSG and
BSG photospheres and under-resolving WR surfaces. This
likely accounts for the behavior of the final ejecta energies
in Table 2, which increase by ⇠ 10% � 30% when doubling
the resolution in the fiducial models.

The radial velocities of the leading and trailing edges of
the wave are shown in the lower row of Figure 5. The trailing
edge rtr, defined as the point at which the velocity changes
sign, propagates at a speed very close to the local sound
speed. The leading edge rsh moves at a speed slightly faster
than the trailing edge, with the speed di↵erence increasing in
magnitude as the leading edge travels into the low density
stellar envelope. The speed of the leading edge eventually
exceeds the local escape speed, either deep inside the star
(RSG and BSG) or very near the surface as it accelerates
(WR).

Given the relative weakness of the outgoing shock, the
jump in density and temperature is small while the outgoing
wave is inside the star. In particular, a shock develops only
in regions where the temperature is lower than 109 K, hence
explosive nuclear burning is not expected.

For the two RSG cases studied, we obtain shock veloc-
ities of the order of a few 100 km s�1 and ejecta masses
of the order of a few solar masses, in reasonable agreement
with the results of LW13.

4.2 Energetics

The evolution of the energies contained within the pressure
wave are shown in Figure 5 for the three fiducial progenitors.
These are calculated by integrating over radii between the
leading and trailing edges. In all cases, the kinetic energy Ek

initially increases, reaching a maximum value that is close
to the analytical estimate �E(r) evaluated at the radius rc
where t↵ ' ⌧⌫ .

The weakness of the shock while deep inside the star is
expected given that its energy is much smaller than the lo-
cal thermal energy (Tan et al. 2001). In hydrostatic equilib-
rium, the latter is close to the gravitational binding energy.
For BSG and WR progenitors, the characteristic binding en-
ergy is ⇠ 1051 erg for most of the stellar interior, whereas
in RSGs the more weakly bound H envelope (Figure 3) pro-
vides conditions for a shock to develop deeper in the star.
The existing theory of shock propagation and breakout in
stellar interiors (Sedov 1959; Sakurai 1960; Chevalier 1976;
Chevalier & Soker 1989; Kazhdan & Murzina 1992; Matzner
& McKee 1999) assumes a strong shock in which gravity is
negligible, which is not applicable in this problem except
when the shock is very close to the stellar surface.

The internal and gravitational energies of the pressure
wave, Ei and Eg respectively, are initially much higher than
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Figure 4. Snapshots of radial velocity (top), Mach number of material with positive velocity (second row), density (third row) and
temperature (bottom) as a function of radius for the three baseline models (left column: R15z00 eHR, middle column: B25z00 eHR,
right column: W40z00 eHR), with the times in seconds as labeled on each curve in the top two rows. The black dashed line marks the
surface of the star at core-collapse (r = Rcc), while the gray dashed line denotes the position of rc (equation 17). In all models, the inner
decade in radius is removed from the calculation once infall is supersonic, in order to increase the time step (c.f. §2.2 and Appendix A).
The velocity and Mach number of material initially around and outside the stellar surface (very low density) have been set to zero, for
clarity.

the kinetic energy. As the wave propagates out, Ei and Eg

decrease in magnitude. The detailed interplay between in-
ternal, gravitational, and kinetic energy after the maximum
in Ek depends on the structure of the progenitor.

For the RSG model (R15z00 eHR), the wave acquires
positive total energy (black line in Fig. 5a) upon reaching
the base of the hydrogen envelope at time t ⇠ 103 s. This
position coincides with a steep radial drop in the binding en-
ergy of the outermost layers of the star (Figure 3). By this
time the leading edge has steepened into a shock with Mach
number ⇠ 1.5. The internal energy stabilizes thereafter, and
the gravitational energy reaches a minimum, increasing af-
terward as the shock sweeps up mass. Before reaching the
stellar surface, the internal and gravitational energies are
higher than the kinetic energy. After shock breakout, the
kinetic energy quickly increases to the point at which it
matches Ei and Ek. Since the fluid behind the shock reaches

the floor of temperature in the EOS at this point (104 K),
the subsequent numerical evolution is unreliable and we do
not show it. But assuming that a fraction of the remain-
ing internal energy is used up in adiabatically expanding
the shell, we infer that the asymptotic energy of the shell
should remain within a factor of a few of the value quoted
in Table 2 (⇠ 2⇥ 1047 erg, measured at t = 107 s).

For both the BSG and WR models (B25z00 eHR and
W40z0 eHR, respectively), the internal and gravitational en-
ergies decrease almost continuously from the time the wave
forms. The kinetic and total energies become roughly con-
stant once |Eg| . Ek. The key di↵erence between the BSG
and WR models is that in the former the shock acquires
positive total energy inside the star, while in the latter it
does so only at several stellar radii from the surface.

The position where the entire outgoing wave becomes
unbound correlates with the amount of mass in the final
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Figure 5. Evolution of the energy, mass, and velocity in the outgoing pressure wave for models R15z00 eHR (left column), B25z00 eHR
(middle column), and W40z00 eHR (right column). Tracking of the leading and trailing edge of the wave, rsh and rtr respectively (§4.1),
begins once the maximum Mach number exceeds 0.03, for clarity. Top row: Kinetic energy Ek, internal energy Ei, gravitational energy
Eg, and total energy Etot in the wave. The horizontal dotted line shows the analytic estimate of the maximum kinetic energy of the
shock (equation 20) evaluated at a radius rc where t↵(rc) = min(⌧c, ⌧tov). Middle row: Mass contained in the outgoing pressure wave
(solid black). The red dashed curve shows the total mass with positive velocity, excluding ambient medium. Bottom row: radial velocity
of the leading and trailing edges of the wave, vs and vtr respectively. Also shown are the local sound speed at the trailing edge cs(rtr),
and the local escape speed at the leading edge vesc(rs). The edge velocities are smoothed with a Savitsky-Golay filter to suppress noise
from numerical di↵erencing.

unbound shell (shown in the middle row of Fig. 5). For the
RSG model, the shock becomes unbound deep inside the
star, and sweeps up significant mass in the H envelope. For
the BSG and WR models, the mass in the shell deceases
continuously until positive energy is achieved, at which point
the shell mass stabilizes. The decrease in the mass in the
shock is caused by fallback of the innermost layers of the
shell that do not become unbound from the star.

Note also that the entire portion of the star outside
r = rc initially acquires positive velocity (Figure 4). This
occurs because the material in this region feels an instanta-
neous decrease in the acceleration of gravity, but it is slower
to respond because the free-fall time is long compared to
the formation and propagation of the shock through the in-
ner layers. While the amount of mass involved is substantial
(Figure 5), most of this material ends up falling back toward
the center since it remains gravitationally bound. Coughlin
et al. (2017) predict that a second shock can in some cases
emerge at the stellar surface due to this outward motion of
the stellar envelope, particularly in more compact progeni-
tors. Our simulations do not fully resolve the layers near the
stellar surface to capture this e↵ect (§4.1).

In the case of a strong shock propagating through a
power-law density medium, two e↵ects compete: the sweep-

ing up of mass, which slows the shock down, and the pressure
gradient behind the shock, which speeds it up (Sedov 1959;
Herant & Woosley 1994). Which of these dominates depends
on the radial steepness of the density profile. For the prob-
lem at hand, the shock is not strong enough for gravity to
be unimportant, hence we may also need to consider the
conversion of internal and kinetic energy into gravitational
potential energy as another source of deceleration. Except
near the stellar surface, the leading edge of the shock is con-
stantly decelerating as it propagates out in all three fiducial
progenitors (Figure 5). This occurs even as the shock sweeps
up mass (RSG) or loses mass to fallback (WR). We thus con-
clude that the low energy of the shock makes the e↵ect of
gravity the dominant factor determining the speed of prop-
agation of the shock inside the star. It would be valuable to
understand this regime of shock propagation in more detail
analytically.

4.3 Dependence on Neutrino Radiation Model

Table 2 also shows models obtained by evolving the fiducial
progenitors with the full loss andmaximum loss prescription
for the inner core evolution (§2.3). These models serve to
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Figure 6. Global ejecta properties for models that employ the exponential neutrino loss prescription (Table 2), with red circles, blue
squares, and black triangles denoting RSGs, BSGs, and WRs, respectively. Left: Total ejecta energy (top) and mass (bottom) as a
function of core compactness (equation 1). Middle: Total ejecta energy (top) and mass (bottom) as a function of envelope compactness
(equation 2). Top right: total ejecta energy versus ejecta mass. Bottom right: gravitational mass lost as a function of core compactness.
Purple triangles denote YSGs, and vertical dashed lines correspond to failed models.

Figure 7. Evolution of the energies and shock mass in models
R15z00 eHR (thin lines) and Y25z-2 e (thick lines), which di↵er
primarily in their envelope compactnesses (⇠env = 0.01 and 0.024,
respectively, c.f. Table 1). Top: Kinetic (red), gravitational (blue),
and total (black) energies in the outgoing pressure wave. Bottom:

mass in the outgoing wave. The YSG ejecta is gravitationally
bound by the time the simulation ends and the temperature floor
is reached.

Figure 8. Evolution of the stellar surface of model B80z-2 e,
which fails to eject any mass. The stellar radius is quantified
by the position of the initial photospheric density ⇢ph ' 2.5 ⇥

10�10 g cm�3. The small increase in the stellar radius is due to
the weak sound pulse/shock approaching the surface. This would
likely manifest itself as a small decrease in the stellar e↵ective
temperature prior to its disappearing.

model B80z-2 e – quantified as the position of the photo-
spheric density – as the shock reaches it. The low shock en-
ergy results in an expansion of the star by about ⇠ 25% in
radius over a period of a few days, followed by a steep infall.
Such a star would likely show a modest decrease in e↵ective
temperature due to this expansion of the photosphere, just
prior to disappearing.

The last unsuccessful case is model Y22z00 e, which has
a relatively high core compactness (⇠2.5 = 0.54) but an en-
velope mass similar to that of the successful RSGs (the en-
velope compactness is higher by 60% relative to the fiducial
RSG). The high core compactness also results in a short
time to reach the TOV mass and thus a small amount of
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Figure 10. Accretion rate at small radii – a proxy for the black hole accretion rate assuming no rotation – for various models, as labeled,
obtained by using the semianalytic approximation in equations (22)-(23) (c.f. Figure 9). The dotted line in the left panel is the accretion
rate obtained using the initial progenitor density profile for model R15z00 eHR, for reference. The dotted line for model B80z-2 e (middle
panel) is the accretion rate measured at the inner boundary given that the trailing edge of the shock becomes measurable only at late
times.

ization radius of this surface material would be

rcirc ' 7⇥ 108v2rot,7R
2
cc,11M

�1
cc,10 cm. (26)

Rotation rates for WR stars are di�cult to measure
(Crowther 2007; St-Louis et al. 2009) although they are pre-
dicted to be in the range 10�100 km s�1 (Meynet & Maeder
2003) with slow rotation more likely due to the intense mass
loss. Except for the case of very slowly-rotating stars with
vrot < 10 km s�1 and a non-spinning black hole, the forma-
tion of a fallback disk out of material in the outer layers is
almost guaranteed. The larger radii of BSG progenitors and
the small amount of mass ejected makes disk formation even
more likely.

In the case of RSGs, ejection of the entire hydrogen en-
velope means that the last material to fall back is located
at the base of this envelope. For our fiducial progenitor, this
radius is located at rbase ⇠ 4R� ' 3 ⇥ 1011 cm. Assuming
uniform rotation in the envelope, the rotational velocity at
this radius is vrot,7 ⇠ (rbase/Rcc) ⇠ 4 ⇥ 10�3, which would
bring jsurf (equation 25) below jisco (equation 24) and an
accretion disk may not form. If, on the other hand, the spe-
cific angular momentum is constant with radius in the H
envelope, disk formation is likely to occur.

The incidence of these late-time disks in failed super-
novae has been considered previously (Quataert & Kasen
2012; Woosley & Heger 2012) and estimates of the accretion
lifetimes extend to thousands of years (Perna et al. 2014).
This fallback accretion might power long time-scale high en-
ergy transients. In addition, Kashiyama & Quataert (2015)
predicted a UV/optical transient lasting ⇠ 10 days assum-
ing an outflow from the radiatively ine�cient fallback disk
that circularizes at small radii.

The temporal dependence of the decay in the bolomet-
ric luminosity (⇠ t�4/3) measured by Adams et al. (2017a)
for their failed supernova candidate suggests the existence
of such a fallback disk, as this temporal slope is expected
for a super-Eddington slim disk model (e.g., Perna et al.
2014). We note, however, that the fallback rates in RSGs
are likely to be super-Eddington for many years (Fig. 10).
In this regime, the luminosity is unlikely to decline much as
the accretion rate does, and may in fact be roughly constant
until the fallback accretion rate is below Eddington. It is
thus somewhat puzzling that the luminosity of the Adams

et al. (2017a) transient decays at a rate of order the ex-
pected fallback accretion rate on year timescales. Future
work should address the formation, long-term evolution, and
emission of the fallback accretion with multi-dimensional
time-dependent simulations.

5 OBSERVATIONAL IMPLICATIONS

In this section we estimate the observational manifestation
of the weak explosions calculated in the previous sections.
We focus on the most robust predictions, which are asso-
ciated with the spherically symmetric shock breakout and
recombination powered emission. Fallback accretion might
in some cases produce a separate transient if a significant
amount of mass becomes rotationally supported at late
times. In future work it would be interesting to quantita-
tively apply the fallback accretion rates found here to such
models (e.g., Quataert & Kasen 2012; Woosley & Heger
2012; Kashiyama & Quataert 2015).

5.1 Shock Breakout

The emergence of a successful shock from the stellar surface
is accompanied by a brief burst of radiation once photons
trapped at the leading edge of the shock di↵use out (Colgate
1974; Falk 1978). Radiation starts escaping once the shock
reaches an optical depth ⌧bo = c/vs from the stellar surface
(e.g., Sapir et al. 2011). The duration of this signal is the
longest of the di↵usion time over the characteristic width of
a radiation-dominated shock �⌧ = ⌧bo (Weaver 1976)

tdi↵,bo ' ⌧bo
(Rcc �Rbo)

c
(27)

and the light-crossing time over the stellar surface (Ensman
& Burrows 1992)

tlc '
Rcc

c
, (28)

with Rbo the radius where the optical depth is ⌧bo. The
breakout luminosity is simply the radiation energy within
the transition region Erad,bo divided by the breakout time
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Fig. 18.— Late-time light curves calculated by KEPLER showing
the evolution and plateau phase of RSG15 models. Calculations
assumed opacity due to electron scattering and an opacity floor of
10�5 cm2 g�1.

Fig. 19.— Late-time light curve calculated by KEPLER for the
RSG25 model.

accurate calculations would be done using a measured
filter curve. The Kepler satellite has an IR bandpass of
0.4 - 0.9 microns. Fig. 20 shows the results of calculat-
ing the fraction of blackbody energy emitted within that
bandpass, assuming that Tc is equal to the maximum Tef

in low-energy events. Color temperature is unlikely to go
lower than this value, meaning these curves represent up-
per bounds. The dynamic range of peak luminosities is
significantly compressed, as the brighter breakouts also
have higher color temperatures. However the duration of
the transient is una↵ected, and thus breakout events of
similar luminosity can still be distinguished in energy by
measuring the duration. The peak luminosities for these

Fig. 20.— RSG15 models as they would be observed in the
band 0.4 - 0.9 microns, assuming color temperature is equal to
the maximum e↵ective temperature. As color temperature cannot
drop below e↵ective temperature, these light curves therefore rep-
resent upper bounds. Higher-energy breakouts have greater bolo-
metric luminosity, but also have higher color temperature, which
suppresses their peak luminosity in optical and IR bands. Dura-
tion remains una↵ected. Models F15 and G15 are not shown here
as the color temperature approximation is not applicable at those
energies.

filtered curves range from 4⇥1041 - 4⇥1039 erg/s. These
are still dim events, but not out of reach of current and
future surveys; notably, they are significantly brighter for
longer than a standard-energy breakout in these bands.
Fig. 21 shows simulated KEPLER light curves for the

same 0.4 - 0.9 micron range. The KEPLER code can-
not directly compute a color temperature, but based on
analytic and numerical results we can make some as-
sumptions about its value. The black curve shows the
predicted light curve in the 0.4 - 0.9 micron range of an
explosion with final KE 2.4 B, calculated by applying
formulas from Nakar & Sari (2010) to locate the chro-
mosphere and using the gas temperature at that layer
as a color temperature. The red curve shows a similar
prediction for a VLE SNe at 1.2⇥1049 erg, corresponding
to model C15. At this energy color temperature is pre-
dicted to converge with e↵ective temperature and a light
curve can be made with a 1-T code that assumes Tc =
Tef . The low-energy supernova, though nearly a thou-
sand times less energetic, peaks at a higher luminosity
and stays bright for longer in the IR. Again, these are
still dim events, but not out of reach.
The cooler temperatures of RSG breakouts make

studying VLE SNe at larger distances a more attractive
prospect, as redshifting will move the light into optical
and IR windows. But the majority of the supernova’s
energy is still emitted at wavelengths shorter than the
Lyman ↵ cuto↵ (> 95% at a color temperature 1 ⇥ 105

K), and if an extragalactic supernova is assumed to be
embedded in a UV-absorbing ISM within its host galaxy,
this energy may be absorbed at the source. Since these
transients are already faint, nearby (z⌧ 1) events are the

Lovegrove & Woosely 13, 17
Piro 13

e.g., MZAMS = 25 MsunのRSG

shock breakout

“plateau”



Searching for vanishing RSGs
• Monitoring ~106 RSGs in ~25 Gal. 

within ~10 Mpc with ~0.5 yr
cadence for ~5 yrs using the 
Large Binocular Telescope

• Examine sources with   

• 3 core collapse supernovae

• 1 candidate of vanishing RSG

• Continuous obs. will give 
meaningful constraints on        
failed SN rate.

Kochanek+08, Gerke+15, Adams+17
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Figure 14. Select V and Rc band observations for Candidate 1 in NGC 6946. We have 19 epochs for this galaxy and do not show them
all. The selected observations give a clear picture of the source’s variability. The “First” observation in the V band (Rc band) is on 5
July 2008 (3 May 2008) and the “Last” observation is on 20 November 2014. The format is the same as in Figure 2.

Figure 13. The B, V and Rc band differential light curves for
Candidate 1 in NGC 6946. The open circle in the V band light
curve was an observation that fell just outside our quality criteria
that was later added as a check on the measurements. The ver-
tical axis is in units of 104L⊙(νLν) and has been normalized to
the first observation so that the luminosity difference between the
first and last observations can be easily seen. A change in lumi-
nosity by 104L⊙ in either direction, as indicated by the horizontal
lines, would lead to the source being selected as a candidate. The
bottom two panels are the 3.6µm and 4.5µm SST archival light
curves normalized to the first epoch and on a different y-axis
scale.

curve and used this for our measurement of initial luminos-
ity so that it could be compared to the R band on that same
date. We measured the differential flux with simple aperture
photometry as a comparison to the ISIS estimates and found
good agreement.
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Figure 15. Archival observations of Candidate 1. The F606W
HST observation and the first, brightest and last 3.6µm SST ob-
servations. The archival images are labeled with the date of the
observation. The circle marks the Candidate location and has a
1 arcsecond radius. The images are 5 arcseconds on a side.

The peak brightness we observe is on 25 March 2009
for both the V and Rc bands. We measure V ≃ 18.17
mag (νLν = 1.15 × 106L⊙) and Rc ≃ 17.58 mag (νLν =
14.34×106L⊙). After this peak, the source was not detected
in any band for the remainder of our survey, with the last
observation for this galaxy on 20 November 2014. Figure 14
shows select observations for both the V and Rc bands. The
candidate is clearly detected in the first epoch, experiences
an outburst and is not visible on or after 20 October 2009.

We found no other references to this outburst. There is
a cataloged GALEX UV source close to its position, however
there is also a 21.71 mag U band source within 4 arcseconds
from our candidate that is likely the GALEX source. The
detection of the candidate two nights in a row at a relatively
unchanged luminosity in May 2008 shows that the source
was present and relatively stable at the start of the survey.
If this outburst was a nova or some other type of stellar
variability, we expect that the star would not have been seen
earlier, never fully disappeared, or should have returned.
Based on the LBT data, this is a promising candidate.

There are archival observations of this source from both
HST and the SST and Candidate 1 is easily identified in
the observations from both telescopes. There is a single
epoch of HST data from 8 July 2007 in the F606W and
F814W WFPC2 filters (Program: 11229, PI:Meixner). Us-
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Figure 14. Select V and Rc band observations for Candidate 1 in NGC 6946. We have 19 epochs for this galaxy and do not show them
all. The selected observations give a clear picture of the source’s variability. The “First” observation in the V band (Rc band) is on 5
July 2008 (3 May 2008) and the “Last” observation is on 20 November 2014. The format is the same as in Figure 2.

Figure 13. The B, V and Rc band differential light curves for
Candidate 1 in NGC 6946. The open circle in the V band light
curve was an observation that fell just outside our quality criteria
that was later added as a check on the measurements. The ver-
tical axis is in units of 104L⊙(νLν) and has been normalized to
the first observation so that the luminosity difference between the
first and last observations can be easily seen. A change in lumi-
nosity by 104L⊙ in either direction, as indicated by the horizontal
lines, would lead to the source being selected as a candidate. The
bottom two panels are the 3.6µm and 4.5µm SST archival light
curves normalized to the first epoch and on a different y-axis
scale.

curve and used this for our measurement of initial luminos-
ity so that it could be compared to the R band on that same
date. We measured the differential flux with simple aperture
photometry as a comparison to the ISIS estimates and found
good agreement.
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Figure 15. Archival observations of Candidate 1. The F606W
HST observation and the first, brightest and last 3.6µm SST ob-
servations. The archival images are labeled with the date of the
observation. The circle marks the Candidate location and has a
1 arcsecond radius. The images are 5 arcseconds on a side.

The peak brightness we observe is on 25 March 2009
for both the V and Rc bands. We measure V ≃ 18.17
mag (νLν = 1.15 × 106L⊙) and Rc ≃ 17.58 mag (νLν =
14.34×106L⊙). After this peak, the source was not detected
in any band for the remainder of our survey, with the last
observation for this galaxy on 20 November 2014. Figure 14
shows select observations for both the V and Rc bands. The
candidate is clearly detected in the first epoch, experiences
an outburst and is not visible on or after 20 October 2009.

We found no other references to this outburst. There is
a cataloged GALEX UV source close to its position, however
there is also a 21.71 mag U band source within 4 arcseconds
from our candidate that is likely the GALEX source. The
detection of the candidate two nights in a row at a relatively
unchanged luminosity in May 2008 shows that the source
was present and relatively stable at the start of the survey.
If this outburst was a nova or some other type of stellar
variability, we expect that the star would not have been seen
earlier, never fully disappeared, or should have returned.
Based on the LBT data, this is a promising candidate.

There are archival observations of this source from both
HST and the SST and Candidate 1 is easily identified in
the observations from both telescopes. There is a single
epoch of HST data from 8 July 2007 in the F606W and
F814W WFPC2 filters (Program: 11229, PI:Meixner). Us-
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Table 3. Bolometric emission properties inferred from the fiducial model set. Columns from left to right show: model
name, shock breakout luminosity (eq. 29), breakout time tbo = min(tdi↵ , tbo) (eq. 27-28), shock velocity at breakout
vbo, gas temperature at breakout Tbo, plateau luminosity (eq. 30), plateau duration (eq. 31), final shock velocity
vexp =

p
2Eej/Mej, mass fraction of hydrogen, helium, carbon, and oxygen at the stellar surface. Shock breakout

parameters are in part analytic estimates based on Waxman & Katz (2016) (see §5), given that we are not fully
resolving the regions close to the photosphere and hence the shock acceleration in those regions.

Model Lbo tbo vbo Tbo Lpl tpl vexp XH XHe XC XO

(L�) (km s�1) (K) (L�) (d) (km s�1)

R15z00 eHR 6E+6 3d 70 9E+3 6E+5 400 70 0.67 0.31 0 0
B25z00 eHR 2E+8 3h 900 7E+4 2E+6 20 600 0.41 0.57 0 0
W40z00 eHR 3E+8 1s 12, 000 1E+6 5E+4 2 2000 0 0.18 0.49 0.30

(e.g., Piro 2013)

Lbo '

Erad,bo

max{tdi↵ , tlc}
. (29)

Table 3 shows estimates for the bolometric shock break-
out luminosity and timescale for the baseline model set.
Given that we are not fully resolving the layers near the
photosphere (§4.1), we estimate the shock breakout veloc-
ity vbo with the formulae in Waxman & Katz (2016) using
the ejecta energy and mass from Table 2 and the progeni-
tor radius Rcc.

3 The resulting values are in good agreement
with the value measured in the simulation for the RSG and
within a factor of two for the BSG. In the case of the WR,
for which we have the poorest resolution at the photosphere,
the analytic estimate is a factor ⇠ 4 larger than the velocity
in the simulation.

Given the breakout velocity, the resulting optical depth
⌧bo = c/vbo is used to measure the radial distance from the
surface of the star at which breakout occurs. This yields
the di↵usion time and allows measuring the radiation en-
ergy Ebo contained in the transition region for use in equa-
tion (29). For the WR progenitor, this procedure results in
only one cell in the simulation contributing to the radiation
energy, which we consider unreliable, so for this progeni-
tor we use instead the analytic estimate from Waxman &
Katz (2016). The breakout temperature is estimated assum-
ing black body radiation Lbo = 4⇡R2

cc �T
2
bo.

Shock breakout in the RSG can reach peak luminosities
⇠ 2 ⇥ 1040 erg s�1 (106 � 107L�) and last for a few days.
These values agree favorably with the estimates from Piro
(2013) and Lovegrove et al. (2017) given the mass and energy
of the ejecta in our models.

Shock breakout in the BSG model produces a luminos-
ity ⇠ 1042 erg s�1 (108L�) over a timescale of ⇠ 3 h, pre-
sumably in the UV given Tbo ⇠ 7 ⇥ 104 K. Our models do
not include radiation di↵usion and hence the detailed val-
ues for the temperature might change when more physics is
included. Nonetheless, a transient with this brightness and
timescale can be a promising target for future wide-field,
very short-cadence surveys (e.g., Sako et al. 2016).

The WR model reaches a similar bolometric breakout
luminosity as the BSG (⇠ 1042 erg s�1 or 108L�) over ⇠ 1 s.
For this model the light crossing time sets the light curve
timescale. Given the estimated temperature, the emission
should come out in the UV to soft X-rays, although de-
tailed calculations of radiation mediated shocks are needed

3 We also assume f⇢ = 0.34 = 1 in their equations.

to make firm predictions. Note that these estimates assume
that the circumstellar medium is a vacuum. In reality, the
star will be surrounded by material ejected by the powerful
stellar winds that occurred earlier in its life. The properties
of shock breakout in a dense wind can be di↵erent, includ-
ing acceleration of particles to high energies in collisionless
shocks (e.g., Katz et al. 2012).

5.2 Plateau Emission

As the ejecta expands, it converts part of its internal energy
into kinetic energy and radiates the rest away. Emission oc-
curs from a photosphere at the recombination front of its
dominant species, above which the opacity drops sharply
(Grassberg et al. 1971). This results in plateau emission,
with a luminosity and timescale (Popov 1993; Kasen &
Woosley 2009; Kleiser & Kasen 2014)

Lpl ' 1.8⇥ 1039 E5/6
ej,47 M

�1/2
ej,1 R

2/3
cc,500 

�1/3
0.4 T

4/3
6000 erg s�1

(30)

tpl ' 220E�1/6
ej,47 M

1/2
ej,1 R

1/6
cc,500 

1/6
0.4 T

2/3
6000 days. (31)

where Eej,47 = Eej/(10
47 erg), Mej,1 = Mej/(1M�),

Rcc,500 = Rcc/(500R�), and 0.4 is the opacity in units of
0.4 cm2 g�1. Equations (30)-(31) account for the di↵usion
of radiation in an expanding medium with a receding pho-
tosphere, and assume that the ejecta are radiation pressure
dominated, which remains true for our models despite the
low ejecta energies (although only marginally for the RSG
case). The luminosity in equation (30) is a black body at the
recombination surface with the recombination temperature
T6000⇥6000 K. For hydrogen and oxygen-dominated ejecta,
this recombination temperature is approximately 6000 K,
while for helium-dominated ejecta it increases to 104 K (e.g.,
Kleiser & Kasen 2014). The absence of radioactive energy
injection results in a sharp drop in the emission once the re-
combination front reaches the base of the ejecta (e.g., Kasen
& Woosley 2009; Piro & Nakar 2013).

Table 3 shows the bolometric luminosities and
timescales associated with plateau emission for the three
baseline progenitors. A recombination temperature of
6000 K is used in the RSG and WR models, while 10, 000 K
is used for the BSG model given its higher surface abundance
of helium. Also shown is the final velocity of the ejecta, which
is assumed to be vexp =

p
2Eej/Mej.

Plateau emission for the RSG model is again consis-
tent with the results of LW13 and the estimates of Piro
(2013), with a duration of about 400 days and a luminosity
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Table 3 shows estimates for the bolometric shock break-
out luminosity and timescale for the baseline model set.
Given that we are not fully resolving the layers near the
photosphere (§4.1), we estimate the shock breakout veloc-
ity vbo with the formulae in Waxman & Katz (2016) using
the ejecta energy and mass from Table 2 and the progeni-
tor radius Rcc.

3 The resulting values are in good agreement
with the value measured in the simulation for the RSG and
within a factor of two for the BSG. In the case of the WR,
for which we have the poorest resolution at the photosphere,
the analytic estimate is a factor ⇠ 4 larger than the velocity
in the simulation.

Given the breakout velocity, the resulting optical depth
⌧bo = c/vbo is used to measure the radial distance from the
surface of the star at which breakout occurs. This yields
the di↵usion time and allows measuring the radiation en-
ergy Ebo contained in the transition region for use in equa-
tion (29). For the WR progenitor, this procedure results in
only one cell in the simulation contributing to the radiation
energy, which we consider unreliable, so for this progeni-
tor we use instead the analytic estimate from Waxman &
Katz (2016). The breakout temperature is estimated assum-
ing black body radiation Lbo = 4⇡R2
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Shock breakout in the RSG can reach peak luminosities
⇠ 2 ⇥ 1040 erg s�1 (106 � 107L�) and last for a few days.
These values agree favorably with the estimates from Piro
(2013) and Lovegrove et al. (2017) given the mass and energy
of the ejecta in our models.

Shock breakout in the BSG model produces a luminos-
ity ⇠ 1042 erg s�1 (108L�) over a timescale of ⇠ 3 h, pre-
sumably in the UV given Tbo ⇠ 7 ⇥ 104 K. Our models do
not include radiation di↵usion and hence the detailed val-
ues for the temperature might change when more physics is
included. Nonetheless, a transient with this brightness and
timescale can be a promising target for future wide-field,
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The WR model reaches a similar bolometric breakout
luminosity as the BSG (⇠ 1042 erg s�1 or 108L�) over ⇠ 1 s.
For this model the light crossing time sets the light curve
timescale. Given the estimated temperature, the emission
should come out in the UV to soft X-rays, although de-
tailed calculations of radiation mediated shocks are needed
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to make firm predictions. Note that these estimates assume
that the circumstellar medium is a vacuum. In reality, the
star will be surrounded by material ejected by the powerful
stellar winds that occurred earlier in its life. The properties
of shock breakout in a dense wind can be di↵erent, includ-
ing acceleration of particles to high energies in collisionless
shocks (e.g., Katz et al. 2012).
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As the ejecta expands, it converts part of its internal energy
into kinetic energy and radiates the rest away. Emission oc-
curs from a photosphere at the recombination front of its
dominant species, above which the opacity drops sharply
(Grassberg et al. 1971). This results in plateau emission,
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Rcc,500 = Rcc/(500R�), and 0.4 is the opacity in units of
0.4 cm2 g�1. Equations (30)-(31) account for the di↵usion
of radiation in an expanding medium with a receding pho-
tosphere, and assume that the ejecta are radiation pressure
dominated, which remains true for our models despite the
low ejecta energies (although only marginally for the RSG
case). The luminosity in equation (30) is a black body at the
recombination surface with the recombination temperature
T6000⇥6000 K. For hydrogen and oxygen-dominated ejecta,
this recombination temperature is approximately 6000 K,
while for helium-dominated ejecta it increases to 104 K (e.g.,
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injection results in a sharp drop in the emission once the re-
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timescales associated with plateau emission for the three
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6000 K is used in the RSG and WR models, while 10, 000 K
is used for the BSG model given its higher surface abundance
of helium. Also shown is the final velocity of the ejecta, which
is assumed to be vexp =
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Plateau emission for the RSG model is again consis-
tent with the results of LW13 and the estimates of Piro
(2013), with a duration of about 400 days and a luminosity
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より⼩さい星からのより速い(とはいえSNよりははるかにしょぼい)衝撃波
àより速くより⻘い（温度が⾼い）放射

というか速すぎる？

それでも⻘⾊巨星の場合は雲雀、Tomo-e	Gozenのターゲットになりそう.



ブラックホール形成と突発天体

•回転が
- 遅い場合
- まあまあ速い場合
- めちゃくちゃ速い場合



Ex) Stellar evolution calculations of    
single massive stars with MESA

Radio transients from newborn black holes 3

Figure 2. Angular momentum density profile of pre-collapse
massive star calculated by using MESA. Each panel show the
cases for single stars with MZAMS = 20 M⊙ (solid), 40 M⊙ (dotted-
dash), and 60 M⊙ (dashed) and an initial surface rotation velocity
of 200 km s−1. The top, middle, and bottom panels correspond to
the cases with Z = 1, 0.1 and 0.01 Z⊙ . The shaded region indicate
the threshold values for forming a disk or torus; the upper and
lower bounds are for Schwarzschild and extremal Kerr black hole,
respectively.

most conservative case is that only the outer most layers
have sufficient angular momentum (e.g., Woosley & Heger
2012; Perna et al. 2014). For the representative purpose,
we calculate the angular-momentum-density profile of
pre-collapse massive stars by using MESA with version
7624 (Paxton et al. 2011, 2013, 2015). We start from zero-
age-main sequence (ZAMS), assuming a uniform rotation
with a surface velocity of 200 km s−1, which is consistent with
the observed value of Galactic O-type stars (e.g., Fukuda
1982) and corresponds to ∼ a few 10% of the mass shedding
limit. The evolution is calculated with the default parame-
ter set for single massive stars with rotation. We stop our
calculation when the infall velocity of a mass shell becomes
larger than 108 cm s−1, corresponding to the onset of core
collapse.

The angular-momentum-density profile for 9 cases are
shown in Fig. 2; three different ZAMS masses, MZAMS =

20 M⊙ (solid), 40 M⊙ (dotted-dash), and 60 M⊙ (dashed)
and three different metallicities, Z = 1 Z⊙ (top), 0.1 Z⊙
(middle), and 0.01 Z⊙ (bottom). Among them, the cases
with (MZAMS, Z) = (20 M⊙, 0.01 Z⊙), (40 M⊙, 0.01 Z⊙),
(60 M⊙, 0.01 Z⊙), and (60 M⊙, 0.1 Z⊙) have compactness
larger than the threshold value, ξ2.5 > 0.2, possibly resulting
in BH formation. The first one is a red supergiant (RSG)
and the latter three are blue supergiants (BSGs) in the pre-
collapse phase. Note that our Z = Z⊙ models are all Wolf-
Rayet stars (WRs) in the pre-collapse phase, significantly
losing their mass and angular momentum through the stellar
wind. One can see that the angular momentum density gen-
erally increases significantly with respect to enclosed mass
in the outer envelope. This can be understood as follows.
For a density profile of ρ ∝ r−n, the enclosed mass in the
region scales as Menc ∝ r3−n. On the other hand, the angular
momentum density is j ∝ vr ∝ r2 for a uniform rotation.

As a result, j ∝ M
2/(3−n)
enc , which significantly increases with

Menc for a radiative envelope with n ≈ 3. The shaded re-
gions in Fig. 2 show the threshold values for a mass shell to
form a disk around the BH. The upper and lower bounds
correspond to Schwarzschild BHs, jSch = 2

√
3 × GM•/c, or

jSch ∼ 4.7 × 1017 cm2 s−1M•,1.5, (1)

and extremal Kerr BHs, jKerr = (2/
√

3) × GM•/c, or

jKerr ∼ 1.5 × 1017 cm2 s−1M•,1.5, (2)

respectively. 1 Here M• = 10x M⊙ M•,x is the mass of the BH.
As for the three BH progenitor candidates in our sample,
the outer envelope of up to a few M⊙ has sufficient angular
momentum to form a mini-disk. The above results indicate
a BH and mini-disk system is a quite natural outcome of
massive star evolution, in particular, for Z ! 0.1Z⊙ or BSG
and RSG cases.

Similar situation could also occur for massive
stars in tidally interacting close binaries even for WR

1 Note that the disk formation occurs in a rather complex man-
ner, depending on the angular momentum density profile j(r, θ)
of the collapsar; it also depends on the polar coordinate θ,
which cannot be calculated by 1D stellar evolution codes. The
angular momentum density required to form a disk is larger
than the threshold value we show in Fig. 2 by a factor of a
few (Zalamea & Beloborodov 2009).
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Vsurf, ini = 200 km/s
MZAMS = 20, 40, 60 Msun
Z = 1, 0.1, 0.01 Zsun

金属量が多い à 死ぬときにはゆっくり回っている.
右の場合、Z = ZsunはみんなWR星として死ぬ.

金属量が少ないà 死ぬときも割と速く回っている.
右の場合、Z < 0.1 Zsunは青色、赤色巨星として死ぬ.
そのほとんどで（全部落ちたとすると）aBH ~ 1.
外層から~太陽質量の降着円盤ができる. 

(注) 回転星のwind mass lossは不定性がでかい.
定量的な議論は … .



Tidal interaction
The convective core + rad. envelope can be locked by the dynamical tide (Zahn 83). 

g mode

Note: g mode dumping is non-trivial, especially when including the wind mass loss.
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stars (Woosley & Heger 2012). The tide can efficiently ex-
change the orbital and spin angular momentum of the mas-
sive stars and the spin can be synchronized with the orbital
motion (Zahn 1975). The timescale for the synchronization
of a massive star with a radiative envelope is given by

tsyn ∼ 0.07 Myr q−2
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where 0 < q < 1 is the mass ratio of the binary, E2 ∼
10−7 − 10−4 is a dimensionless quantity depending on the
stellar structure (Zahn 1975; Kushnir et al. 2017), M∗ =
10x M⊙ M∗,x is the stellar mass, R∗ is the stellar radius,
and a is the orbital separation. If the initial separation is
smaller than a critical value

acrit ! 4 × 1012 cm q4/17
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the synchronization can occur within the main-sequence
phase, i.e., tsyn ! Myr. Once the synchronization is achieved,

the spin period becomes Psyn ≈ Porb = 2π
#

a3/(GMtot), or

Psyn ∼ 4.4 days a
3/2
12.5

M
−1/2
tot,1.8

. (5)

Assuming that the synchronous rotation is maintained un-
til the core collapse, the angular-momentum density of the
envelope is jsyn ≈ 2πR2

∗/Psyn, or

jsyn ∼ 1018 cm2 s−1 a
−3/2
12

M
1/2
tot,1.8

R2
∗,11, (6)

which depends on the binary separation a. From Eqs. (1),
(2), (4), and (6), WRs in massive (Mtot " a few 10 M⊙)
binaries with a ! 6 × 1011 cm ∼ 10R⊙ , or massive BSGs
with R∗ ! 100 R⊙ in close binaries may result in the BH
formation with a disk (Kimura et al. 2017). Interestingly,
these are the promising progenitors of BH-BH binaries coa-
lescing within the cosmological timescale (Zaldarriaga et al.
2017; Hotokezaka & Piran 2017; Belczynski et al. 2017;
Kimura et al. 2017). In particular, Kimura et al. (2017) in-
vestigated electromagnetic emissions from disk-driven out-
flows from a newborn BH formed in such a tidally-locked
binary system.

Based on the above considerations, the BH formation
with a mini-disk may not be rare. Despite large uncertain-
tie, the event rate would be between those of vanishing mas-
sive stars and GRBs, i.e., 0.1−10% of the core-collapse SNe,
which make them a promising target of ongoing and up-
coming transient surveys. Indeed, since the mass accretion
rate of a mini-disk is typically high and well above the Ed-
dington rate (Eq. 8), various kinds of energetic transients
can be expected. If there is a large-scale magnetic field con-
necting the BH and disk, a relativistic jet may be launched
via the Blandford-Znajek process to produce a relatively
dim GRB (Woosley & Heger 2012). The more probable out-
come is a strong radiation-driven wind, which has been con-
firmed by numerical simulations of the super-Eddington-
accretion disk system (e.g., Ohsuga et al. 2005; Jiang et al.
2014; Sa̧dowski et al. 2014). Hereafter, we focus on the ob-
servational signatures of such disk-driven outflows.

We note that, even in the case of failed SNe, the
outer most layers of the progenitor could be ejected by a
weak shock driven by gravitational mass losses through neu-
trino emission in the proto-neutron star phase (Nadezhin
1980). In particular, in the case of RSGs, as one of our

model with (MZAMS, Z) = (20 M⊙, 0.01 Z⊙), a part of
the loosely bounded hydrogen envelope of a few M⊙ can
be ejected (Lovegrove & Woosley 2013). Then, the out-
flow later launched from the disk, if any, interacts with
the pre-ejected material, forming a shock where the en-
ergy is dissipated. The resultant emission can be luminous
SNe (Dexter & Kasen 2013). On the other hand, the ef-
fect of neutrino mass losses will be relatively irrelevant in
the case of massive WRs and BSGs (Fernández et al. 2017;
Coughlin et al. 2017). Without significant quasi-spherical
explosion in advance, this outflow can be almost directly
seen. In this paper, we consider the latter case.

2.2 Disk-driven outflows

In this section, we show the properties of the outflows from
the mini-disk and associated UV/optical transients.

In a collapsing star, a material starts to free fall when a
rarefaction wave arrives at it. If the material has a sufficient
angular momentum, it circularizes before being swallowed by
the BH. In general, an inner mass shell will circularize earlier
and more closer to the BH. We here simply parameterize the
effective circularization radius as r0 = fr × 2GM•/c2, or

r0 ∼ 1.1 × 108 cm fr,1M•,1.5 . (7)

The circularized materials will accrete when the angular
momentum is transported via magnetorotational instability
(e.g., Proga & Begelman 2003a,b). Since the viscous time of
the circularized material is much shorter than the free-fall
time, the overall accretion rate is determined by the fallback
rate, 'Md ≈ Md/tacc, or

'Md ∼ 2.0 × 10−5 M⊙ s−1 Md,0.5R
−3/2
∗,12.7

M
1/2
•,1.5, (8)

where tacc ≈ [R∗3/(GM•)]1/2, or

tacc ∼ 1.6 × 105 s R
3/2
∗,12.7

M
−1/2
•,1.5 , (9)

is the free fall timescale, R∗ is the radius of the outer-
most layer, and Md = 10x M⊙ Md,x is the total mass of

the disk. We set M• = 35 M⊙ , R∗ = 5 × 1012 cm, and
Md = 3 M⊙ as fiducial based on our progenitor model with
(MZAMS, Z) = (40 M⊙, 0.01 Z⊙). The above accretion rate
(Eq. 8) is much larger than the Eddington accretion rate,
'MEdd ∼ 1.8× 10−14 M⊙ s−1M•,1.5κ

−1/2
−0.4

where κ is the opacity,
but significantly smaller than those considered in the GRB
model, 'MGRB " 10−3 M⊙ s−1 (e.g., Chen & Beloborodov
2007). In this case, the disk will evolve into the so called slim
disk (Abramowicz et al. 1988; Beloborodov 1998). Although
a bulk of the disk material is advected into the BH, a non-
negligible fraction ( fout " 10%) can be ejected as a radiation-
driven outflow (e.g., Ohsuga et al. 2005; Jiang et al. 2014;
Sa̧dowski et al. 2014). The velocity of the outflow is ap-
proximately the escape velocity at the launching point,
vout ≈ (2GM•/r0)1/2, or

vout ∼ 9.5 × 109 cm s−1 f
−1/2
r,1
. (10)

If the launching radius is 10 − 100 larger than the
Schwarzschild radius, the outflow velocity ranges from vout ∼
0.1 − 0.3 c.

In addition to the non-thermal afterglow emission con-
sidered in the following sections, we can expect the quasi-
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stars (Woosley & Heger 2012). The tide can efficiently ex-
change the orbital and spin angular momentum of the mas-
sive stars and the spin can be synchronized with the orbital
motion (Zahn 1975). The timescale for the synchronization
of a massive star with a radiative envelope is given by

tsyn ∼ 0.07 Myr q−2
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where 0 < q < 1 is the mass ratio of the binary, E2 ∼
10−7 − 10−4 is a dimensionless quantity depending on the
stellar structure (Zahn 1975; Kushnir et al. 2017), M∗ =
10x M⊙ M∗,x is the stellar mass, R∗ is the stellar radius,
and a is the orbital separation. If the initial separation is
smaller than a critical value
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the synchronization can occur within the main-sequence
phase, i.e., tsyn ! Myr. Once the synchronization is achieved,

the spin period becomes Psyn ≈ Porb = 2π
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a3/(GMtot), or

Psyn ∼ 4.4 days a
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. (5)

Assuming that the synchronous rotation is maintained un-
til the core collapse, the angular-momentum density of the
envelope is jsyn ≈ 2πR2
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jsyn ∼ 1018 cm2 s−1 a
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12
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which depends on the binary separation a. From Eqs. (1),
(2), (4), and (6), WRs in massive (Mtot " a few 10 M⊙)
binaries with a ! 6 × 1011 cm ∼ 10R⊙ , or massive BSGs
with R∗ ! 100 R⊙ in close binaries may result in the BH
formation with a disk (Kimura et al. 2017). Interestingly,
these are the promising progenitors of BH-BH binaries coa-
lescing within the cosmological timescale (Zaldarriaga et al.
2017; Hotokezaka & Piran 2017; Belczynski et al. 2017;
Kimura et al. 2017). In particular, Kimura et al. (2017) in-
vestigated electromagnetic emissions from disk-driven out-
flows from a newborn BH formed in such a tidally-locked
binary system.

Based on the above considerations, the BH formation
with a mini-disk may not be rare. Despite large uncertain-
tie, the event rate would be between those of vanishing mas-
sive stars and GRBs, i.e., 0.1−10% of the core-collapse SNe,
which make them a promising target of ongoing and up-
coming transient surveys. Indeed, since the mass accretion
rate of a mini-disk is typically high and well above the Ed-
dington rate (Eq. 8), various kinds of energetic transients
can be expected. If there is a large-scale magnetic field con-
necting the BH and disk, a relativistic jet may be launched
via the Blandford-Znajek process to produce a relatively
dim GRB (Woosley & Heger 2012). The more probable out-
come is a strong radiation-driven wind, which has been con-
firmed by numerical simulations of the super-Eddington-
accretion disk system (e.g., Ohsuga et al. 2005; Jiang et al.
2014; Sa̧dowski et al. 2014). Hereafter, we focus on the ob-
servational signatures of such disk-driven outflows.

We note that, even in the case of failed SNe, the
outer most layers of the progenitor could be ejected by a
weak shock driven by gravitational mass losses through neu-
trino emission in the proto-neutron star phase (Nadezhin
1980). In particular, in the case of RSGs, as one of our

model with (MZAMS, Z) = (20 M⊙, 0.01 Z⊙), a part of
the loosely bounded hydrogen envelope of a few M⊙ can
be ejected (Lovegrove & Woosley 2013). Then, the out-
flow later launched from the disk, if any, interacts with
the pre-ejected material, forming a shock where the en-
ergy is dissipated. The resultant emission can be luminous
SNe (Dexter & Kasen 2013). On the other hand, the ef-
fect of neutrino mass losses will be relatively irrelevant in
the case of massive WRs and BSGs (Fernández et al. 2017;
Coughlin et al. 2017). Without significant quasi-spherical
explosion in advance, this outflow can be almost directly
seen. In this paper, we consider the latter case.

2.2 Disk-driven outflows

In this section, we show the properties of the outflows from
the mini-disk and associated UV/optical transients.

In a collapsing star, a material starts to free fall when a
rarefaction wave arrives at it. If the material has a sufficient
angular momentum, it circularizes before being swallowed by
the BH. In general, an inner mass shell will circularize earlier
and more closer to the BH. We here simply parameterize the
effective circularization radius as r0 = fr × 2GM•/c2, or

r0 ∼ 1.1 × 108 cm fr,1M•,1.5 . (7)

The circularized materials will accrete when the angular
momentum is transported via magnetorotational instability
(e.g., Proga & Begelman 2003a,b). Since the viscous time of
the circularized material is much shorter than the free-fall
time, the overall accretion rate is determined by the fallback
rate, 'Md ≈ Md/tacc, or

'Md ∼ 2.0 × 10−5 M⊙ s−1 Md,0.5R
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is the free fall timescale, R∗ is the radius of the outer-
most layer, and Md = 10x M⊙ Md,x is the total mass of

the disk. We set M• = 35 M⊙ , R∗ = 5 × 1012 cm, and
Md = 3 M⊙ as fiducial based on our progenitor model with
(MZAMS, Z) = (40 M⊙, 0.01 Z⊙). The above accretion rate
(Eq. 8) is much larger than the Eddington accretion rate,
'MEdd ∼ 1.8× 10−14 M⊙ s−1M•,1.5κ
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where κ is the opacity,
but significantly smaller than those considered in the GRB
model, 'MGRB " 10−3 M⊙ s−1 (e.g., Chen & Beloborodov
2007). In this case, the disk will evolve into the so called slim
disk (Abramowicz et al. 1988; Beloborodov 1998). Although
a bulk of the disk material is advected into the BH, a non-
negligible fraction ( fout " 10%) can be ejected as a radiation-
driven outflow (e.g., Ohsuga et al. 2005; Jiang et al. 2014;
Sa̧dowski et al. 2014). The velocity of the outflow is ap-
proximately the escape velocity at the launching point,
vout ≈ (2GM•/r0)1/2, or

vout ∼ 9.5 × 109 cm s−1 f
−1/2
r,1
. (10)

If the launching radius is 10 − 100 larger than the
Schwarzschild radius, the outflow velocity ranges from vout ∼
0.1 − 0.3 c.

In addition to the non-thermal afterglow emission con-
sidered in the following sections, we can expect the quasi-
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stars (Woosley & Heger 2012). The tide can efficiently ex-
change the orbital and spin angular momentum of the mas-
sive stars and the spin can be synchronized with the orbital
motion (Zahn 1975). The timescale for the synchronization
of a massive star with a radiative envelope is given by
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where 0 < q < 1 is the mass ratio of the binary, E2 ∼
10−7 − 10−4 is a dimensionless quantity depending on the
stellar structure (Zahn 1975; Kushnir et al. 2017), M∗ =
10x M⊙ M∗,x is the stellar mass, R∗ is the stellar radius,
and a is the orbital separation. If the initial separation is
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the synchronization can occur within the main-sequence
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which depends on the binary separation a. From Eqs. (1),
(2), (4), and (6), WRs in massive (Mtot " a few 10 M⊙)
binaries with a ! 6 × 1011 cm ∼ 10R⊙ , or massive BSGs
with R∗ ! 100 R⊙ in close binaries may result in the BH
formation with a disk (Kimura et al. 2017). Interestingly,
these are the promising progenitors of BH-BH binaries coa-
lescing within the cosmological timescale (Zaldarriaga et al.
2017; Hotokezaka & Piran 2017; Belczynski et al. 2017;
Kimura et al. 2017). In particular, Kimura et al. (2017) in-
vestigated electromagnetic emissions from disk-driven out-
flows from a newborn BH formed in such a tidally-locked
binary system.

Based on the above considerations, the BH formation
with a mini-disk may not be rare. Despite large uncertain-
tie, the event rate would be between those of vanishing mas-
sive stars and GRBs, i.e., 0.1−10% of the core-collapse SNe,
which make them a promising target of ongoing and up-
coming transient surveys. Indeed, since the mass accretion
rate of a mini-disk is typically high and well above the Ed-
dington rate (Eq. 8), various kinds of energetic transients
can be expected. If there is a large-scale magnetic field con-
necting the BH and disk, a relativistic jet may be launched
via the Blandford-Znajek process to produce a relatively
dim GRB (Woosley & Heger 2012). The more probable out-
come is a strong radiation-driven wind, which has been con-
firmed by numerical simulations of the super-Eddington-
accretion disk system (e.g., Ohsuga et al. 2005; Jiang et al.
2014; Sa̧dowski et al. 2014). Hereafter, we focus on the ob-
servational signatures of such disk-driven outflows.

We note that, even in the case of failed SNe, the
outer most layers of the progenitor could be ejected by a
weak shock driven by gravitational mass losses through neu-
trino emission in the proto-neutron star phase (Nadezhin
1980). In particular, in the case of RSGs, as one of our

model with (MZAMS, Z) = (20 M⊙, 0.01 Z⊙), a part of
the loosely bounded hydrogen envelope of a few M⊙ can
be ejected (Lovegrove & Woosley 2013). Then, the out-
flow later launched from the disk, if any, interacts with
the pre-ejected material, forming a shock where the en-
ergy is dissipated. The resultant emission can be luminous
SNe (Dexter & Kasen 2013). On the other hand, the ef-
fect of neutrino mass losses will be relatively irrelevant in
the case of massive WRs and BSGs (Fernández et al. 2017;
Coughlin et al. 2017). Without significant quasi-spherical
explosion in advance, this outflow can be almost directly
seen. In this paper, we consider the latter case.

2.2 Disk-driven outflows

In this section, we show the properties of the outflows from
the mini-disk and associated UV/optical transients.

In a collapsing star, a material starts to free fall when a
rarefaction wave arrives at it. If the material has a sufficient
angular momentum, it circularizes before being swallowed by
the BH. In general, an inner mass shell will circularize earlier
and more closer to the BH. We here simply parameterize the
effective circularization radius as r0 = fr × 2GM•/c2, or

r0 ∼ 1.1 × 108 cm fr,1M•,1.5 . (7)

The circularized materials will accrete when the angular
momentum is transported via magnetorotational instability
(e.g., Proga & Begelman 2003a,b). Since the viscous time of
the circularized material is much shorter than the free-fall
time, the overall accretion rate is determined by the fallback
rate, 'Md ≈ Md/tacc, or
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is the free fall timescale, R∗ is the radius of the outer-
most layer, and Md = 10x M⊙ Md,x is the total mass of

the disk. We set M• = 35 M⊙ , R∗ = 5 × 1012 cm, and
Md = 3 M⊙ as fiducial based on our progenitor model with
(MZAMS, Z) = (40 M⊙, 0.01 Z⊙). The above accretion rate
(Eq. 8) is much larger than the Eddington accretion rate,
'MEdd ∼ 1.8× 10−14 M⊙ s−1M•,1.5κ

−1/2
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where κ is the opacity,
but significantly smaller than those considered in the GRB
model, 'MGRB " 10−3 M⊙ s−1 (e.g., Chen & Beloborodov
2007). In this case, the disk will evolve into the so called slim
disk (Abramowicz et al. 1988; Beloborodov 1998). Although
a bulk of the disk material is advected into the BH, a non-
negligible fraction ( fout " 10%) can be ejected as a radiation-
driven outflow (e.g., Ohsuga et al. 2005; Jiang et al. 2014;
Sa̧dowski et al. 2014). The velocity of the outflow is ap-
proximately the escape velocity at the launching point,
vout ≈ (2GM•/r0)1/2, or

vout ∼ 9.5 × 109 cm s−1 f
−1/2
r,1
. (10)

If the launching radius is 10 − 100 larger than the
Schwarzschild radius, the outflow velocity ranges from vout ∼
0.1 − 0.3 c.

In addition to the non-thermal afterglow emission con-
sidered in the following sections, we can expect the quasi-
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Figure 2. Angular momentum density profile of pre-collapse
massive star calculated by using MESA. Each panel show the
cases for single stars with MZAMS = 20 M⊙ (solid), 40 M⊙ (dotted-
dash), and 60 M⊙ (dashed) and an initial surface rotation velocity
of 200 km s−1. The top, middle, and bottom panels correspond to
the cases with Z = 1, 0.1 and 0.01 Z⊙ . The shaded region indicate
the threshold values for forming a disk or torus; the upper and
lower bounds are for Schwarzschild and extremal Kerr black hole,
respectively.

most conservative case is that only the outer most layers
have sufficient angular momentum (e.g., Woosley & Heger
2012; Perna et al. 2014). For the representative purpose,
we calculate the angular-momentum-density profile of
pre-collapse massive stars by using MESA with version
7624 (Paxton et al. 2011, 2013, 2015). We start from zero-
age-main sequence (ZAMS), assuming a uniform rotation
with a surface velocity of 200 km s−1, which is consistent with
the observed value of Galactic O-type stars (e.g., Fukuda
1982) and corresponds to ∼ a few 10% of the mass shedding
limit. The evolution is calculated with the default parame-
ter set for single massive stars with rotation. We stop our
calculation when the infall velocity of a mass shell becomes
larger than 108 cm s−1, corresponding to the onset of core
collapse.

The angular-momentum-density profile for 9 cases are
shown in Fig. 2; three different ZAMS masses, MZAMS =

20 M⊙ (solid), 40 M⊙ (dotted-dash), and 60 M⊙ (dashed)
and three different metallicities, Z = 1 Z⊙ (top), 0.1 Z⊙
(middle), and 0.01 Z⊙ (bottom). Among them, the cases
with (MZAMS, Z) = (20 M⊙, 0.01 Z⊙), (40 M⊙, 0.01 Z⊙),
(60 M⊙, 0.01 Z⊙), and (60 M⊙, 0.1 Z⊙) have compactness
larger than the threshold value, ξ2.5 > 0.2, possibly resulting
in BH formation. The first one is a red supergiant (RSG)
and the latter three are blue supergiants (BSGs) in the pre-
collapse phase. Note that our Z = Z⊙ models are all Wolf-
Rayet stars (WRs) in the pre-collapse phase, significantly
losing their mass and angular momentum through the stellar
wind. One can see that the angular momentum density gen-
erally increases significantly with respect to enclosed mass
in the outer envelope. This can be understood as follows.
For a density profile of ρ ∝ r−n, the enclosed mass in the
region scales as Menc ∝ r3−n. On the other hand, the angular
momentum density is j ∝ vr ∝ r2 for a uniform rotation.

As a result, j ∝ M
2/(3−n)
enc , which significantly increases with

Menc for a radiative envelope with n ≈ 3. The shaded re-
gions in Fig. 2 show the threshold values for a mass shell to
form a disk around the BH. The upper and lower bounds
correspond to Schwarzschild BHs, jSch = 2

√
3 × GM•/c, or

jSch ∼ 4.7 × 1017 cm2 s−1M•,1.5, (1)

and extremal Kerr BHs, jKerr = (2/
√

3) × GM•/c, or

jKerr ∼ 1.5 × 1017 cm2 s−1M•,1.5, (2)

respectively. 1 Here M• = 10x M⊙ M•,x is the mass of the BH.
As for the three BH progenitor candidates in our sample,
the outer envelope of up to a few M⊙ has sufficient angular
momentum to form a mini-disk. The above results indicate
a BH and mini-disk system is a quite natural outcome of
massive star evolution, in particular, for Z ! 0.1Z⊙ or BSG
and RSG cases.

Similar situation could also occur for massive
stars in tidally interacting close binaries even for WR

1 Note that the disk formation occurs in a rather complex man-
ner, depending on the angular momentum density profile j(r, θ)
of the collapsar; it also depends on the polar coordinate θ,
which cannot be calculated by 1D stellar evolution codes. The
angular momentum density required to form a disk is larger
than the threshold value we show in Fig. 2 by a factor of a
few (Zalamea & Beloborodov 2009).
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dash), and 60 M⊙ (dashed) and an initial surface rotation velocity
of 200 km s−1. The top, middle, and bottom panels correspond to
the cases with Z = 1, 0.1 and 0.01 Z⊙ . The shaded region indicate
the threshold values for forming a disk or torus; the upper and
lower bounds are for Schwarzschild and extremal Kerr black hole,
respectively.

most conservative case is that only the outer most layers
have sufficient angular momentum (e.g., Woosley & Heger
2012; Perna et al. 2014). For the representative purpose,
we calculate the angular-momentum-density profile of
pre-collapse massive stars by using MESA with version
7624 (Paxton et al. 2011, 2013, 2015). We start from zero-
age-main sequence (ZAMS), assuming a uniform rotation
with a surface velocity of 200 km s−1, which is consistent with
the observed value of Galactic O-type stars (e.g., Fukuda
1982) and corresponds to ∼ a few 10% of the mass shedding
limit. The evolution is calculated with the default parame-
ter set for single massive stars with rotation. We stop our
calculation when the infall velocity of a mass shell becomes
larger than 108 cm s−1, corresponding to the onset of core
collapse.

The angular-momentum-density profile for 9 cases are
shown in Fig. 2; three different ZAMS masses, MZAMS =

20 M⊙ (solid), 40 M⊙ (dotted-dash), and 60 M⊙ (dashed)
and three different metallicities, Z = 1 Z⊙ (top), 0.1 Z⊙
(middle), and 0.01 Z⊙ (bottom). Among them, the cases
with (MZAMS, Z) = (20 M⊙, 0.01 Z⊙), (40 M⊙, 0.01 Z⊙),
(60 M⊙, 0.01 Z⊙), and (60 M⊙, 0.1 Z⊙) have compactness
larger than the threshold value, ξ2.5 > 0.2, possibly resulting
in BH formation. The first one is a red supergiant (RSG)
and the latter three are blue supergiants (BSGs) in the pre-
collapse phase. Note that our Z = Z⊙ models are all Wolf-
Rayet stars (WRs) in the pre-collapse phase, significantly
losing their mass and angular momentum through the stellar
wind. One can see that the angular momentum density gen-
erally increases significantly with respect to enclosed mass
in the outer envelope. This can be understood as follows.
For a density profile of ρ ∝ r−n, the enclosed mass in the
region scales as Menc ∝ r3−n. On the other hand, the angular
momentum density is j ∝ vr ∝ r2 for a uniform rotation.

As a result, j ∝ M
2/(3−n)
enc , which significantly increases with

Menc for a radiative envelope with n ≈ 3. The shaded re-
gions in Fig. 2 show the threshold values for a mass shell to
form a disk around the BH. The upper and lower bounds
correspond to Schwarzschild BHs, jSch = 2

√
3 × GM•/c, or

jSch ∼ 4.7 × 1017 cm2 s−1M•,1.5, (1)

and extremal Kerr BHs, jKerr = (2/
√

3) × GM•/c, or

jKerr ∼ 1.5 × 1017 cm2 s−1M•,1.5, (2)

respectively. 1 Here M• = 10x M⊙ M•,x is the mass of the BH.
As for the three BH progenitor candidates in our sample,
the outer envelope of up to a few M⊙ has sufficient angular
momentum to form a mini-disk. The above results indicate
a BH and mini-disk system is a quite natural outcome of
massive star evolution, in particular, for Z ! 0.1Z⊙ or BSG
and RSG cases.

Similar situation could also occur for massive
stars in tidally interacting close binaries even for WR

1 Note that the disk formation occurs in a rather complex man-
ner, depending on the angular momentum density profile j(r, θ)
of the collapsar; it also depends on the polar coordinate θ,
which cannot be calculated by 1D stellar evolution codes. The
angular momentum density required to form a disk is larger
than the threshold value we show in Fig. 2 by a factor of a
few (Zalamea & Beloborodov 2009).
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The Inner core is directly 
swallowed by the black hole.  

Disk Outflow

Fast Blue Transient

The outermost layers have 
sufficient angular momentum 
to form a mini disk.

Decelerating Shock

Radio Afterglow

Circumstellar Medium

& Inverse Compton X rays

Figure 1. Schematic picture of black hole formation that is accompanied by a super-Eddington accretion disk and its electromagnetic
transients.

sients (Kashiyama & Quataert 2015), which might have al-
ready been detected (e.g., Drout et al. 2014; Tanaka et al.
2016). Related UV/optical transients with more kinetic en-
ergy have been expected at the birth of double BH bina-
ries, which may lead to GW 150914-like merger events in
∼ 1 − 10 Gyr (Kimura et al. 2017). In general, UV/optical
transients with a duration of a few days or shorter will
be explored more efficiently in the coming years. Multi-
wavelength observations will be crucial to distinguish the
newborn BH scenario from alternative models.

In this paper, we study the afterglow emission of ul-
trafast disk-driven outflows from newborn BHs. At a strong
collisionless shock formed at the interface of the outflow and
circumstellar medium, magnetic-field amplification and par-
ticle acceleration will occur, leading to synchrotron radiation
from accelerated electrons. The radio signal may be the most
promising and might have been already detected as a possi-
ble new class of radio transients, e.g., Cyg A-2 (Perley et al.
2017). Our scenario also predicts inverse-Compton (IC) X-
ray emission in the same time window as the fast blue tran-
sient. By combining the UV/optical and X-ray signals, the
radio afterglow can be used for identifying and probing this
type of BH formation.

This paper is organized as follows. In Sec. 2, we show the
setup and model for calculating the afterglow emission. The
results are shown in Sec. 3 and its implications are discussed
in Sec. 4. We use the notation Q = 10xQx in CGS units,
unless otherwise noted.

2 SETUP AND MODEL

In this section, we first describe progenitor stars assumed in
our scenario, with reviewing the diversity of BH formation
(Sec. 2.1). Then, we show properties of accretion-disk out-
flows (Sec. 2.2) and the surrounding circumstellar medium
(Sec. 2.3). The dynamics and microphysics of shocks be-
tween the outflow and circumstellar medium are modeled
in Sec. 2.4 and Sec. 2.5. Basic properties of the associated
synchrotron emission are described in Sec. 2.6. A schematic
picture of our scenario is shown in Fig. 1.

2.1 Progenitor stars

We consider collapsing massive stars which result in failed
SNe and forming BHs. The detailed conditions for SN ex-
plosions are still under debate. In general, stars with a
more compact inner core more likely results in a failed
explosion. The threshold of the compactness, which is
customary defined by the enclosed mass at 1,000 km
divided by 2.5 M⊙ , has been claimed to be ξ2.5 >

0.2 − 0.4 based on numerical simulations of SN explosion
(O’Connor & Ott 2011; Ugliano et al. 2012; Horiuchi et al.
2014; Pejcha & Thompson 2015, see also Sukhbold et al.
2017). Once the SN shock is stalled, the shocked matter
falls back onto the proto-neutron star, which finally collapses
into a BH. Then, a rarefaction wave propagates outward and
outer layers will accrete onto the BH successively.

A disk or torus is formed around the BH if the accret-
ing material has an angular momentum sufficiently larger
than a threshold value at the inner-most-stable orbit. If
the star rotates slow enough, the entire star is just swal-
lowed by the BH. Such cases can be observed as vanish-
ing massive stars or very weak SNe (e.g., Kochanek et al.
2008), and are probably the dominant path to forming mas-
sive BHs. The event rate would be slightly smaller than
the core-collapse SN rate, say ! 30 % (Gerke et al. 2015;
Adams et al. 2016). On the other hand, if the progeni-
tor rotates so fast that even its inner core has a suffi-
ciently large angular momentum, a massive accretion disk
is formed just after the BH formation. The BH-disk sys-
tem may launch a relativistic jet, which propagates though
and finally punches out the progenitor star. Such cases
have been considered as the central engine of GRBs (e.g.,
MacFadyen & Woosley 1999) and probably rare; the true
occurrence rate of GRBs is ∼ 0.1 % of the core-collapse SN
rate (e.g., Guetta & Della Valle 2007; Wanderman & Piran
2010), although the rate of low-luminosity GRBs may be
higher (Liang et al. 2007; Sun et al. 2015).

In this paper, we consider an intermediate be-
tween the above two extremes (or type III collapsars in
Woosley & Heger 2012). Angular momentum density of a
star basically increases with radius, and thus outer lay-
ers are more likely to form a disk when it collapses. The
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Figure 2. Time evolution of emission radius (top), observed temperature
(middle), and bolometric luminosity (bottom) of fallback disc outflow emis-
sion. The solid red and dot–dashed blue curves represents our fiducial models
of WR and BSG (Table 1), respectively.

Fig. 2 shows the time evolution of the diffusion radius, rdif (top),
observed temperature, Tobs (middle), and bolometric luminosity Lbol

(bottom) during tacc < t < 2 tp. The solid red and dot–dashed blue
lines show our fiducial model of WR and BSG progenitor (Table 1).
Up to t ! tp (equation 24), rdif, Tobs, and Lbol approximately evolves
as equations (20), (22), and (23), respectively. Fig. 3 shows the ab-
solute AB magnitude of the fallback disc outflow. The thick and thin
lines show NUV (λeff = 2316 Å) and R-band light curves, respec-
tively. The rise time of the UV-optical counterpart is ∼a few days,

Table 1. Model parameters of fallback disc outflow used
in Figs 2 and 3.

WR BSG

Stellar radius (R∗) 1011 cm 1012 cm
Disc mass (Md) 1 M⊙ 5 M⊙
Black-hole mass (MBH) 15 M⊙ 40 M⊙
Mass loading (fṀ ) 0.1 0.1
Launching radius (fr) 10 10
Opacity (κ) 0.1 cm2 g−1 0.2 cm2 g−1

Minimum velocity (fv,min) 0.7 0.7
Maximum velocity (fv,max) 1.4 1.4
Density profile (ξ ) 3.75 3.75

Figure 3. Absolute AB magnitude of fallback disc outflow emission. The
thick and thin curves show the NUV and R-band magnitude, and the solid red
and dot–dashed blue curves represents our fiducial model of WR and BSG
(Table 1), respectively. Note that t = 0 corresponds to the initial launching
of the outflow.

which is roughly given by the time over which radiation can diffuse
across the entire homologous shell in an expansion time (tp; equa-
tion 24). The peak bolometric luminosity is ∼1042−43 erg s−1 (equa-
tion 27), and the observed temperature is ∼104 K (equation 26). The
peak absolute magnitude can range from ∼−16 to ∼−18. These
events can thus be observed as rapidly-evolving luminous blue tran-
sients. Fig. 4 shows the dependence of the optical (R-band) light
curve on the outflow launching radius, which in our model sets the
speed of the outflow (equations 1–5). The rise is faster and the flux
is larger for a smaller launching radius, i.e. a higher speed outflow.

In the above calculations, we have assumed that the fallback
disc outflows expand in a ‘clean’ circumstellar medium. However,
massive stars show mass-loss throughout their lives. The interac-
tion with matter ejected prior to core collapse can alter the dy-
namics of the outflow and the resulting emission characteristics.
In particular, if the progenitor experiences an intense mass-loss of
Ṁw " 0.01 M⊙ yr−1 a few years before the collapse, a comparable
mass to that of the disc outflow ("0.1 M⊙) is distributed within
the emission radius (!1015−16 cm) given the typical wind velocity
of WRs and BSGs, vw ∼ 103 km s−1 (e.g. Crowther 2001), and
the fallback disc outflow will be hidden by the previously ejected
matter. On the other hand, for an observed typical mass-loss rate
of WRs and BSGs, Ṁw ∼ 10−5 yr−1, the effects of the previously
ejected matter will not be significant.
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Figure 2. Time evolution of emission radius (top), observed temperature
(middle), and bolometric luminosity (bottom) of fallback disc outflow emis-
sion. The solid red and dot–dashed blue curves represents our fiducial models
of WR and BSG (Table 1), respectively.

Fig. 2 shows the time evolution of the diffusion radius, rdif (top),
observed temperature, Tobs (middle), and bolometric luminosity Lbol

(bottom) during tacc < t < 2 tp. The solid red and dot–dashed blue
lines show our fiducial model of WR and BSG progenitor (Table 1).
Up to t ! tp (equation 24), rdif, Tobs, and Lbol approximately evolves
as equations (20), (22), and (23), respectively. Fig. 3 shows the ab-
solute AB magnitude of the fallback disc outflow. The thick and thin
lines show NUV (λeff = 2316 Å) and R-band light curves, respec-
tively. The rise time of the UV-optical counterpart is ∼a few days,

Table 1. Model parameters of fallback disc outflow used
in Figs 2 and 3.

WR BSG

Stellar radius (R∗) 1011 cm 1012 cm
Disc mass (Md) 1 M⊙ 5 M⊙
Black-hole mass (MBH) 15 M⊙ 40 M⊙
Mass loading (fṀ ) 0.1 0.1
Launching radius (fr) 10 10
Opacity (κ) 0.1 cm2 g−1 0.2 cm2 g−1

Minimum velocity (fv,min) 0.7 0.7
Maximum velocity (fv,max) 1.4 1.4
Density profile (ξ ) 3.75 3.75

Figure 3. Absolute AB magnitude of fallback disc outflow emission. The
thick and thin curves show the NUV and R-band magnitude, and the solid red
and dot–dashed blue curves represents our fiducial model of WR and BSG
(Table 1), respectively. Note that t = 0 corresponds to the initial launching
of the outflow.

which is roughly given by the time over which radiation can diffuse
across the entire homologous shell in an expansion time (tp; equa-
tion 24). The peak bolometric luminosity is ∼1042−43 erg s−1 (equa-
tion 27), and the observed temperature is ∼104 K (equation 26). The
peak absolute magnitude can range from ∼−16 to ∼−18. These
events can thus be observed as rapidly-evolving luminous blue tran-
sients. Fig. 4 shows the dependence of the optical (R-band) light
curve on the outflow launching radius, which in our model sets the
speed of the outflow (equations 1–5). The rise is faster and the flux
is larger for a smaller launching radius, i.e. a higher speed outflow.

In the above calculations, we have assumed that the fallback
disc outflows expand in a ‘clean’ circumstellar medium. However,
massive stars show mass-loss throughout their lives. The interac-
tion with matter ejected prior to core collapse can alter the dy-
namics of the outflow and the resulting emission characteristics.
In particular, if the progenitor experiences an intense mass-loss of
Ṁw " 0.01 M⊙ yr−1 a few years before the collapse, a comparable
mass to that of the disc outflow ("0.1 M⊙) is distributed within
the emission radius (!1015−16 cm) given the typical wind velocity
of WRs and BSGs, vw ∼ 103 km s−1 (e.g. Crowther 2001), and
the fallback disc outflow will be hidden by the previously ejected
matter. On the other hand, for an observed typical mass-loss rate
of WRs and BSGs, Ṁw ∼ 10−5 yr−1, the effects of the previously
ejected matter will not be significant.
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The PS1-MDS Transients 
Drout+14Pan-STARRS1 Medium Deep Survey (PS1-MDS) for Rapidly Evolving and Luminous Transients

The Astrophysical Journal, 794:23 (23pp), 2014 October 10 Drout et al.

Figure 1. PS1 absolute magnitude, rest-frame, light curves for gold sample transients. Circles represent grizP1 detections and triangles represent 3σ upper limits.
Vertical dashed lines indicate epochs when spectroscopic observations were acquired. The gray shaded region is the R-band Type Ibc template from Drout et al. (2011),
normalized to the peak magnitude of the PS1-MDS transient.
(A color version of this figure is available in the online journal.)

Figure 2. Same as Figure 1 for silver sample objects.
(A color version of this figure is available in the online journal.)

Figure 3. PS1 apparent magnitude, observer-frame, light curves for our bronze (non-spectroscopic) sample. Symbols have the same meaning as Figure 1.
(A color version of this figure is available in the online journal.)

epoch of r-band imaging for PS1-13ess with Magellan IMACS.
This additional photometry was obtained at +2, +45 and +12
rest-frame days for the three objects, respectively. The images
were processed using standard tasks in IRAF19 and calibrated
using PS1 magnitudes of field stars. We subtracted contributions
from the host galaxies using PS1 template images and the ISIS
software package as described in Chornock et al. (2013). These

19 IRAF is distributed by the National Optical Astronomy Observatory, which
is operated by the Association for Research in Astronomy, Inc. under
cooperative agreement with the National Science Foundation.

points are also shown (squares) in Figures 1 and 2, and listed in
Table 2.

2.5. Galaxy Photometry

For our entire sample we compile griz-band photometry for
any underlying galaxy/source. When possible, we utilize the
SDSS DR9 Petrosian magnitudes, which account for galaxy
morphology. For cases where the underlying galaxy/source was
too faint for a high signal-to-noise SDSS detection, we perform
aperture photometry on the PS1 deep template images, choosing

4

ü t1/2  < 12 day --- rapidly evolving than any SN type
ü Lpeak ~ 1042-43 erg s-1 --- luminous as bright SNe
ü Tpeak ~ a few 104 K --- blue
ü No line blanketing --- not powered by the radioactive decay
ü Host Gal. = star forming Gal. --- related to massive stars 
ü Event rate ~ 4-7 % of core-collapse SN --- not rare



Non-thermal emission from the outflow
2660 K. Kashiyama and E. Quataert

Figure 2. Time evolution of emission radius (top), observed temperature
(middle), and bolometric luminosity (bottom) of fallback disc outflow emis-
sion. The solid red and dot–dashed blue curves represents our fiducial models
of WR and BSG (Table 1), respectively.

Fig. 2 shows the time evolution of the diffusion radius, rdif (top),
observed temperature, Tobs (middle), and bolometric luminosity Lbol

(bottom) during tacc < t < 2 tp. The solid red and dot–dashed blue
lines show our fiducial model of WR and BSG progenitor (Table 1).
Up to t ! tp (equation 24), rdif, Tobs, and Lbol approximately evolves
as equations (20), (22), and (23), respectively. Fig. 3 shows the ab-
solute AB magnitude of the fallback disc outflow. The thick and thin
lines show NUV (λeff = 2316 Å) and R-band light curves, respec-
tively. The rise time of the UV-optical counterpart is ∼a few days,

Table 1. Model parameters of fallback disc outflow used
in Figs 2 and 3.

WR BSG

Stellar radius (R∗) 1011 cm 1012 cm
Disc mass (Md) 1 M⊙ 5 M⊙
Black-hole mass (MBH) 15 M⊙ 40 M⊙
Mass loading (fṀ ) 0.1 0.1
Launching radius (fr) 10 10
Opacity (κ) 0.1 cm2 g−1 0.2 cm2 g−1

Minimum velocity (fv,min) 0.7 0.7
Maximum velocity (fv,max) 1.4 1.4
Density profile (ξ ) 3.75 3.75

Figure 3. Absolute AB magnitude of fallback disc outflow emission. The
thick and thin curves show the NUV and R-band magnitude, and the solid red
and dot–dashed blue curves represents our fiducial model of WR and BSG
(Table 1), respectively. Note that t = 0 corresponds to the initial launching
of the outflow.

which is roughly given by the time over which radiation can diffuse
across the entire homologous shell in an expansion time (tp; equa-
tion 24). The peak bolometric luminosity is ∼1042−43 erg s−1 (equa-
tion 27), and the observed temperature is ∼104 K (equation 26). The
peak absolute magnitude can range from ∼−16 to ∼−18. These
events can thus be observed as rapidly-evolving luminous blue tran-
sients. Fig. 4 shows the dependence of the optical (R-band) light
curve on the outflow launching radius, which in our model sets the
speed of the outflow (equations 1–5). The rise is faster and the flux
is larger for a smaller launching radius, i.e. a higher speed outflow.

In the above calculations, we have assumed that the fallback
disc outflows expand in a ‘clean’ circumstellar medium. However,
massive stars show mass-loss throughout their lives. The interac-
tion with matter ejected prior to core collapse can alter the dy-
namics of the outflow and the resulting emission characteristics.
In particular, if the progenitor experiences an intense mass-loss of
Ṁw " 0.01 M⊙ yr−1 a few years before the collapse, a comparable
mass to that of the disc outflow ("0.1 M⊙) is distributed within
the emission radius (!1015−16 cm) given the typical wind velocity
of WRs and BSGs, vw ∼ 103 km s−1 (e.g. Crowther 2001), and
the fallback disc outflow will be hidden by the previously ejected
matter. On the other hand, for an observed typical mass-loss rate
of WRs and BSGs, Ṁw ∼ 10−5 yr−1, the effects of the previously
ejected matter will not be significant.
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e.g., Swift XRT from ~ 100 Mpc. 

electron acceleration at the forward shock
& inverse Compton cooling
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to bright radio transients but with a larger kinetic energy
caused by a more massive outflow.

A fraction of the quasi-thermal photons can be inverse-
Compton up-scattered by relativistic electrons at the for-
ward shock. In fact, the IC emission is the dominant cool-
ing process of the electrons at t ! tpeak (Eq. 11). Instead
of Eqs. (27) and (30), the maximum energy Lorentz factor
is given by tacc = tIC = 3mec/(4σTaT4

peak
βγe), which yields

γeM = [9eBβ/(80σTaT4
peak

)]1/2, or

γeM ∼ 6.4 × 105

(
Tpeak

104 K

)−2 (
tpeak

1 day

)−1/2
, (37)

and the cooling Lorentz factor is estimated as γec =

3mec/(4σTaT4
peak
βt), or

γec ∼ 47

(
Tpeak

104 K

)−4 (
tpeak

1 day

)−1

, (38)

which suggests the slow-cooling regime. Assuming the
Thomson regime, for p ∼ 2, the maximum IC luminosity
is roughly estimated to be

Lc
IC ∼

ϵe

2C
$Mw

vw
v

3
out

∼ 6 × 1040 erg s−1 ϵe,−1C−1
1

$Mw,−5v
−1
w,8v

3
out,10, (39)

where C is the bolometric correction factor. In the case of
p = 2, 1/C = ln[γeM/γei]−1. The energy of the IC photons is

εIC ≈ 2kBTpeakγ
2
e ∼ 1.5 keV

( γe
30

)2
(

Tpeak

104 K

)

. (40)

at which the differential luminosity is estimated to be ∼
Lc

IC
(εIC/εcIC)

1/2 for p = 2. The IC emission also fades away
on a timescale of ≈ tpeak ∼ a few days, but can be still de-
tectable by e.g., Swift XRT from ∼ 100 Mpc. Here we assume
a sensitivity of 1× 10−13 erg cm−2 s−1 in 104 seconds for blind
searches. If the UV/optical, X-ray, and radio counterparts
are simultaneously detected, the magnetic field energy frac-
tion at the forward shock (ϵB) can be determined.
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APPENDIX A: ANALYTIC FORMULAE OF

RADIO SYNCHROTRON SPECTRUM

We can analytically calculate the synchrotron spectrum
when the electron spectrum is a single power law. In the
slow-cooling case, the SSA optical depth is analytically ex-
pressed as τssa = ξp[eρr/(mpBγ5

ei)] × (ν/νi)−(p+4)/2, where
ξp is the numerical coefficient depending on the index p

(e.g., Murase et al. 2014), and then the SSA frequency is

estimated from τssa(νssa) ≈ 1. In the case of wind medium
(r < rw), we have

νssa ∼ 13 GHz Cp f
2/(p+4)
e ζ

2(p−1)/(p+4)
e ε

(p+2)/2(p+4)
B,−2

× $M(p+6)/2(p+4)
w,−5

v
−(p+6)/2(p+4)
w,8

β
(4p−6)/(p+4)
−1

t−1
6 ,(A1)

where Cp is a numerical factor depending on p, e.g., Cp ≈
1.5, 1.0, 0.70 for p = 2.0, 2.5, 3.0, respectively. On the other
hand, in the case of uniform-density medium (r > rw),

νssa ∼ 0.042 GHz C′
p f

2/(p+4)
e ζ

2(p−1)/(p+4)
e ε

(p+2)/2(p+4)
B,−2

× n
(p+6)/2(p+4)
0

β
5p/(p+4)
−1

t
2/(p+4)
8

, (A2)

where C′
p = 1.4, 1.0, 0.73 for p = 2.0, 2.5, 3.0, respectively.

The slow-cooling synchrotron spectrum is described as

Fν ≈ Fν,max

⎧⎪⎪⎪⎪⎪⎪⎨

⎪⎪⎪⎪⎪⎪
⎩

(
νssa
νi

)−(p−1)/2 (
ν
νi

)5/2
(νi < ν < νssa)

(
ν
νi

)−(p−1)/2
(νssa < ν < νc)

(
νc
νi

)−(p−1)/2 (
ν
νi

)−p
(νc < ν < νM),

(A3)

for the case of νi < νssa < νc. The SSA peak flux is

Fν,ssa ∼ 0.12 mJy C′−(p−1)/2
p f

5/(p+4)
e ζ

5(p−1)/(p+4)
e

× ε
(2p+3)/2(p+4)
B,−2

$M(2p+13)/2(p+4)
w,−5

v
−(2p+13)/2(p+4)
w,8

× β
(12p−7)/(p+4)
−1

d−2
27 , (A4)

for wind media and

Fν,ssa ∼ 9.5 µJy C′−(p−1)/2
p f

5/(p+4)
e ζ

5(p−1)/(p+4)
e

× ε
(2p+3)/2(p+4)
B,−2

n
(2p+13)/2(p+4)
0

× β
(14p+6)/(p+4)
−1

t
(2p+13)/(p+4)
8

d−2
27 . (A5)

for uniform-density media.
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to bright radio transients but with a larger kinetic energy
caused by a more massive outflow.

A fraction of the quasi-thermal photons can be inverse-
Compton up-scattered by relativistic electrons at the for-
ward shock. In fact, the IC emission is the dominant cool-
ing process of the electrons at t ! tpeak (Eq. 11). Instead
of Eqs. (27) and (30), the maximum energy Lorentz factor
is given by tacc = tIC = 3mec/(4σTaT4

peak
βγe), which yields

γeM = [9eBβ/(80σTaT4
peak

)]1/2, or

γeM ∼ 6.4 × 105

(
Tpeak

104 K

)−2 (
tpeak

1 day

)−1/2
, (37)

and the cooling Lorentz factor is estimated as γec =

3mec/(4σTaT4
peak
βt), or

γec ∼ 47

(
Tpeak

104 K

)−4 (
tpeak

1 day

)−1

, (38)

which suggests the slow-cooling regime. Assuming the
Thomson regime, for p ∼ 2, the maximum IC luminosity
is roughly estimated to be

Lc
IC ∼

ϵe

2C
$Mw

vw
v

3
out

∼ 6 × 1040 erg s−1 ϵe,−1C−1
1

$Mw,−5v
−1
w,8v

3
out,10, (39)

where C is the bolometric correction factor. In the case of
p = 2, 1/C = ln[γeM/γei]−1. The energy of the IC photons is

εIC ≈ 2kBTpeakγ
2
e ∼ 1.5 keV

( γe
30

)2
(

Tpeak

104 K

)

. (40)

at which the differential luminosity is estimated to be ∼
Lc

IC
(εIC/εcIC)

1/2 for p = 2. The IC emission also fades away
on a timescale of ≈ tpeak ∼ a few days, but can be still de-
tectable by e.g., Swift XRT from ∼ 100 Mpc. Here we assume
a sensitivity of 1× 10−13 erg cm−2 s−1 in 104 seconds for blind
searches. If the UV/optical, X-ray, and radio counterparts
are simultaneously detected, the magnetic field energy frac-
tion at the forward shock (ϵB) can be determined.
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APPENDIX A: ANALYTIC FORMULAE OF

RADIO SYNCHROTRON SPECTRUM

We can analytically calculate the synchrotron spectrum
when the electron spectrum is a single power law. In the
slow-cooling case, the SSA optical depth is analytically ex-
pressed as τssa = ξp[eρr/(mpBγ5

ei)] × (ν/νi)−(p+4)/2, where
ξp is the numerical coefficient depending on the index p

(e.g., Murase et al. 2014), and then the SSA frequency is

estimated from τssa(νssa) ≈ 1. In the case of wind medium
(r < rw), we have

νssa ∼ 13 GHz Cp f
2/(p+4)
e ζ

2(p−1)/(p+4)
e ε

(p+2)/2(p+4)
B,−2

× $M(p+6)/2(p+4)
w,−5

v
−(p+6)/2(p+4)
w,8

β
(4p−6)/(p+4)
−1

t−1
6 ,(A1)

where Cp is a numerical factor depending on p, e.g., Cp ≈
1.5, 1.0, 0.70 for p = 2.0, 2.5, 3.0, respectively. On the other
hand, in the case of uniform-density medium (r > rw),

νssa ∼ 0.042 GHz C′
p f

2/(p+4)
e ζ

2(p−1)/(p+4)
e ε

(p+2)/2(p+4)
B,−2

× n
(p+6)/2(p+4)
0

β
5p/(p+4)
−1

t
2/(p+4)
8

, (A2)

where C′
p = 1.4, 1.0, 0.73 for p = 2.0, 2.5, 3.0, respectively.

The slow-cooling synchrotron spectrum is described as

Fν ≈ Fν,max

⎧⎪⎪⎪⎪⎪⎪⎨

⎪⎪⎪⎪⎪⎪
⎩

(
νssa
νi

)−(p−1)/2 (
ν
νi

)5/2
(νi < ν < νssa)

(
ν
νi

)−(p−1)/2
(νssa < ν < νc)

(
νc
νi

)−(p−1)/2 (
ν
νi

)−p
(νc < ν < νM),

(A3)

for the case of νi < νssa < νc. The SSA peak flux is

Fν,ssa ∼ 0.12 mJy C′−(p−1)/2
p f

5/(p+4)
e ζ

5(p−1)/(p+4)
e

× ε
(2p+3)/2(p+4)
B,−2

$M(2p+13)/2(p+4)
w,−5

v
−(2p+13)/2(p+4)
w,8
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(12p−7)/(p+4)
−1

d−2
27 , (A4)

for wind media and

Fν,ssa ∼ 9.5 µJy C′−(p−1)/2
p f

5/(p+4)
e ζ

5(p−1)/(p+4)
e

× ε
(2p+3)/2(p+4)
B,−2
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(2p+13)/2(p+4)
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(14p+6)/(p+4)
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for uniform-density media.
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to bright radio transients but with a larger kinetic energy
caused by a more massive outflow.

A fraction of the quasi-thermal photons can be inverse-
Compton up-scattered by relativistic electrons at the for-
ward shock. In fact, the IC emission is the dominant cool-
ing process of the electrons at t ! tpeak (Eq. 11). Instead
of Eqs. (27) and (30), the maximum energy Lorentz factor
is given by tacc = tIC = 3mec/(4σTaT4

peak
βγe), which yields

γeM = [9eBβ/(80σTaT4
peak

)]1/2, or

γeM ∼ 6.4 × 105

(
Tpeak

104 K

)−2 (
tpeak

1 day

)−1/2
, (37)

and the cooling Lorentz factor is estimated as γec =

3mec/(4σTaT4
peak
βt), or

γec ∼ 47

(
Tpeak

104 K

)−4 (
tpeak

1 day

)−1

, (38)

which suggests the slow-cooling regime. Assuming the
Thomson regime, for p ∼ 2, the maximum IC luminosity
is roughly estimated to be

Lc
IC ∼

ϵe

2C
$Mw

vw
v

3
out

∼ 6 × 1040 erg s−1 ϵe,−1C−1
1

$Mw,−5v
−1
w,8v

3
out,10, (39)

where C is the bolometric correction factor. In the case of
p = 2, 1/C = ln[γeM/γei]−1. The energy of the IC photons is

εIC ≈ 2kBTpeakγ
2
e ∼ 1.5 keV

( γe
30

)2
(

Tpeak

104 K

)

. (40)

at which the differential luminosity is estimated to be ∼
Lc

IC
(εIC/εcIC)

1/2 for p = 2. The IC emission also fades away
on a timescale of ≈ tpeak ∼ a few days, but can be still de-
tectable by e.g., Swift XRT from ∼ 100 Mpc. Here we assume
a sensitivity of 1× 10−13 erg cm−2 s−1 in 104 seconds for blind
searches. If the UV/optical, X-ray, and radio counterparts
are simultaneously detected, the magnetic field energy frac-
tion at the forward shock (ϵB) can be determined.
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RADIO SYNCHROTRON SPECTRUM

We can analytically calculate the synchrotron spectrum
when the electron spectrum is a single power law. In the
slow-cooling case, the SSA optical depth is analytically ex-
pressed as τssa = ξp[eρr/(mpBγ5

ei)] × (ν/νi)−(p+4)/2, where
ξp is the numerical coefficient depending on the index p

(e.g., Murase et al. 2014), and then the SSA frequency is

estimated from τssa(νssa) ≈ 1. In the case of wind medium
(r < rw), we have

νssa ∼ 13 GHz Cp f
2/(p+4)
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where Cp is a numerical factor depending on p, e.g., Cp ≈
1.5, 1.0, 0.70 for p = 2.0, 2.5, 3.0, respectively. On the other
hand, in the case of uniform-density medium (r > rw),

νssa ∼ 0.042 GHz C′
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where C′
p = 1.4, 1.0, 0.73 for p = 2.0, 2.5, 3.0, respectively.

The slow-cooling synchrotron spectrum is described as

Fν ≈ Fν,max
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for the case of νi < νssa < νc. The SSA peak flux is

Fν,ssa ∼ 0.12 mJy C′−(p−1)/2
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for wind media and

Fν,ssa ∼ 9.5 µJy C′−(p−1)/2
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for uniform-density media.
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Figure 3. Radio transients from a massive black hole formation
with a mini-disk. The model parameters are set as in Table 1.
The black lines show the light curves of different bands and the
red line indicates a flux level corresponding to an observed flux
of 0.1 mJy from a source at 200 Mpc.
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Figure 4. 1 and 10 GHz light curves of massive black hole for-
mation with a mini-disk. The model parameters are the same as
Fig. 3 except for the velocity of disk outflow.

We strongly encourage radio follow-up observations ∼ 10 to
100 days after the optical detection.

Note that a bright radio transient with Lν ∼ 1027 −
1029 erg s−1 Hz−1 has been predicted for Type IIn SNe (see
Eqs. 56 and 58 in Murase et al. 2014). While the radio emis-
sion will be strongly suppressed just after the photon break-
out, is is detectable at late times, which is consistent with the
observations of some luminous Type IIn SNe (Chandra et al.
2015). However, the model predicts the association with
long-lasting optical transients, unlike fast UV/optical tran-
sients. Also, their contribution from secondary emission can
be used for discriminating the predicted signals.

In general, there should be a diversity in the parameters
of the outflow from newborn BHs depending on the progeni-
tor structure. Fig. 4 shows the dependence of the radio emis-
sion on the outflow velocity. We fix the other parameters as
in Fig. 3. A faster outflow, which can be launched from an
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Figure 5. 1 and 10 GHz light curve of a massive black hole
formation with a mini-disk. The model parameters are the same
as Fig. 3 except for the total mass of disk outflow.
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Figure 6. 1 and 10 GHz light curve of a massive black hole
formation with a mini-disk. The model parameters are the same
as Fig. 3 except for the magnetic field energy fraction at the
forward shock.

inner radius of the disk, can give a significantly larger peak
flux. This is simply because that a faster outflow results in
a larger energy dissipation rate at the shock. On the other
hand, the peak time does not change much depending on
vout, which is mainly due to that the SSA frequency is rel-
atively insensitive to vout. Fig. 5 shows the dependence of
the radio emission on the outflow mass. Again we fix other
parameters as in Fig. 3. A larger outflow mass corresponds
to a larger disk mass. For a sufficiently large outflow mass,
the peak time and flux are determined by SSA as in Fig. 3.
On the other hand, for a smaller outflow mass, the decel-
eration of the ejecta sets in before the SSA peak especially
for the lower frequency bands. In this case, the peak of the
light curve comes earlier and the peak flux becomes smaller.
By detecting such features, one can constrain the outflow
mass from newborn BHs. To this end, a multi-band radio
observation is crucial.

Next we discuss the dependence of the radio emission
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The Inner core is directly 
swallowed by the black hole.  

Disk Outflow

Fast Blue Transient

The outermost layers have 
sufficient angular momentum 
to form a mini disk.

Decelerating Shock

Radio Afterglow

Circumstellar Medium

& Inverse Compton X rays

Figure 1. Schematic picture of black hole formation that is accompanied by a super-Eddington accretion disk and its electromagnetic
transients.

sients (Kashiyama & Quataert 2015), which might have al-
ready been detected (e.g., Drout et al. 2014; Tanaka et al.
2016). Related UV/optical transients with more kinetic en-
ergy have been expected at the birth of double BH bina-
ries, which may lead to GW 150914-like merger events in
∼ 1 − 10 Gyr (Kimura et al. 2017). In general, UV/optical
transients with a duration of a few days or shorter will
be explored more efficiently in the coming years. Multi-
wavelength observations will be crucial to distinguish the
newborn BH scenario from alternative models.

In this paper, we study the afterglow emission of ul-
trafast disk-driven outflows from newborn BHs. At a strong
collisionless shock formed at the interface of the outflow and
circumstellar medium, magnetic-field amplification and par-
ticle acceleration will occur, leading to synchrotron radiation
from accelerated electrons. The radio signal may be the most
promising and might have been already detected as a possi-
ble new class of radio transients, e.g., Cyg A-2 (Perley et al.
2017). Our scenario also predicts inverse-Compton (IC) X-
ray emission in the same time window as the fast blue tran-
sient. By combining the UV/optical and X-ray signals, the
radio afterglow can be used for identifying and probing this
type of BH formation.

This paper is organized as follows. In Sec. 2, we show the
setup and model for calculating the afterglow emission. The
results are shown in Sec. 3 and its implications are discussed
in Sec. 4. We use the notation Q = 10xQx in CGS units,
unless otherwise noted.

2 SETUP AND MODEL

In this section, we first describe progenitor stars assumed in
our scenario, with reviewing the diversity of BH formation
(Sec. 2.1). Then, we show properties of accretion-disk out-
flows (Sec. 2.2) and the surrounding circumstellar medium
(Sec. 2.3). The dynamics and microphysics of shocks be-
tween the outflow and circumstellar medium are modeled
in Sec. 2.4 and Sec. 2.5. Basic properties of the associated
synchrotron emission are described in Sec. 2.6. A schematic
picture of our scenario is shown in Fig. 1.

2.1 Progenitor stars

We consider collapsing massive stars which result in failed
SNe and forming BHs. The detailed conditions for SN ex-
plosions are still under debate. In general, stars with a
more compact inner core more likely results in a failed
explosion. The threshold of the compactness, which is
customary defined by the enclosed mass at 1,000 km
divided by 2.5 M⊙ , has been claimed to be ξ2.5 >

0.2 − 0.4 based on numerical simulations of SN explosion
(O’Connor & Ott 2011; Ugliano et al. 2012; Horiuchi et al.
2014; Pejcha & Thompson 2015, see also Sukhbold et al.
2017). Once the SN shock is stalled, the shocked matter
falls back onto the proto-neutron star, which finally collapses
into a BH. Then, a rarefaction wave propagates outward and
outer layers will accrete onto the BH successively.

A disk or torus is formed around the BH if the accret-
ing material has an angular momentum sufficiently larger
than a threshold value at the inner-most-stable orbit. If
the star rotates slow enough, the entire star is just swal-
lowed by the BH. Such cases can be observed as vanish-
ing massive stars or very weak SNe (e.g., Kochanek et al.
2008), and are probably the dominant path to forming mas-
sive BHs. The event rate would be slightly smaller than
the core-collapse SN rate, say ! 30 % (Gerke et al. 2015;
Adams et al. 2016). On the other hand, if the progeni-
tor rotates so fast that even its inner core has a suffi-
ciently large angular momentum, a massive accretion disk
is formed just after the BH formation. The BH-disk sys-
tem may launch a relativistic jet, which propagates though
and finally punches out the progenitor star. Such cases
have been considered as the central engine of GRBs (e.g.,
MacFadyen & Woosley 1999) and probably rare; the true
occurrence rate of GRBs is ∼ 0.1 % of the core-collapse SN
rate (e.g., Guetta & Della Valle 2007; Wanderman & Piran
2010), although the rate of low-luminosity GRBs may be
higher (Liang et al. 2007; Sun et al. 2015).

In this paper, we consider an intermediate be-
tween the above two extremes (or type III collapsars in
Woosley & Heger 2012). Angular momentum density of a
star basically increases with radius, and thus outer lay-
ers are more likely to form a disk when it collapses. The
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Figure 3. Radio transients from a massive black hole formation
with a mini-disk. The model parameters are set as in Table 1.
The black lines show the light curves of different bands and the
red line indicates a flux level corresponding to an observed flux
of 0.1 mJy from a source at 200 Mpc.
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Figure 4. 1 and 10 GHz light curves of massive black hole for-
mation with a mini-disk. The model parameters are the same as
Fig. 3 except for the velocity of disk outflow.

We strongly encourage radio follow-up observations ∼ 10 to
100 days after the optical detection.

Note that a bright radio transient with Lν ∼ 1027 −
1029 erg s−1 Hz−1 has been predicted for Type IIn SNe (see
Eqs. 56 and 58 in Murase et al. 2014). While the radio emis-
sion will be strongly suppressed just after the photon break-
out, is is detectable at late times, which is consistent with the
observations of some luminous Type IIn SNe (Chandra et al.
2015). However, the model predicts the association with
long-lasting optical transients, unlike fast UV/optical tran-
sients. Also, their contribution from secondary emission can
be used for discriminating the predicted signals.

In general, there should be a diversity in the parameters
of the outflow from newborn BHs depending on the progeni-
tor structure. Fig. 4 shows the dependence of the radio emis-
sion on the outflow velocity. We fix the other parameters as
in Fig. 3. A faster outflow, which can be launched from an
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inner radius of the disk, can give a significantly larger peak
flux. This is simply because that a faster outflow results in
a larger energy dissipation rate at the shock. On the other
hand, the peak time does not change much depending on
vout, which is mainly due to that the SSA frequency is rel-
atively insensitive to vout. Fig. 5 shows the dependence of
the radio emission on the outflow mass. Again we fix other
parameters as in Fig. 3. A larger outflow mass corresponds
to a larger disk mass. For a sufficiently large outflow mass,
the peak time and flux are determined by SSA as in Fig. 3.
On the other hand, for a smaller outflow mass, the decel-
eration of the ejecta sets in before the SSA peak especially
for the lower frequency bands. In this case, the peak of the
light curve comes earlier and the peak flux becomes smaller.
By detecting such features, one can constrain the outflow
mass from newborn BHs. To this end, a multi-band radio
observation is crucial.

Next we discuss the dependence of the radio emission
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Figure 3. Radio transients from a massive black hole formation
with a mini-disk. The model parameters are set as in Table 1.
The black lines show the light curves of different bands and the
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of 0.1 mJy from a source at 200 Mpc.
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Fig. 3 except for the velocity of disk outflow.

We strongly encourage radio follow-up observations ∼ 10 to
100 days after the optical detection.

Note that a bright radio transient with Lν ∼ 1027 −
1029 erg s−1 Hz−1 has been predicted for Type IIn SNe (see
Eqs. 56 and 58 in Murase et al. 2014). While the radio emis-
sion will be strongly suppressed just after the photon break-
out, is is detectable at late times, which is consistent with the
observations of some luminous Type IIn SNe (Chandra et al.
2015). However, the model predicts the association with
long-lasting optical transients, unlike fast UV/optical tran-
sients. Also, their contribution from secondary emission can
be used for discriminating the predicted signals.

In general, there should be a diversity in the parameters
of the outflow from newborn BHs depending on the progeni-
tor structure. Fig. 4 shows the dependence of the radio emis-
sion on the outflow velocity. We fix the other parameters as
in Fig. 3. A faster outflow, which can be launched from an
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inner radius of the disk, can give a significantly larger peak
flux. This is simply because that a faster outflow results in
a larger energy dissipation rate at the shock. On the other
hand, the peak time does not change much depending on
vout, which is mainly due to that the SSA frequency is rel-
atively insensitive to vout. Fig. 5 shows the dependence of
the radio emission on the outflow mass. Again we fix other
parameters as in Fig. 3. A larger outflow mass corresponds
to a larger disk mass. For a sufficiently large outflow mass,
the peak time and flux are determined by SSA as in Fig. 3.
On the other hand, for a smaller outflow mass, the decel-
eration of the ejecta sets in before the SSA peak especially
for the lower frequency bands. In this case, the peak of the
light curve comes earlier and the peak flux becomes smaller.
By detecting such features, one can constrain the outflow
mass from newborn BHs. To this end, a multi-band radio
observation is crucial.

Next we discuss the dependence of the radio emission
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Figure 3. Radio transients from a massive black hole formation
with a mini-disk. The model parameters are set as in Table 1.
The black lines show the light curves of different bands and the
red line indicates a flux level corresponding to an observed flux
of 0.1 mJy from a source at 200 Mpc.
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We strongly encourage radio follow-up observations ∼ 10 to
100 days after the optical detection.

Note that a bright radio transient with Lν ∼ 1027 −
1029 erg s−1 Hz−1 has been predicted for Type IIn SNe (see
Eqs. 56 and 58 in Murase et al. 2014). While the radio emis-
sion will be strongly suppressed just after the photon break-
out, is is detectable at late times, which is consistent with the
observations of some luminous Type IIn SNe (Chandra et al.
2015). However, the model predicts the association with
long-lasting optical transients, unlike fast UV/optical tran-
sients. Also, their contribution from secondary emission can
be used for discriminating the predicted signals.

In general, there should be a diversity in the parameters
of the outflow from newborn BHs depending on the progeni-
tor structure. Fig. 4 shows the dependence of the radio emis-
sion on the outflow velocity. We fix the other parameters as
in Fig. 3. A faster outflow, which can be launched from an
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inner radius of the disk, can give a significantly larger peak
flux. This is simply because that a faster outflow results in
a larger energy dissipation rate at the shock. On the other
hand, the peak time does not change much depending on
vout, which is mainly due to that the SSA frequency is rel-
atively insensitive to vout. Fig. 5 shows the dependence of
the radio emission on the outflow mass. Again we fix other
parameters as in Fig. 3. A larger outflow mass corresponds
to a larger disk mass. For a sufficiently large outflow mass,
the peak time and flux are determined by SSA as in Fig. 3.
On the other hand, for a smaller outflow mass, the decel-
eration of the ejecta sets in before the SSA peak especially
for the lower frequency bands. In this case, the peak of the
light curve comes earlier and the peak flux becomes smaller.
By detecting such features, one can constrain the outflow
mass from newborn BHs. To this end, a multi-band radio
observation is crucial.

Next we discuss the dependence of the radio emission
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Figure 7. 1 GHz light curve of a massive black hole formation
with a mini-disk. The model parameters are the same as Fig. 3
except for the injection spectrum of electron at the forward shock.

on the phenomenological parameters of shock acceleration.
In Fig.6, we show radio light curves with different magnetic-
field amplification efficiencies. With a larger εB, the syn-
chrotron emissivity becomes larger and the peak flux be-
comes larger. A larger synchrotron emissivity at the same
time leads to a larger SSA opacity, thus the peak times are
delayed. In Fig.7, we compare 1 GHz light curves with differ-
ent injection electron spectra. The black solid lines show the
cases with thermal + power-law injection; a larger number
fraction of electrons are accelerated in the thicker line, and
dotted dash lines show the cases with pure power-law injec-
tion; a thicker line has a harder spectrum. The peak time
and flux so as the detectability of the radio transients are
relatively insensitive to the injection spectrum. This is be-
cause that the SSA peak is predominantly determined by the
typical electron Lorentz factor, which is ∼ γeT for fe ≪ 1 and
∼ γei for fe ∼ 1. The detailed shape of the light curve depends
on the injection spectrum; the rising part is proportional to
∝ t2 or ∝ t5/2 for a thermal or power-law dominated spec-
trum, respectively, while the decaying part is more shallower
for a harder spectrum. In principle, it is possible to probe
physics of trans-relativistic collisionless shock acceleration
by identifying these features although challenging given the
anticipated signal-to-noise ratio and other uncertainties of
radio observations.

The radio transients from the disk outflows are also sen-
sitive to the ambient density structure. Fig. 8 shows 1 and 10
GHz radio light curves with different wind mass loss rates.
A larger mass loss rate results in a denser wind medium.
Then, a larger energy is dissipated at a fixed radius and the
peak luminosity also becomes larger. On the other hand,
the SSA optical depth becomes large, thus the peak of the
light curve at a given frequency is delayed. We note that the
mass loss rate of massive stars is still uncertain especially in
the pre-collapse phase and of great interest in the context of
massive stellar evolution. In general, followup observations
for a decade can probe the ambient density structure of the
BH progenitor up to ∼ pc. Fig. 9 shows a longer time evo-
lution of a case with a relatively low wind mass loss rate.
In such cases, the outflow is injected into the surrounding
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Figure 8. 1 and 10 GHz light curve of a massive black hole
formation with a mini-disk. The model parameters are the same
as Fig. 3 except for the wind mass loss rate of progenitor star.
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Figure 9. Same as Fig. 3 but with n = 10 cm−3 and a longer
time evolution. A radio re-brightening can occur when the outflow
reaches the outer edge of the wind bubble.

interstellar medium without significant deceleration, where
the energy dissipation rate by the shock jumps up, resulting
in forming the second peak in the radio light curves. These
second peaks can be also detectable for events occurring at
cosmological distances.

Fig. 10 shows the result of another long-term calcula-
tion. Here we choose the model parameters to explain the
radio flux of Cygnus A-2 (Perley et al. 2017). Cygnus A-2,
which was recently identified as a radio source at a pro-
jected offset of 460 pc from Cygnus A, has a peak flux of
∼ (3 − 4) × 1029 erg s−1 Hz−1 at ∼ 10 GHz and its variabil-
ity timescale is ∼ 1 − 10 yr. These observed properties are
broadly consistent with our model with a relatively high cir-
cumstellar density and electron acceleration efficiency. The
high denisty is feasible given that in Cygnus A-2 is likely in a
highly star-forming near-nucleus region (e.g., Canalizo et al.
2003; Privon et al. 2012). Our model predicts that the flux
at ! 10 GHz starts to decrease while the flux at " a few GHz
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on the phenomenological parameters of shock acceleration.
In Fig.6, we show radio light curves with different magnetic-
field amplification efficiencies. With a larger εB, the syn-
chrotron emissivity becomes larger and the peak flux be-
comes larger. A larger synchrotron emissivity at the same
time leads to a larger SSA opacity, thus the peak times are
delayed. In Fig.7, we compare 1 GHz light curves with differ-
ent injection electron spectra. The black solid lines show the
cases with thermal + power-law injection; a larger number
fraction of electrons are accelerated in the thicker line, and
dotted dash lines show the cases with pure power-law injec-
tion; a thicker line has a harder spectrum. The peak time
and flux so as the detectability of the radio transients are
relatively insensitive to the injection spectrum. This is be-
cause that the SSA peak is predominantly determined by the
typical electron Lorentz factor, which is ∼ γeT for fe ≪ 1 and
∼ γei for fe ∼ 1. The detailed shape of the light curve depends
on the injection spectrum; the rising part is proportional to
∝ t2 or ∝ t5/2 for a thermal or power-law dominated spec-
trum, respectively, while the decaying part is more shallower
for a harder spectrum. In principle, it is possible to probe
physics of trans-relativistic collisionless shock acceleration
by identifying these features although challenging given the
anticipated signal-to-noise ratio and other uncertainties of
radio observations.

The radio transients from the disk outflows are also sen-
sitive to the ambient density structure. Fig. 8 shows 1 and 10
GHz radio light curves with different wind mass loss rates.
A larger mass loss rate results in a denser wind medium.
Then, a larger energy is dissipated at a fixed radius and the
peak luminosity also becomes larger. On the other hand,
the SSA optical depth becomes large, thus the peak of the
light curve at a given frequency is delayed. We note that the
mass loss rate of massive stars is still uncertain especially in
the pre-collapse phase and of great interest in the context of
massive stellar evolution. In general, followup observations
for a decade can probe the ambient density structure of the
BH progenitor up to ∼ pc. Fig. 9 shows a longer time evo-
lution of a case with a relatively low wind mass loss rate.
In such cases, the outflow is injected into the surrounding
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time evolution. A radio re-brightening can occur when the outflow
reaches the outer edge of the wind bubble.

interstellar medium without significant deceleration, where
the energy dissipation rate by the shock jumps up, resulting
in forming the second peak in the radio light curves. These
second peaks can be also detectable for events occurring at
cosmological distances.

Fig. 10 shows the result of another long-term calcula-
tion. Here we choose the model parameters to explain the
radio flux of Cygnus A-2 (Perley et al. 2017). Cygnus A-2,
which was recently identified as a radio source at a pro-
jected offset of 460 pc from Cygnus A, has a peak flux of
∼ (3 − 4) × 1029 erg s−1 Hz−1 at ∼ 10 GHz and its variabil-
ity timescale is ∼ 1 − 10 yr. These observed properties are
broadly consistent with our model with a relatively high cir-
cumstellar density and electron acceleration efficiency. The
high denisty is feasible given that in Cygnus A-2 is likely in a
highly star-forming near-nucleus region (e.g., Canalizo et al.
2003; Privon et al. 2012). Our model predicts that the flux
at ! 10 GHz starts to decrease while the flux at " a few GHz
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on the phenomenological parameters of shock acceleration.
In Fig.6, we show radio light curves with different magnetic-
field amplification efficiencies. With a larger εB, the syn-
chrotron emissivity becomes larger and the peak flux be-
comes larger. A larger synchrotron emissivity at the same
time leads to a larger SSA opacity, thus the peak times are
delayed. In Fig.7, we compare 1 GHz light curves with differ-
ent injection electron spectra. The black solid lines show the
cases with thermal + power-law injection; a larger number
fraction of electrons are accelerated in the thicker line, and
dotted dash lines show the cases with pure power-law injec-
tion; a thicker line has a harder spectrum. The peak time
and flux so as the detectability of the radio transients are
relatively insensitive to the injection spectrum. This is be-
cause that the SSA peak is predominantly determined by the
typical electron Lorentz factor, which is ∼ γeT for fe ≪ 1 and
∼ γei for fe ∼ 1. The detailed shape of the light curve depends
on the injection spectrum; the rising part is proportional to
∝ t2 or ∝ t5/2 for a thermal or power-law dominated spec-
trum, respectively, while the decaying part is more shallower
for a harder spectrum. In principle, it is possible to probe
physics of trans-relativistic collisionless shock acceleration
by identifying these features although challenging given the
anticipated signal-to-noise ratio and other uncertainties of
radio observations.

The radio transients from the disk outflows are also sen-
sitive to the ambient density structure. Fig. 8 shows 1 and 10
GHz radio light curves with different wind mass loss rates.
A larger mass loss rate results in a denser wind medium.
Then, a larger energy is dissipated at a fixed radius and the
peak luminosity also becomes larger. On the other hand,
the SSA optical depth becomes large, thus the peak of the
light curve at a given frequency is delayed. We note that the
mass loss rate of massive stars is still uncertain especially in
the pre-collapse phase and of great interest in the context of
massive stellar evolution. In general, followup observations
for a decade can probe the ambient density structure of the
BH progenitor up to ∼ pc. Fig. 9 shows a longer time evo-
lution of a case with a relatively low wind mass loss rate.
In such cases, the outflow is injected into the surrounding
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Figure 9. Same as Fig. 3 but with n = 10 cm−3 and a longer
time evolution. A radio re-brightening can occur when the outflow
reaches the outer edge of the wind bubble.

interstellar medium without significant deceleration, where
the energy dissipation rate by the shock jumps up, resulting
in forming the second peak in the radio light curves. These
second peaks can be also detectable for events occurring at
cosmological distances.

Fig. 10 shows the result of another long-term calcula-
tion. Here we choose the model parameters to explain the
radio flux of Cygnus A-2 (Perley et al. 2017). Cygnus A-2,
which was recently identified as a radio source at a pro-
jected offset of 460 pc from Cygnus A, has a peak flux of
∼ (3 − 4) × 1029 erg s−1 Hz−1 at ∼ 10 GHz and its variabil-
ity timescale is ∼ 1 − 10 yr. These observed properties are
broadly consistent with our model with a relatively high cir-
cumstellar density and electron acceleration efficiency. The
high denisty is feasible given that in Cygnus A-2 is likely in a
highly star-forming near-nucleus region (e.g., Canalizo et al.
2003; Privon et al. 2012). Our model predicts that the flux
at ! 10 GHz starts to decrease while the flux at " a few GHz
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Figure 10. Same as Fig. 9 but with a slower ejecta velocity
(v = 0.15 c), a denser cricumstellar medium (n = 100 cm−3, c̄s =

3 × 107 cm s−1) and an electron acceleration efficiency (εB = 0.33,
fe = 0.1). The observed flux from Cygnus A-2 at 10 GHz is also
indicated.

increases in a few years, which can be tested by followup
observations.

4 DISCUSSION

We have studied black hole formation in collapsing mas-
sive stars, which is accompanied by a mini-disk with a mass
of ! M⊙ . Based on 1D stellar evolution calculations and
some analytical estimates, we show that such a situation
can occur in metal-poor massive stars and/or massive stars
in close binaries. The accretion rate of the mini-disk is typ-
ically super-Eddington and an ultrafast outflow with a ve-
locity of " 0.1 c will be launched from the disk. Without
significant quasi-spherical explosion in advance, the outflow
is almost directly injected into the circumstellar medium.We
have calculated synchrotron emission from relativistic elec-
trons accelerated at the shock occurring between the outflow
and circumstellar medium, and found that radio transients
with a flux of ∼ 1026−30 erg s−1 Hz−1 days to decades af-
ter the BH formation can be produced. The details of the
light curve depends on the model parameters; the outflow
velocity and mass, the electron acceleration efficiencies, and
the circumstellar density profile, which can be probed by
radio observations in principle. Although the uncertainties
are large, the occurrence rate of the BH formation with a
mini-disk may range from ∼ 0.1 % to ∼ 10 % of core-collapse
SNe; the lower bound corresponds to the observed GRB and
binary BH merger rates while the upper bound to the rate
of failed SNe.

Extragalactic radio transients with the above dura-
tion, flux, and event rate have been searched for. So far,
the tightest constraints on the ∼ 1 − 10 GHz radio tran-
sient rate have been obtained by the pilot observation for
the Caltech-NRAO Stripe 82 Survey on timescales of a
week to yrs (Mooley et al. 2016), the FIRST Survey on
timescales of minutes to a yr (Thyagarajan et al. 2011),
the FIRST and NVSS surveys targeting orphan GRB af-
terglows (Levinson et al. 2002), and a 22-yr survey with the

Molonglo Observatory Synthesis Telescope (Bannister et al.
2011). Roughly, these surveys put constraints on the
areal number density of radio transients as N(> S) !
0.1 deg2 (S/0.1 mJy)−3/2 (see Fig. 22 of Mooley et al. 2016).
Equivalently, the event rate of radio transients is inferred
to be R(> S) ! 0.1 deg2 yr−1 (S/0.1 mJy)−3/2(δt/1 yr)−1,
where δt is the evolution timescale of the tran-
sients. In terms of the intrinsic luminosity per fre-
quency, Lν, this can be rewritten as R(> Lν) !
10−4 Mpc−3 yr−1 (Lν/1028 erg s−1 Hz−1)−3/2(δt/1 yr)−1. Note
that this value is comparable to the local core-collapse SN
rate of ∼ 10−4 Mpc−3 yr−1 (see a review Madau & Dickinson
2014, and references therein). In the coming years, sur-
veys with e.g., the Jansky VLA (Perley et al. 2011),
ASKAP (Johnston et al. 2008), MeerKAT (Booth & Jonas
2012), and Apertif/WSRT (Oosterloo et al. 2010) will pro-
vide a tighter constraint on the radio transient rate for a
broader frequency range by orders-of-magnitude.

As shown in Fig. 10, interesting, a proposed radio tran-
sient from newborn BHs with a mini-disk might already have
been observed. Cygnus A-2 resides in a highly star-forming
region; the star formation rate of Cygnus A is as high as
! 100 M⊙ yr−1 (Privon et al. 2012) and the associated core-
collapse SN rate can be ! 1 yr−1. Cygnus A-2 has been
observed with VLA and VLBA for ∼ 30 yrs, thus a lower
limit on the event rate of Cygnus A-2 like transients can be
a few % of core-collapse SNe, which is consistent with our
scenario.

However, it may be difficult to distinguish the progen-
itors of radio transients only through radio observations.
There are known extragalactic transient sources such as
active galactic nuclei (AGNs), type I and II SNe, GRBs,
tidal disruption events (see e.g., Mooley et al. 2016, and
references therein), interaction-powered SNe (Murase et al.
2014), and binary neutron star mergers (e.g., Nakar & Piran
2011; Hotokezaka et al. 2016; Hallinan et al. 2017). There
are also theoretically proposed sources such as the accretion-
induced collapse of white dwarfs (e.g., Piro & Kulkarni 2013;
Moriya 2016), and binary BH mergers (e.g., Murase et al.
2016; Yamazaki et al. 2016). In particular, AGN and a
brighter population of core-collapse SNe have a compara-
ble flux and variability timescale but higher event rates
compared with our scenario. Furthermore, even in a sin-
gle source population, the emission model has a number of
parameters; see Figs. 8 and 6 for a parameter degeneracy
between %Mw and εB . Multi-wavelength observations, includ-
ing UV/optical measurements, are crucial to discriminate
among the radio transients.

In the case of BH formation with a mini-disk, a
promising electromagnetic signal is the cooling emission
from the outflow, which is observable as a luminous fast
blue transient (see Eqs. 11-13 and Kashiyama & Quataert
2015). UV/optical transients with a duration of a few
days is now being explored by e.g., PTF (Law et al.
2009), PanSTARRS (Hodapp et al. 2004), and Subaru
HSC (Miyazaki et al. 2012). Coordinated UV/optical and
radio observations like the VLA all sky survey will be very
much suitable for identifying newborn BHs with a mini-disk.

It is worthwhile noting that similar UV/optical tran-
sients have been expected at the birth of massive BH bina-
ries (Kimura et al. 2017), which was also discussed in this
paper. Close binaries involving a WR star may also lead
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noticed a new feature that was not evident in any previously
published imaging of the system: a strong point source (4 mJy
at 8 GHz) at an offset of 0 42 west–southwest of the nucleus
(Figure 1). This is not along the jet axis, but is embedded in the
complex and gas-rich inner region of the host galaxy seen in
prior optical imaging (e.g., van den Bergh 1976). The source is
visible at the same location at multiple frequencies and the
detection is highly secure (>12σ detection at all frequencies),
leaving no doubt that it is a real object. We designate this
source Cygnus A-2 (or A-2 for short).

2.2. VLA Observations

To confirm that A-2 represents a new source (rather than a
non-variable object that was below the detection limit of the
earlier, less-sensitive observations), we searched the NRAO
archives for observations taken in configurations and frequen-
cies suitable in principle to resolve and detect a source at this
location. We found two suitable sets of archival observations.
A low-frequency observation of the nucleus was taken on 1989
January 06 in X-band (program ID AC244), using four spectral
windows (centered at 7815, 8165, 8515, 8885MHz) with
6.25MHz of bandwidth each (the narrow bandwidth was
necessary to reduce chromatic aberration at the 1 arcmin offset
of the source’s two hotspots). In addition, high-frequency
observations were obtained on 1996 November 11–12 (in
Q-band) and 1997 March 29 (in K-band and Q-band), both part
of program ID AP334. These observations were both taken
with a subarray using 13 antennas, and with 50MHz of
bandwidth centered at 22.46 GHz (K-band) and 43.34 GHz
(Q-band).

We also applied for and received additional VLA observations
under director’s discretionary time (program IDs 16B-381 and
16B-396) in order to determine if A-2 was still present one year
after the discovery observation and, if so, to better constrain its

spectrum and rate of evolution. All frequency bands capable of
separately resolving the target from the Cygnus A nucleus in the
available configuration were used in these programs: K through
Q bands (18–50 GHz) on 2016 August 14 in B-configuration,
and X through Q bands (8–50 GHz) on 2016 October 21 in
A-configuration. All observations, as well as the 2015 discovery
observations, were taken using the WIDAR correlator in
continuum mode, using 3-bit sampling and the maximum
bandwidth available for each receiver.
All data were calibrated in AIPS using well-established

techniques. The flux scale was set by observations of
J1331+3030 (3C286), using the flux density scale of Perley
& Butler (2013). Referenced pointing, utilizing observations
of the nearby unresolved source J2007+4029, was used to
stabilize the antenna pointing on Cygnus A. We used the
Cygnus A nucleus, rather than J2007+4029, to establish the
phase calibration: standard phase calibration using this
source does not fully remove the differential atmospheric
phases present between that source and Cygnus A. The
nucleus can be treated as point-like at VLA resolutions, as the
jet and lobe structures and the hotspots are largely resolved
out at spacings beyond 0.5 Mλ. We employ only these long
spacings to establish the phase calibration where possible.
For the high-frequency A-configuration data, the hotspots are
completely resolved out (and furthermore lie near the first
null of the antenna pattern), so all interferometer spacings
were employed. For the B-configuration data, and for the
A-configuration data at the longest wavelengths (C, X, and
Ku bands), residual emission from the hotspots was managed
using flanking fields in the imaging/deconvolution process.
Following this self-calibration step, the data were decimated
into 1 GHz wide (for C and X bands) and 2 GHz wide (for the
other bands) continuum blocks for the imaging stage.
Spectral fluxes for both the nucleus and A-2 were

determined using the AIPS task JMFIT. The individual
spectral windows were averaged together into 1 GHz or
2 GHz wide bins; these values are specified in Table 1. All
measurements were consistent with a point source, with no
indication of spatial extension at the VLA’s resolution
(∼40 mas for the longest spacings at the high frequencies).
Note that the values in Table 1 do not include systematic errors
associated with uncertainty in the flux density scale, which are
estimated to be a few percent at each frequency (Perley &
Butler 2013). A-2 is not well-resolved from the nucleus in the
lowest-frequency 2016 B-configuration spectral window or in
any of the 2015 A-configuration observations below 7 GHz, so
we do not quote fluxes at these frequencies.
The archival observations in 1989 and 1996–1997 unam-

biguously show that A-2 was not present then to limits
substantially below its discovery value. Using the rms of the
synthesized map at locations close to the position of A-2, we
place a limiting flux of <0.69 mJy at 8.34 GHz (1989),
<1.32 mJy at 22 GHz (1996), and <0.78 mJy at 45 GHz
(1997). This indicates that the flux rose by at least a factor of
six between 1989 and 2015 (and at least four between 1997
and 2015).
No obvious variability is seen during the past year.

Comparing repeat measurements at the same frequency (i.e.,
comparing our 2016 October observations to the low-frequency
points from 2015 and high-frequency points from 2016
August), no measurement changes by more than 5% and only
one measurement changes by greater than 3σ. (However, the

Figure 1. Discovery images of the off-nuclear radio transient Cygnus A-2.
Both images show VLA observations at 8.5 GHz, using spacings of >150 kλ
only. The scale and contours are the same for both panels (the first five
contours are 0.5, 0.85, 1.2, 2, and 4 mJy/beam). A point source is detected
approximately 0 42 west–southwest of the nucleus in the new observations
(location designated by the green crosshairs). No source at this location was
present in 1989.
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noise structure close to the nucleus is complex, and a 3σ
change of this individual point does not securely indicate real
variability). There is some indication that the flux may be
dropping slightly (at least at the lower frequencies where a
longer time baseline is available), but any such behavior is
marginally significant at best and at the level of no more than a
few percent per year. A longer temporal baseline will be
required to determine more clearly if the object is indeed
changing with time.

A spectral energy distribution (SED) formed by our
measurements is presented in Figure 2. The nature of the
multiwavelength SED is most unambiguously constrained by
our A-configuration observation from 2016 October in which
all frequencies are available simultaneously: this shows a
largely flat (in Fν) overall spectral shape, with some curvature
at the low-frequency end. The high-frequency data points
(>20 GHz) are well-fit by a power-law with a spectral index of
αhi=−0.6±0.1 (using the convention Fν∝να). Below
15 GHz the SED flattens, and probably drops at the lowest
frequencies. The low-energy spectral index is poorly con-
strained and depends largely on what is assumed about the
softness of the spectral turnover. The best fits are obtained with
a sharp turnover and a rather flat low-frequency index
(αlo≈+0.4) but steep low-frequency indices (including the
self-absorbed value of α=+2.5; see discussion in Section 3.4)
are permitted if the turnover is soft.

2.3. VLBA Observations

We also acquired director’s discretionary observations with
the VLBA (program ID BP213). Observations were taken in
the S- and X-bands simultaneously in dual polarization, dual
band with dichroic, a 2 Gbps total recorded bitrate, using the

DDC (digital down-converter) signal processing mode. The
recording was split equally between S-band (using 2×64MHz
of bandwitdth centered at 2230 and 2345MHz) and X-band
(using 2×64MHz of bandwidth centered at 8350 and
8420MHz). We used filler time at low priority, with 9 or 10

Table 1
Jansky VLA Fluxes of the Cygnus A Nucleus and Off-nuclear Transient A-2

2015-07 2016-08 2016-10
νa Fν,nuc

b Fν,off
c σd Fν,nuc

b Fν,off
c σd Fν,nuc

b Fν,off
c σd

(GHz) (mJy) (mJy) (mJy) (mJy) (mJy) (mJy) (mJy) (mJy) (mJy)

7.1 1393 4.0 0.50 K K K K K K
8.5 1368 4.15 0.35 K K K 1253 3.74 0.34
9.5 1416 4.20 0.35 K K K 1283 3.95 0.26
10.5 1483 4.40 0.35 K K K 1399 3.82 0.25
11.5 1507 4.32 0.35 K K K 1423 4.43 0.23
13.0 1440 4.86 0.17 K K K 1414 4.49 0.07
15.0 1435 4.80 0.13 K K K 1428 4.26 0.06
17.0 1427 4.61 0.11 K K K 1450 4.30 0.07
19.2 K K K K K K 1498 4.39 0.06
21.2 K K K 1527 4.37 0.26 1498 4.28 0.11
23.2 K K K 1505 4.13 0.16 1475 4.14 0.10
25.2 K K K 1438 4.02 0.09 1473 4.11 0.14
31.5 K K K 1320 3.56 0.09 1317 3.42 0.09
33.5 K K K 1280 3.45 0.08 1276 3.39 0.05
35.5 K K K 1220 3.26 0.07 1248 3.33 0.04
37.5 K K K 1199 3.24 0.07 1201 3.22 0.05
41.0 K K K 1198 3.17 0.06 1203 2.98 0.05
43.0 K K K 1176 3.08 0.06 1156 2.86 0.06
45.0 K K K 1158 2.88 0.06 1133 2.83 0.05
47.0 K K K 1141 3.00 0.08 1114 2.91 0.07

Notes.
a Central frequency of the observation.
b Flux density of the Cygnus A primary nucleus.
c Flux density of A-2, the variable off-nuclear point source.
d Uncertainty of the flux density of A-2, excluding calibration uncertainties.

Figure 2. Spectral energy distribution of the off-nuclear transient (A-2) as
measured from three recent VLA epochs (colored circles) and one VLBA
epoch (open square). Upper limits from archival observations using the VLA
(red circles) and using high-frequency VLBI (red squares; from T. Krichbaum
et al. 2017, private communication) are also presented. Error bars are 2σ. We
detect no obvious variability at any frequency over a 1 year baseline, though
the source rose by a factor of 5 between the mid-1990s and 2015. Two
different models are shown, one with a self-absorbed turnover at low
frequencies α=5/2 (dashed line) and a fully optically thin model with a
gentler turnover (solid line).
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Figure 22. Top: the phase space of slow extragalactic transients. The panel shows the upper limits to the transient rates from previous radio surveys (colored wedges;
95% confidence), the rates derived from radio transient detections (2σ error bars), and the expected transient rates. The transient detection labeled as “Le+02”
represents an SN II having a peak radio luminosity of 3×1027 erg s−1 Hz−1 and an evolution timescale of ∼15 yr (Levinson et al. 2002; Gal-Yam et al. 2006). The
one labeled “Ba+11” is a nuclear transient, SUMSS J060938–333508, with a peak radio luminosity of 6×1029 erg s−1 Hz−1 and an evolution timescale of <5 yr
(Bannister et al. 2011a, 2011b, K. Bannister 2015, private communication). All observed quantities are color-coded according to the observing frequency. The solid
gray line is the rate claimed by Bower et al. (2007), plotted for reference. The upper limit to the extragalactic transient rate from our pilot survey (this work) and the
phase space probed by the full CNSS survey are shown as thick green wedges. The phase space probed by the VLA Sky Survey all-sky tier (VLASS) is also shown.
The solid red line denotes the source counts from the FIRST survey, and the dashed red line denotes the approximate counts for strong variables at 1.4 GHz (1% of the
persistent sources). Bottom: the Galactic transient phase space. Symbols have similar meanings as in the top panel. Black solid lines denote the source counts from the
FIRST and the MAGPIS 1.4 GHz surveys. The source counts for variable Galactic sources approximated from Becker et al. (2010) are shown as a blue dashed line.
The transient rate for active binaries resulting from our pilot survey is shown by the green error bar, and the upper limit for the rate of all other classes of Galactic
transients is denoted by a thick green wedge. See Section 7.2 for more details.
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Figure 22. Top: the phase space of slow extragalactic transients. The panel shows the upper limits to the transient rates from previous radio surveys (colored wedges;
95% confidence), the rates derived from radio transient detections (2σ error bars), and the expected transient rates. The transient detection labeled as “Le+02”
represents an SN II having a peak radio luminosity of 3×1027 erg s−1 Hz−1 and an evolution timescale of ∼15 yr (Levinson et al. 2002; Gal-Yam et al. 2006). The
one labeled “Ba+11” is a nuclear transient, SUMSS J060938–333508, with a peak radio luminosity of 6×1029 erg s−1 Hz−1 and an evolution timescale of <5 yr
(Bannister et al. 2011a, 2011b, K. Bannister 2015, private communication). All observed quantities are color-coded according to the observing frequency. The solid
gray line is the rate claimed by Bower et al. (2007), plotted for reference. The upper limit to the extragalactic transient rate from our pilot survey (this work) and the
phase space probed by the full CNSS survey are shown as thick green wedges. The phase space probed by the VLA Sky Survey all-sky tier (VLASS) is also shown.
The solid red line denotes the source counts from the FIRST survey, and the dashed red line denotes the approximate counts for strong variables at 1.4 GHz (1% of the
persistent sources). Bottom: the Galactic transient phase space. Symbols have similar meanings as in the top panel. Black solid lines denote the source counts from the
FIRST and the MAGPIS 1.4 GHz surveys. The source counts for variable Galactic sources approximated from Becker et al. (2010) are shown as a blue dashed line.
The transient rate for active binaries resulting from our pilot survey is shown by the green error bar, and the upper limit for the rate of all other classes of Galactic
transients is denoted by a thick green wedge. See Section 7.2 for more details.
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Weak explosion + (mini)disk

2 K. Kashiyama, K. Hotokezaka, and K. Murase

The Inner core is directly 
swallowed by the black hole.  

Disk Outflow

Fast Blue Transient

The outermost layers have 
sufficient angular momentum 
to form a mini disk.

Decelerating Shock

Radio Afterglow

Circumstellar Medium

& Inverse Compton X rays

Figure 1. Schematic picture of black hole formation that is accompanied by a super-Eddington accretion disk and its electromagnetic
transients.

sients (Kashiyama & Quataert 2015), which might have al-
ready been detected (e.g., Drout et al. 2014; Tanaka et al.
2016). Related UV/optical transients with more kinetic en-
ergy have been expected at the birth of double BH bina-
ries, which may lead to GW 150914-like merger events in
∼ 1 − 10 Gyr (Kimura et al. 2017). In general, UV/optical
transients with a duration of a few days or shorter will
be explored more efficiently in the coming years. Multi-
wavelength observations will be crucial to distinguish the
newborn BH scenario from alternative models.

In this paper, we study the afterglow emission of ul-
trafast disk-driven outflows from newborn BHs. At a strong
collisionless shock formed at the interface of the outflow and
circumstellar medium, magnetic-field amplification and par-
ticle acceleration will occur, leading to synchrotron radiation
from accelerated electrons. The radio signal may be the most
promising and might have been already detected as a possi-
ble new class of radio transients, e.g., Cyg A-2 (Perley et al.
2017). Our scenario also predicts inverse-Compton (IC) X-
ray emission in the same time window as the fast blue tran-
sient. By combining the UV/optical and X-ray signals, the
radio afterglow can be used for identifying and probing this
type of BH formation.

This paper is organized as follows. In Sec. 2, we show the
setup and model for calculating the afterglow emission. The
results are shown in Sec. 3 and its implications are discussed
in Sec. 4. We use the notation Q = 10xQx in CGS units,
unless otherwise noted.

2 SETUP AND MODEL

In this section, we first describe progenitor stars assumed in
our scenario, with reviewing the diversity of BH formation
(Sec. 2.1). Then, we show properties of accretion-disk out-
flows (Sec. 2.2) and the surrounding circumstellar medium
(Sec. 2.3). The dynamics and microphysics of shocks be-
tween the outflow and circumstellar medium are modeled
in Sec. 2.4 and Sec. 2.5. Basic properties of the associated
synchrotron emission are described in Sec. 2.6. A schematic
picture of our scenario is shown in Fig. 1.

2.1 Progenitor stars

We consider collapsing massive stars which result in failed
SNe and forming BHs. The detailed conditions for SN ex-
plosions are still under debate. In general, stars with a
more compact inner core more likely results in a failed
explosion. The threshold of the compactness, which is
customary defined by the enclosed mass at 1,000 km
divided by 2.5 M⊙ , has been claimed to be ξ2.5 >

0.2 − 0.4 based on numerical simulations of SN explosion
(O’Connor & Ott 2011; Ugliano et al. 2012; Horiuchi et al.
2014; Pejcha & Thompson 2015, see also Sukhbold et al.
2017). Once the SN shock is stalled, the shocked matter
falls back onto the proto-neutron star, which finally collapses
into a BH. Then, a rarefaction wave propagates outward and
outer layers will accrete onto the BH successively.

A disk or torus is formed around the BH if the accret-
ing material has an angular momentum sufficiently larger
than a threshold value at the inner-most-stable orbit. If
the star rotates slow enough, the entire star is just swal-
lowed by the BH. Such cases can be observed as vanish-
ing massive stars or very weak SNe (e.g., Kochanek et al.
2008), and are probably the dominant path to forming mas-
sive BHs. The event rate would be slightly smaller than
the core-collapse SN rate, say ! 30 % (Gerke et al. 2015;
Adams et al. 2016). On the other hand, if the progeni-
tor rotates so fast that even its inner core has a suffi-
ciently large angular momentum, a massive accretion disk
is formed just after the BH formation. The BH-disk sys-
tem may launch a relativistic jet, which propagates though
and finally punches out the progenitor star. Such cases
have been considered as the central engine of GRBs (e.g.,
MacFadyen & Woosley 1999) and probably rare; the true
occurrence rate of GRBs is ∼ 0.1 % of the core-collapse SN
rate (e.g., Guetta & Della Valle 2007; Wanderman & Piran
2010), although the rate of low-luminosity GRBs may be
higher (Liang et al. 2007; Sun et al. 2015).

In this paper, we consider an intermediate be-
tween the above two extremes (or type III collapsars in
Woosley & Heger 2012). Angular momentum density of a
star basically increases with radius, and thus outer lay-
ers are more likely to form a disk when it collapses. The
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Figure 5. Comparison of fallback powered light curves (solid lines) from models
U45 (purple), S33 (green), S39 (red), and S39O (orange) with some observed
supernovae. The parameters for these events are given in Table 1. The orange
dashed curve assumes toff = 7 days. Data points are taken from Gezari et al.
(2009, SN 2008es), Mazzali et al. (2008, SN 1998bw and SN 2008D), and
Kasliwal et al. (2010, SN 2010X).
(A color version of this figure is available in the online journal.)

fallback energy scales with peak luminosity (Lp ∼ Efb ∼ v2
f ),

which is true if the accretion rate at late times scales with its
integral over all times. The apparent maximum in vf ! 3 ×
109 cm s−1 is from the case where the fallback mass and energy
dominate that of the SN explosion: vf ≃

√
ϵ/ξc = 0.1c for our

standard parameters. For the simple outflow models described
in Section 2, this maximum velocity scales as vf,max ∝ r

−1/2
fb

(cf. Equation (3)). The considerable scatter in Figure 4 is from
the breakdown of the above assumptions.

4.1. Candidate Events

Different classes of progenitor stars lead to different outcomes
in Figure 3. First, solar metallicity RSG progenitors for the most
part lead to relatively low luminosity events (Lp ! 1043 erg s−1).
At high ZAMS masses, these stars undergo substantial mass loss
and become stripped He or C/O stars. These progenitors can
lead to events with tp ≃ 20 days, Lp ∼ 1042−43 erg s−1. These
could potentially explain broad line Type Ibc GRB SNe: high
velocities are a natural outcome of the injection of large amounts
of fallback energy. Example fits are shown in Figure 5 for SN
1998bw (Galama et al. 1998) and SN 2008D (Soderberg et al.
2008). In the context of the collapsar model, this suggests that
the central engine could be responsible for all of the observed
properties: early time accretion leading to black hole formation,
the GRB, and the initial SN explosion; and late time accretion
powering the resulting light curve and the large expansion
velocities. These light curves can also be fit through standard
radioactive models (Maeda et al. 2006; Tanaka et al. 2009), but
accretion power provides an alternative explanation, particularly
for the high velocities.

BSG progenitors lead to two classes of outcomes depending
on the explosion energy. At low explosion energies, they can
produce luminosities Lp ∼ 1043−45 erg s−1 and peak times of
tp ∼ 2–40 days. The short durations are from the very small
ejecta masses, Mej ∼ 10−3–100 M⊙, with nearly all of the star
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Figure 6. Sample fallback powered light curves (top), and photospheric
temperatures (middle) and velocities (bottom). The dashed curves in the top
panel show the rate of energy injection from fallback accretion. The temperature
is estimated from the one zone model, while the velocity is taken to be the
maximum of vf and that calculated from the expanding ejecta. The temperature
remains fixed at TI during the plateau phase for events where hydrogen is
present.
(A color version of this figure is available in the online journal.)

falling back. For ξ = 0.1 used here, the wind mass is comparable
to the ejecta mass, and the injected fallback energy is much
larger than the initial explosion energy. This leads to large final
velocities and short diffusion times. Events with tp ∼ 25 days
can have light curve shapes very similar to observed luminous
Type II-L events. An example fit to the superluminous Type II-L
SN 2008es (Gezari et al. 2009) is shown in Figure 5.

At high explosion energies, BSG progenitors lead to a
range of long duration events with tp ≃ 100–300 days,
Lp ∼ 1042−44 erg s−1. The most luminous cases are either from
very massive stars ("40 M⊙) at low metallicity or from zero
metallicity stars with strong reverse shocks. In both cases, the
ejecta masses are ≃10–40 M⊙ with low expansion velocities,
vf ≃ 2000–6000 km s−1.

Subluminous Type I and II events are possible on a variety
of timescales. As an example, Figure 5 shows a comparison of
a Type I explosion with the transient 2010X (Kasliwal et al.
2010). The steep decay in this case requires that the accretion
turn off about 7 days after explosion (see Section 5.1).

Approximate light curves from examples of each of these
type of events are shown in Figure 6 along with photospheric
temperatures and velocities. The model parameters are listed
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Creepy transients powered by zombie stars? 
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Figure 1 Light curves of iPTF14hls. The type II-P supernova SN 1999em is shown in

dashed lines22, according to the ordinate axis at right. Data from the same day, instru-

ment, and filter are averaged for clarity. The Spectral Energy Distribution Machine (SEDM)

i-band data are shifted by +0.3 mag to compensate for filter differences. Unlike any known

supernova, iPTF14hls has at least five distinct peaks in its light curve (at approximately

140 days, 220 days, and 410 days after discovery, before discovery as indicated by the

R-band light curve, and while it was behind the Sun between day 260 and day 340 after

discovery). Error bars denote 1� uncertainties.
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ブラックホール形成と突発天体

•回転が
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- まあまあ速い場合、特に連星系
- めちゃくちゃ速い場合
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Figure 1. Schematic picture of tidally-locked secondary supernovae (TLSSNe); (i) A WR is synchronized via the tidal force
before its collapse. The inner part forms a secondary BH, while the outer material forms a disk around the BH. (ii) An ejecta
is launched by the disk-driven outflow. (iii) Thermal photons diffuse out from the ejecta.

wards the BH directly. Thus, an accretion disk is formed
around the newborn BH. This produces a massive out-
flow, which leads to a TLSSN.
When the secondary collapses, the outer material of

the secondary at a cylindrical radiusϖ is at the centrifu-
gal radius, rcf(R) = ϖ4ω2

s/(GMR) ≈ 2ϖ4/a3, where
MR ∼ M∗ is the mass enclosed inside the spherical ra-
dius R =

√
ϖ2 + z2. Setting rcf = 6GM∗/c2, we obtain

the critical radius for disk formation:

Rcr ≈
!

3GM∗a3

c2

"1/4

≃ 6.1× 1010M1/4
∗,1.5a

3/4
12 cm. (2)

Since R∗ > Rcr for our parameter choice, the outer ma-
terial can form a disk. The density profile of WRs can
be expressed as a polytropic sphere of index ∼ 2.5–3.5
(Kushnir et al. 2016). The outer region (R ∼> R∗/2) of
a polytrope n can be fitted as ρenv ≈ ρ∗(R∗/R − 1)n

(Matzner & McKee 1999), where ρ∗ ≈ AρM∗/(4πR3
∗)

and Aρ ≃ 3.9 is numerical constant that depends on the
polytrope index (we use n = 3). This expression can
reproduce the polytrope within errors of a few percents,
except for the very outer edge which does not affect the
result. The disk mass is then estimated to be

Md≈ 4π

# R∗

Rcr

dϖ

#

√
R2

∗
−ϖ2

0
dzϖρ∗

$

%

R2
∗

ϖ2 + z2
− 1

&n

=AρIdM∗ ≃ 0.41M∗,1.5I−2.5 M⊙, (3)

where Id =
' 1
xcr

dx
'

√
1−x2

0 dyx(1/
(

x2 + y2 − 1)n ≃
3.3 × 10−3 and xcr = Rcr/R∗. Note that Id is a strong

function of xcr that depends on M∗, so that the depen-
dence of Md on M∗ is not simple. The outer material
falls to the disk in a free fall time, tff ≈

(

R3
∗/(GM∗) ≃

5.4 × 102M−1/2
∗,1.5 R

3/2
∗,11 s. Then, the mass accretion rate

is estimated to be

Ṁenv ≈
Md

tff
≃ 7.5× 10−4M1/2

∗,1.5R
−3/2
∗,11 Md,−0.39 M⊙ s−1.

(4)
This accretion rate is much higher than the Eddington
rate, ṀEdd = LEdd/c2 ≃ 2.2 × 10−15M∗,1.5 M⊙ s−1,
while it is much lower than the critical mass ac-
cretion rate for neutrino cooling, Ṁ ∼ 1 M⊙ s−1

(Popham et al. 1999; Kohri & Mineshige 2002). Then,
the physical state of the accretion flow is ex-
pected to be the advection dominant regime, where
the outflow is likely to be produced (Narayan & Yi
1994; Blandford & Begelman 1999; Kohri et al. 2005).
The wide-angle outflow production is also commonly
seen in numerical simulations for central engine
of gamma-ray bursts (GRBs) (MacFadyen & Woosley
1999; Fernández & Metzger 2013). The outflow lumi-
nosity is estimated to be

Lw≈
1

2
ηwṀenvV

2
w (5)

≃ 2.4× 1049M1/2
∗,1.5R

−3/2
∗,11 Md,−0.39η−0.5V

2
10 erg s−1,

where we assume that the ηw ∼ 1/3 of the accret-
ing material is ejected as the outflow with velocity
Vw ∼ 1010 cm s−1. Although these parameters related
to the outflow are highly uncertain, these values of ηw

3

Figure 1. Schematic picture of the primary-induced accretion transients considered in this work. (a) At the birth of a BBH, a
small amount of material is ejected by the secondary BH. It accretes onto the primary BH, forming a disk around the latter.
(b) A disk-driven wind is launched. (c) Thermal radiation diffusively escape from the ejecta, while a fraction of the ejecta falls
back onto the primary BH.

where Θ(x) is the Heaviside step function and t′arr =
a/Vej,i is the arrival time of the ejecta at the primary
position. The fraction of the fallback matter is small,
Mfb/Mej ≈ (Vthr/Vej,i)3 ≃ 7.1× 10−2ξ−3

0.3χ
′3
−0.083.

After t′ > t′arr, the ejecta accretes onto the primary
BH. Assuming that the sound speed in the ejecta is
small due to adiabatic expansion, the accretion radius
is Racc = GMBH/(V 2

a + v2orb) ≈ GMBH/V 2
a , where

Va = a/t is the ejecta velocity at R = a (Edgar 2004).
Since Racc < a is satisfied, we can estimate the accre-
tion rate to be given by the Bondi-Hoyle-Lyttleton rate
(Shima et al. 1985; Edgar 2004)

ṀB-H≈ 4πR2
accρej,m

!

V 2
a + v2orb ≈

3Mej(GMBH)2

a3V 3
ej,i

(4)

≃ 8.7× 10−9M1/2
∗,1 R

3/2
∗,11.5Mej,−2a

−3
12 ξ

−3
0.3 M⊙ s−1.

For our conditions this accretion rate is approximately
constant in time, and much higher than the Ed-
dington accretion rate, ṀEdd = LEdd/c2 ≃ 7.0 ×

10−16M∗,1 M⊙ s−1. The duration of this high accretion
rate is

tdur = t′stop − t′arr ≃ 7.7× 103M−1/2
∗,1 R1/2

∗,11.5a12χ−0.16 s,
(5)

where t′stop = a/Vthr and χ = (ξ − χ′)/(ξχ′) ≃ 0.7 for
the reference parameters. After this time, the accre-
tion stops because there is no gas around the primary
due to the fallback. The total accreted mass, Macc ≈

ṀB-Htdur ≃ 6.7 × 10−5R2
∗,11.5Mej,−2a

−2
12 ξ

−3
0.3χ−0.16 M⊙,

is much smaller than Mej.
The accreted gas, due to its orbital angular mo-

mentum, forms a disk surrounding the primary BH
(de Val-Borro et al. 2009; Huarte-Espinosa et al. 2013),
The high accretion rate leads the disk to the advec-
tion dominated regime (Abramowicz et al. 1988), where
the wind production is expected (Narayan & Yi 1994;
Blandford & Begelman 1999). Numerical simulations
suggest the existence of powerful disk winds for ul-
traluminous X-ray sources via radiation (Ohsuga et al.
2005; Jiang et al. 2014) and gamma-ray bursts via
viscous heating and/or magnetohydrodynamic turbu-
lence (MacFadyen & Woosley 1999; Dessart et al. 2009;
Fernández & Metzger 2013; Kiuchi et al. 2015). We
assume that the wind is almost isotropic, a frac-
tion ηw ∼ 1/3 of the accreted material going into
the wind, whose velocity is approximately constant,
Vw ∼ 1010 cm s−1. These values of ηw and Vw are
consistent with recent radiation magnetohydrodynamic
calculations (Takahashi & Ohsuga 2015; Narayan et al.
2017) and observations of ultrafast outflows in quasars
(Hagino et al. 2015), although these values have large
uncertainty. The luminosity and the total energy of the

Either 
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ブラックホール形成と突発天体

•回転が
- 遅い場合
- まあまあ速い場合
- めちゃくちゃ速い場合

この会議の本題、GRBを作るくらい.
たぶんコアから降着円盤が作られるくらい.

そもそもどうやってそんな速く回すのか ?

とかその辺を衣川くんが話す（ことになっているはず）.



今日のまとめ
•ブラックホール形成に伴う突発天体
• 回転が遅い場合

• RSG ‒ luminous rednovae? ß vanishing star search
• BSG, WR ‒ sub-day blue transients? ß Tomo-e Gozen etc?

• まあまあ速い場合
• RSG ‒ disk-wind powered SNe? ß conventional SN search
• BSG, WR ‒ fast blue transients? ß high-cadence SN search

• めちゃくちゃ速い場合
• RSG ‒ failed jet & disk-wind powered SNe?
• BSG ‒ ultra-long GRBs?
• WR ‒ long GRBs

• 多波長の理論モデル、フォローアップ観測が重要
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Table 2. List of hydrodynamic models evolved and summary of results. Columns from left to right show model name, spatial
resolution, type of neutrino mass loss (exp: exponential, full: full loss, max: maximum loss; §2.3), cooling time, time to reach TOV
mass, total gravitational mass lost, ejecta mass, total ejecta energy, maximum kinetic energy, radius at which t↵ = min(⌧c, ⌧tov)
in the progenitor, analytic energy estimate (equation 20), and analytic ejecta mass estimate (equation 21). No ejecta mass or
energy is assigned to failed models except for Y25z-2 m, which ejects some matter but it is clearly bound (§4.5).

Model �r/r ⌫-loss ⌧c ⌧tov �MG Mej Eej Ek,max rc �E(rc) �M
(%) (s) (s) (M�) (M�) (1047 erg) (1047 erg) (109 cm) (1047 erg) (M�)

R15z00 e 0.9 exp 3 6.1 0.30 4.2 1.5 4.7 1.5 2.9 4.8
B25z00 e 3.1 0.24 4.9E-2 1.5 4.5 1.7 4.8 0.13
W40z00 e 2.6 0.22 5.0E-4 0.23 3.5 1.5 4.2 3E-3

R15z00 eHR 0.45 exp 3 6.1 0.30 4.2 1.9 4.5 1.5 2.9 4.8
B25z00 eHR 3.1 0.24 4.9E-2 1.6 4.4 1.7 4.8 0.13
W40z00 eHR 2.6 0.22 5.0E-4 0.25 3.4 1.5 4.2 3E-3

R12z00 e 0.9 exp 3 21 0.30 5.5 1.8 3.9 1.4 1.5 5.6
Y22z00 e 1.1 0.12 ... ... 0.4 0.8 1.8 1.2
Y25z-2 e 5.3 0.30 2.5 -1.0 8.1 1.5 8.7 11
B30z-2 e 4 0.30 0.2 1.4 10 1.6 9.3 0.85
B80z-2 e 0.2 0.03 ... ... 0.03 0.23 0.38 0.01
W26z00 e 6.8 0.30 8.1E-3 2.6 10 1.5 9.3 0.02
W50z00 e 1.2 0.13 5.7E-5 0.02 0.63 0.9 1.9 2E-3

R15z00 f 0.9 full 3 8.0 0.47 4.6 8.8 12 1.5 7.4 4.8
B25z00 f 4.2 0.43 0.11 9.1 18 1.7 16 0.20
W40z00 f 3.6 0.42 4.9E-3 3.0 17 1.7 13 9E-3
B80z-2 f 0.4 0.04 ... ... 0.05 0.42 0.63 0.02

R15z00 m 0.9 max 3 8.4 0.49 4.6 13 17 1.5 8.1 4.8
B25z00 m 3.7 0.37 9.5E-2 7.0 15 1.7 12 0.18
W40z00 m 3.0 0.33 2.6E-3 1.5 11 1.7 8.0 6E-3

densities above these values at radii . 10R�. If such winds
are also present at core collapse, it would modify the shock
breakout properties estimated in §5.

In order to implement these low ambient medium densi-
ties, the Helmholtz EOS is extended below its lower density
limit of 10�10 g cm�3 by assuming an ideal gas of electrons
instead of its standard table for electrons and positrons. The
floor of temperature in the simulation is set to the lower
limit of the Helmholtz table, Tfl = 104 K, at which hydro-
gen is still fully ionized. Simulations are stopped when the
temperature inside the shock approaches this floor value.

The list of hydrodynamic models evolved is shown in
Table 2. Our default neutrino mass loss scheme is the ex-
ponential model (equation 8), which we use in all our pro-
genitors. Model names using this prescription have ‘ e’ ap-
pended to their names. We adopt three baseline stellar mod-
els for more detailed study: the 15M� solar metallicity RSG
(R15z00), the 25M� solar metallicity BSG (B25z00) and the
40M� solar metallicity WR (W40z00). These three stellar
models are evolved at twice our baseline spatial resolution to
test convergence in mass ejection (�r/r = 0.45%), and the
corresponding model names have ‘HR’ appended to them.
We also repeat the three baseline progenitors using the full
loss model (equation 11) and maximum loss model (equa-
tion 14). These model names have ‘ f’ and ‘ m’ appended to
them, respectively.

The maximum simulation time depends on the struc-
ture of the progenitor. The RSG model is evolved up to
107 s, shortly after the shock breaks out of the stellar sur-
face. The stopping time is set by the moment when the fluid
behind the shock approaches the floor of temperature in the

Helmholtz EOS (104 K), at which point simulations are no
longer reliable (in particular, the internal energy starts to
grow and total energy is not conserved). The BSG and WR
models are evolved to 106 s and 104 s, respectively. The cri-
terion for stopping here is to achieve nearly constant kinetic
and total energies in the ejected shell while at the same time
not sweeping up so much mass in the ambient medium that
the shell starts to slow down.

3 ENERGY BUDGET FOR THE OUTGOING
SOUND PULSE AND SHOCK

The change in gravitational mass �MG due to neutrino emis-
sion occurs over a finite timescale

⌧⌫ = min{⌧c, ⌧tov}, (15)

where ⌧c is the neutrino cooling time in the protoneutron
star and ⌧tov is the time to collapse to a BH. Changes in the
gravitational acceleration act on the di↵erent stellar layers
on the local free-fall time

t↵(r) =


r3

GM(r)

�1/2

, (16)

which generally is an increasing function of radius. Regions
in the collapsing star for which t↵ ⌧ ⌧⌫ fall onto the black
hole without experiencing any significant change in their
gravitational acceleration; conversely, regions that satisfy
t↵ � ⌧⌫ respond instantaneously to the change in gravity
(Figure 1). The transition between these two regimes lies at
a radius rc such that

t↵(rc) = ⌧⌫ . (17)
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